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Chapter 1

Star Formation: An Overview

1.1 Introduction

Oneof the basictasksof scienceis to understand how we and the world around us have
comeinto existence.The thesispresentedhere dealswith a small part of that question:
how do stars form? In the eighteenth century the French astronomer Laplace asked
himself the samequestion, and came up with the answer we still consider essentially
correct today: stars form out of large clouds of gas (and dust) in interstellar space
which collapseunder the in�uence of their own gravity. However, after more than two
centuries of research many important questions regarding the star formation process,
and the fundamentals of planet formation, still remain unanswered. Nonetheless, the
rapid progressin our knowledge of star formation in the last few decades,mainly due
to the availability of a new generation of astronomical instruments, aswell asa number
of surprising discoveries, show that we are now at the brink of a fundamentally better
understanding of the origins of our own solar system. Therefore the subject of star
formation is one of the most exciting �elds of astrophysics today.

Today, the standard pictur e of the processof low-mass star formation (Shu et al.
1987)is divided in four distinct phases.First, a number of densecoresdevelop within
a molecular cloud. At some point, the dense cores collapse to form embedded pro-
tostars which accumulate material by accretion from the surrounding cloud. As the
embedded protostars accrete mass, they also lose mass due to a strong stellar wind,
which eventually leads to the dispersion of the reservoir of massfrom the protostellar
envelope and the end of accretion. The former protostar, now a pre-main sequence
star, begins to contract slowly, increasing its central temperature until hydr ogen igni-
tion takesplace and it hasbecomea stablestar on the main sequence.

Collapse of a cloud naturally leads to disk structures as material with signi�cant
angular momentum will beunable to fall dir ectly onto the central star, and will instead
accumulate in a rotating disk. The star can only accrete this material if the disk can
shed angular momentum; as the mass moves inwar ds, the angular momentum has
to move outwar ds and be stored in larger rotating bodies like the planets in our own
solar system. Although the detailed physics behind this is by no means clear, there
is strong observational evidence that in all astronomical objectswhere accretion disks
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CHAPTER 1. STAR FORMATION: AN OVERVIEW

Fig. 1.1. Schematic pictur e of the environment of a young stellar object. Infall of
matter onto the circumstellar disk, accretion onto the central star and accretion-driven
out�ow are indicated by arrows [fr om Wood 1997].

are formed, energetic ejectaof material along the rotation axis of the system are also
present. The ejectacan also carry away part of the angular momentum of the system,
allowing accretion of massonto the central object. Thesejets,commonly seenin young
stellar objects (YSOs), may accelerateambient molecular material and drive a more
or lesscollimated bipolar molecular out�ow . A schematic pictur e of this view of the
environment of a YSOis shown in Fig. 1.1.

1.2 Pre-main sequencestellar evolution

The �rst numerical simulations of stellar evolution were done by Henyey et al. (1955).
They followed the evolution of pre-main sequencestarsto the main sequence,showing
that a young star remains nearly constant in brightness with increasingtemperature as
it contracts towards the main sequence. Later, Hayashi (1961)pointed out that these
evolutionary tracks were incomplete since they assumed the star would be fully ra-
diative until the onset of core hydr ogen burning, whereasthe star would be fully con-
vective prior to the radiative phase described by Henyey et al. Subsequentpre-main
sequenceevolutionary computations (Hayashi 1961; Iben 1965;Larson 1969)started
at low temperature and high luminosity and are vertical in the Hertzsprung-Russell
(HR) diagram until the luminosity of the star drops below the stability criterion. At
this point, the star becomesradiative and evolves along a nearly horizontal track to
the main sequence. The starting point in these pre-main sequenceevolutionary cal-
culations will be determined by the outcome of the cloud collapse phase, which was

2



1.2. PRE-MAIN SEQUENCESTELLAR EVOLUTION

not incorporated in theseearly models, but was assumedto be at low temperature and
high luminosity . The �rst one to incorporate the physics of cloud collapse into a nu-
merical evolution code was Shu (1977),who showed that it would start in the cloud
center and work from the inside-out, due to the limited sound speedin the cloud. The
timescale for this collapse would be determined by the accretion rate, which is depen-
dent on the local sound speed.

Shortly after the Shu model gained general acceptanceas the standard star forma-
tion scenario, Cohen & Kuhi (1979)constructed HR diagrams for several nearby star
forming regions, and showed that, even in the youngest systems, there is an upper
bound on the Hayashi tracks above which stars are not found. Stahler (1983) sug-
gested that pre-main sequencestars would be �rst seenin a narrow locus, the “birth-
line”, determined by the mass-radius relationship of the protostar at the end of accre-
tion, and equated the birthline with the upper limit seenby Cohen & Kuhi. Stahler
(1988)later showed that deuterium burning would start during the accretion process
and continue until after accretion ends. This has important consequencesfor proto-
stellar evolution, since it will keep the central object convective: the newly accreted
matter will be brought deep into the interior of the star, providing new fuel for the
deuterium burning. The situation for high-mass stars is somewhat dif ferent: the col-
lapse timescale is longer than the pre-main sequencecontraction timescale so that the
star reachesthe main sequencebefore the accretion is complete. Stars more massive
than the limit for which this will be the casewill not be observable in their pre-main
sequencephase. Depending on the accretion rate (which is assumedconstant and in-
dependent of the stellar massin the evolutionary model computations), the masslimit
at which this would happen is now estimated to be between 7 and 15 solar masses
(Palla & Stahler 1992,1993).

With this general pictur e of star formation in mind, Lada & Wilking (1984)grouped
infrar ed sources in the � Ophiuchus cloud into three now commonly used classes,
based on their spectral energy distribution (SEDs). Class I sources have strong in-
frared excesses(i.e. broader than a blackbody), peaking at far-infrar ed wavelengths.
The optical sourceis heavily embedded and is generally not visible in the optical. Class
II sourcesare stars with strong infrar ed excesses,but with �at or decreasingslopes(in

�����

) at wavelengths longer than 2 � m. ClassII sourcesareusually optically visible and
many show emission lines. Class III objects have decreasing slopes in their infrar ed
energy distribution, consistentwith a reddened stellar photosphere. Thesesourcesare
also optically visible, and many still show tracesof youth in their spectra. An illustra-
tion of typical SEDsof theseLada classesfor YSOsis given in Fig. 1.2. In recentyears,
some authors have extended this classi�cation schemeby intr oducing Class0 sources
(e.g. Andr é et al. 1999and referencestherein): sourceswhich are only visible at sub-
mm wavelengths. Theseare believed to be the coresof parental clouds of gasand dust
which are heatedup by gravitational contraction, and in which protostars are forming.

Adams & Shu (1985,1986)developed models for the spectral energy distribution
of protostars and showed they are consistent with ClassI spectra. Adams et al. (1987)
extended this argument to strengthen the connection between the sequenceof Class
I, Class II, Class III and the evolutionary stagesof embedded protostar, exposed pre-

3



CHAPTER 1. STAR FORMATION: AN OVERVIEW

Fig. 1.2. Classi�cation schemefor YSOspectral energy distributions [fr om Lada 1987].

main sequencestar with circumstellar material, and isolated pre-main sequencestar.
They also showed that to �t the energy distribution of a Class II source, it is essential
to include a disk in the system. While theseand other models generally compare well
with the observed shape of the SEDs,they do not agree at a high level of precision.
Existing models still make too many simplifying assumptions about the geometry of
the emitting material to achievea high level of accuracy(seee.g. Calvet et al. 1994).

1.3 Molecular clouds

The regionsof enhanceddensity in the interstellar medium known asmolecular clouds
are the birthgr ounds of young stars. Historically , molecular, or dark, clouds were dis-
covered through the obscuration of the light of background starsby the dust associated
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with the cloud. However, the study of molecular clouds did not reach its full growth
until it becamepossible to observe mm and submm transitions of molecular species
such as CO and NH � (Cheung et al. 1968;Wilson et al. 1970;Kutner et al. 1977),al-
lowing more detailed studies of the kinematics and distribution of the molecular gas
to be made. Today, more than 100dif ferent molecular specieshave beenfound to exist
in molecular clouds.

Molecular clouds are usually divided in two groups. Most stars in our galaxy are
thought to have formed in a Giant Molecular Cloud. Theseare located in the spiral
arms of our galaxy and have massesup to 10

�

M � . The Orion complex is the best-
known and nearest example of such a Giant Molecular Cloud. However, stars are
also found to form in smaller molecular clouds, not necessarilycon�ned to the spiral
arms, of which the Taurus-Auriga complex is the best studied example. Thesesmaller
molecular cloud complexes can probably survive one or more rotation periods of our
galaxy and thus exist long enough to allow the star formation processto take place
(e.g. Shu et al. 1973).

The material in a molecular cloud is not distributed in a homogeneous way. Gi-
ant molecular clouds are actually cloud complexes,composed of smaller clouds with
masses10� –10

�

M � , in which the density is an order of magnitude higher than in the
inter-cloud medium. Myers & Benson (1983)were the �rst to perform a systematic
search for denser cores of molecular gas in star forming regions. These cores, with
massesbetween 1 and 100 M � are now believed to be on the verge of gravitational
collapseand eventually will form a single star. They are often clustered and may share
a common envelope.

Star formation occurs when a clump in a molecular cloud collapsesunder the in-
�uence of its own gravity. However, gravitational collapse is an ef�cient process,so
from a theoretical point of view no such clumps should be visible if the cloud had
no means to support itself. The fact that we still observe clumps in molecular clouds
means that some form of cloud support must be present. It is believed that the pro-
cessknown as ambipolar dif fusion is the main mechanism which slows down cloud
collapse. In the presenceof magnetic �elds, the bulk of the material, which is neutral,
will still try to collapse under its own gravity. However, it will interact with a trace
fraction of ionized material, supported by the magnetic �eld, and the neutrals can be
supported against their self gravity through the frictional drag they experienceasthey
slip relative to the ions. Due to ion-neutral collisions, magnetic energy is slowly lost
and eventually cloud collapse will take place,although at a much slower rate than ex-
pected from gravity alone. For a more detailed description of the physical conditions
in molecular clouds the reader is referred to the recentwork by Evans (1999).

1.4 T Tauri Stars

When spectrographs becameavailable in the last century, a classof stars was found,
often located in nebulous regions and showing variations in brightness, which have
late-type absorption spectraon which strong emission lines of hydr ogen, calcium and

5



CHAPTER 1. STAR FORMATION: AN OVERVIEW

iron are superposed. Soon after their discovery, it was speculated that these T Tauri
stars, named by Joy (1945)after the brightest member of the class,could be identi�ed
with young stars, still contracting towards the main sequence. However, de�nitive
proof of their pre-main sequencenature had to wait until Walker (1956)made the �rst
colour-magnitude diagrams of star forming regions that were suf�ciently accurate to
prove the presenceof late-type stars located above the main sequence.Walker noted
that many of thesepre-main sequencestarswere T Tauri starsand suggestedthat all T
Tauri starsmight be low-mass pre-main sequencestars.

Sincethen, the T Tauri stars have been intensely studied. Optical studies of emis-
sion lines have shown that matter is not only being accreted, but that some lines also
exhibit P Cygni pro�les, characteristic of massloss. Absorption line spectraof the cen-
tral late-type star often appear superposed on a blue continuous spectrum, an effect
known as veiling. After the development of UV and infrar ed instrumentation in the
1960'sand 1970's,it was shown that T Tauri stars also possessboth excessultraviolet
and infrar ed emission abovephotospheric levels. In the classi�cation schemeof young
stars they are Class II sources. Subsequentmodelling successfully explained the to-
tal energy distribution of T Tauri stars as arising in a late-type star which is accreting
matter through a circumstellar disk. The infrar ed excessis believed to come from con-
tinuum emission from gasaswell asfrom heateddust particles in the disk. The excess
ultraviolet emission is believed to arise in the boundary layer between the star and the
disk, where the gas is heated to high temperaturesby frictional forces. Both accretion
disk and boundary layer will give rise to the blue continuum in the optical responsi-
ble for the veiling. The amount of ultraviolet excessis correlated with the strength of
the emission lines and so does, to a lesserextent, the near-infrar ed part of the infrar ed
excess. In T Tauri stars, emission lines like the Balmer lines are usually explained as
arising in a strong wind, either from the disk or from the central star, although some
lines, most noticeably the forbidden atomic transitions, probably arise in the surface
layers of the circumstellar disk. The correlation between excessesand emission line
strength therefore suggeststhat in T Tauri starsout�ow strength depends on accretion
rate.

The advent of X-ray astronomy showed the T Tauri starsto bestrong X-ray emitters,
linked to strong magnetic activity (�ar es)on the stellar surface. It also revealed a pop-
ulation of late-type �eld stars in star forming regions which show very weak, if any,
emission lines, no ultraviolet excess,and little or no infrar ed excessand yet show com-
parable levels of X-ray emission to the T Tauri stars. Theseare now usually referred to
asweak-line T Tauri stars(WTTS),whereasthe T Tauri starswith strong emission lines
are nowadays often referred to as classicalT Tauri stars (CTTS).It should be stressed,
however, that in reality there exists a continuous range of emission line strengths in
T Tauri stars between the extreme casesof CTTSand the WTTS, so the distinction be-
tween the two groups is somewhat arti�cial. The distribution of WTTSand CTTSin the
HR diagram was shown to be not signi�cantly dif ferent. The discovery of the WTTS
thus showed that the low-mass pre-main sequencepopulation of star forming regions
is not limited to starswith accretion disks, but also contains starswhich are essentially
stripped of all circumstellar material.

6



1.5. HERBIG AE/BE STARS

From the veiling and the optical emission lines, a large spread in accretion rates
(typically 10�

�

to 10�

�

M � yr �

�

) was derived for classicalT Tauri stars of similar ages,
suggesting that the accretion rate is not constant in time. This suggestion is con�rmed
by the existenceof an interesting subgroup of the T Tauri stars, the FU Orionis stars
or FUORS.First identi�ed as a classof young stars with large increases(about 4

�

) in
optical light lasting several decades(Herbig 1966,1977),they are now recognized as
systems in which the mass accretion rate through the circumstellar disk increasesby
orders of magnitude to � 10�

�

M � yr �

�

during a short period of time, probably due to
thermal instabilities in the accretion disk. For further details on T Tauri and FU Orionis
stars, the reader is referred to the excellent reviews by Bertout (1989)and Hartmann &
Kenyon (1996).

1.5 Herbig Ae/Be Stars

Soonafter Walker 's (1956)discovery that T Tauri starsare low-mass pre-main sequence
stars, Herbig (1960)identi�ed a classof “Be and Ae stars associatedwith nebulosity”
which he suggestedto be likely high-mass counterparts to the T Tauri starson the basis
of their general similarity to the T Tauri stars and their spectral similarities with each
other. For an object to be included in this classof stars, now known as Herbig Ae/Be
stars (HAeBes), Herbig proposed the following membership criteria: (1) spectral type
earlier than F0,(2) presenceof emission lines, (3) located in an obscured region, and (4)
illuminating a fairly bright re�ection nebula.

For a long time, the pre-main sequencenature of the HAeBes was doubted be-
cause the early stellar evolution models suggested that stars heavier than 3–6 solar
masseswould have collapse timescaleslonger than the pre-main sequencecontraction
timescale and would therefore not be observable in their pre-main sequencephase.
This, and the fact that the proposed membership criteria would not only selectyoung
stars,but also someclassesof post-main sequenceobjects(aswas already pointed out
by Herbig himself), made an entire generation of astronomers virtually ignore the ex-
istenceof Herbig Ae/Be stars. Not until the recognition of the nature of the observa-
tional birthline for intermediate-mass stars by Stahler in 1988,was it realized that the
upper masslimit for which a star ends up on its Hayashi track, is in fact much higher
than that predicted by the early evolutionary models and intermediate-mass pre-main
sequencestarsdo in fact exist.

Nonetheless,the original HAeBe membership criteria were clearly not suf�cient to
select only intermediate-mass pre-main sequencestars. Also, an increasing number
of stars which clearly resembled the Herbig Ae/Be stars, but were located in more
isolated regions, were found by the IRAS satellite as well as in ground-based surveys
(Hu et al. 1991;Oudmaijer et al. 1992;Bogaert 1994;Thé et al. 1994),so it became
evident that Herbig's original criteria did not selectall intermediate-mass young stars.
Therefore many subsequent authors have re-interpreted the criteria for membership
of the Herbig Ae/Be stellar group and even use the term more loosely to indicate
young intermediate-mass stars. Probably the most reliable membership criteria de-
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CHAPTER 1. STAR FORMATION: AN OVERVIEW

Fig. 1.3. Lightcurve (top) and colour-magnitude diagrams (bottom) of the Herbig
Ae star UX Ori in the Strömgren ���

���

system. Data courtesy of ESO's long-term
photometry of variables programme (Manfr oid et al. 1991,1995;Sterken et al. 1993,
1995).
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1.5. HERBIG AE/BE STARS

�ned nowadays are thosegiven by Waters& Waelkens(1998)in their review of Herbig
Ae/Be stars: (1) spectral type A or B with emission lines, (2) presenceof infrar ed excess
due to hot or cool circumstellar dust or both, and (3) luminosity class III to V. In the
thesis presentedhere we will adhere to this de�nition.

One of the main criteria for membership of the Herbig Ae/Be stellar group is the
presenceof emission lines, especially in the Balmer lines of hydr ogen. Apart from
these,many HAeBesalsoshow lines like Ca I I, O I, [O I], [N I I], aswell asmany metallic
lines in emission. The �rst systematic investigation of the line pro�les of HAeBes was
done by Finkenzeller & Mundt (1984),who found that most have a “double-peaked”
H � pro�le, consisting of a, sometimesshifted, emission peak with an almost unshifted
absorption component superposed. However, some stars with single emission peaks,
aswell asHAeBes which show P Cygni and inverse P Cygni pro�les were also found.
Later, it becameclear that in at least some casesthese line pro�les are highly variable
on time scalesof days (e.g. Grinin et al. 1994).

Most of the emission lines observed in the HAeBe spectra can be well understood
as arising in a stellar wind, although in analogy with the T Tauri stars some, most
noticeably the forbidden atomic lines, are believed to be formed at the surface layer
of the circumstellar disk. The emission lines are seen superposed on an absorption
spectrum of a stellar photosphere. Sincethe contrast in brightness between accretion
disk and stellar photosphere is much higher in Herbig Ae/Be stars than in T Tauri
stars, veiling in HAeBes is limited to a small number of extremely rapidly accreting
systems, possibly going through a prolonged FUOR-like accretion phase. However,
for the vast majority of HAeBes the absorption line spectrum is entirely photospheric
(e.g. Böhm & Catala 1993;Corcoran & Ray 1997).

One of the best studied properties of the HAeBe stellar group is the photometric
variability exhibited by many, though not all, HAeBes. This may either be explained
by rotational modulation of cool spots on the stellar surface, variable accretion, or by
variable amounts of circumstellar extinction (Bibo & Thé 1991;Herbst et al. 1994). A
particularly interesting subgroup of the Herbig Ae/Be stars are the UX Orionis-type
stars,or UXORs. Theseare systemswhich show deep (up to

���

���

�

), irr egular, vari-
ations in brightness. The aperiodic minima of UXORs have faster declines than recov-
eries and there usually is a very tight correlation of the magnitude with the colours,
which get redder as the star fades. This behaviour is characteristic of variable, pre-
sumably circumstellar, extinction of the starlight by dust particles. During very deep
minima, the photometric behaviour of UXORs may changeand there is a colour rever-
sal or blueing effect: the colours get bluer as the star fades even further . Furthermor e,
there exists a perfect anticorrelation between the brightness and the degree of linear
polarization for UXORs (e.g. Grinin et al. 1991).

The photometric behaviour of UXORs can easily be understood by assuming the
presenceof patchy dust clouds, orbiting in Keplerian orbits around the star (Wenzel
1968;Grinin 1988).When such a dust cloud passesour line of sight, the light from the
star becomesfainter and redder due to extinction by the particles in the dust cloud.
Sub-� m dust grains in the dust clouds will also scatter the starlight, providing a con-
stant, faint, blue emission. Below somebrightness, the scattered blue light will start to

9



CHAPTER 1. STAR FORMATION: AN OVERVIEW

Fig. 1.4. ISO spectraof HD 100546(top curve) compared to thoseof comet Hale-Bopp
(middle) and lab spectra of Forsterite (bottom curve) [adapted from Malfait et al.
1998].
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dominate, and produce the observed blueing effect. The scattered light will also have
a higher degreeof polarization than the light that reachesus dir ectly from the star, so
this pictur e will also explain the observed anticorrelation between brightness and de-
greeof linear polarization. Deviations from the perfect correlation between magnitude
and colour predicted by this model can be accounted for by additional variations due
to cool spots or variable accretion. The photometric behaviour of UXORs is illustrated
in Fig. 1.3,where we show a lightcurve and colour-magnitude diagrams of the UXOR
prototype UX Ori.

Studies of the photometric variability of Herbig Ae/Be stars by Finkenzeller &
Mundt (1984)and Bibo & Thé (1991)have shown that the UXOR phenomenon is lim-
ited to HAeBes with a spectral type later than A0. This result is still not well under-
stood. It has been suggested,however, that this is merely a selection effect (Grady et
al. 1996).In Chapter 3 it will be shown that this is not the case,and we will offer an ex-
planation for the fact the the UXOR phenomenon is only observed in Herbig Ae stars
by showing that it is limited to giants.

At wavelengths longer than about 1 � m HAeBe stars show strong excessemission
above photospheric levels, due to circumstellar dust heated by the central star. For
a long time, the geometry of this material has been a controversial subject. Whereas
one would expect such hot dust ( � 1500K) to be located close to the star, where it
can only be stable in a disk-like geometry, someauthors have proposed that this emis-
sion arises in an extended dust shell containing very small dust grains not in thermal
equilibrium with the stellar radiation �eld (Hartmann et al. 1993;Natta et al. 1993).
However, submm interferometry in the

�

� CO 1–0 transition by Mannings & Sargent
(1997)clearly show the molecular emission to be blue-shifted, indicative of approach-
ing gas,on one side of the star, whereasred-shifted emission (receding gas) is strictly
con�ned to the other side of the star. Theseresults are dif �cult, if not impossible, to ex-
plain with anything but a rotating disk-like structure, so it appearsthat the presenceof
circumstellar disks around HAeBes is now proven beyond doubt. However, more ex-
tended envelopesare also present in some systemsand will show up asan additional
cool component in the energy distribution.

One of the most exciting recentdevelopments in the �eld of Herbig Ae/Be stars is
the progressin the �eld of infrar ed spectroscopy. Ground-based spectroscopy as well
as the results from the IRAS mission have shown that both C-rich (as seen in Poly-
cyclic Ar omatic Hydr ocarbons; PAHs) and O-rich (as seen in silicates) dust particles
are a common component in the circumstellar environment of HAeBes. In particular ,
many UXORs show the 10 � m amorphous silicate feature strongly in emission. How-
ever, after the launch of the InfraredSpaceObservatory(ISO), our understanding of the
circumstellar dust in these objectshas becomemore blurr ed, since it was shown that
the exactnature of the circumstellar dust of HAeBes varies widely and dust properties
do not correlate well with one another (c.f. Chapter 5). An especially spectacular ISO
result is the infrar ed spectrum of the Herbig B9 star HD 100546(Waelkenset al. 1996;
Malfait et al. 1998;Fig. 1.4). In this object,part of the circumstellar dust must consist of
magnesium-rich crystalline olivines, the mineral forsterite (Mg � SiO� ). This is exactly
the samematerial as is found in comets in our own solar system (e.g. Crovisier et al.
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CHAPTER 1. STAR FORMATION: AN OVERVIEW

Fig. 1.5. Molecular out�ow in L1157,mapped in H � 0–0S(5)emission with ISOCAM
(grey scale).Superposedare contours of the CO 2–1emission. The circle at the bottom
right corner shows the beam size of the CO observations [fr om Richer et al. 1999].
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1997),suggesting that the processingof circumstellar dust in the primitive solar system
bearssimilarity to that in HAeBes.

The general pictur e of the phenomena seenin Herbig Ae/Be starsoutlined above is
not signi�cantly dif ferent from that seentowards T Tauri stars, although both groups
are fairly heterogeneous:strongly accreting HAeBes such asV380Ori or Z CMa show
a high degreeof analogy to the classicalT Tauri stars, whereasthe HAeBe systemsin
which accretion has nearly stopped, such as AB Aur or UX Ori, are reminiscent of T
Tauri stars with a low degree of veiling. The in�uence of the fundamental dif ference
between Herbig Ae/Be and T Tauri stars, the presenceof a convective atmosphere,
does not seemto affect the evolution of the circumstellar disk. The weak-line T Tauri
starsdo not have a dir ectanalogue in the formal Herbig Ae/Be stellar group, but stud-
ies of the HR-diagram of young OB associations(e.g. van den Ancker et al. 1997;de
Winter et al. 1997)show that typically 90% of pre-main sequenceintermediate-mass
cluster members are not recognizable as HAeBes. Thesemay be the analoguesof the
WTTS,although they cannot be easily recognized asbeing young in X-rays becauseof
the absenceof a convective envelope. As a �nal note, we refer the reader to the recent
reviews by Pérez & Grady (1997)and by Waters& Waelkens(1998)for a more detailed
overview of Herbig Ae/Be stars.

1.6 Out�ows and jets

It has been known for a long time that mass loss is a common phenomenon in pre-
main sequencestars. Optical spectra of T Tauri stars showed early on the presenceof
strong winds (Joy1945;Herbig 1960;Kuhi 1964).In 1971,Luyten pointed out the large
proper motion of small bullets of intense nebular emission, known as Herbig-Har o
objects,associatedwith the dark cloud L1551. Nowadays these Herbig-Har o objects
are understood as fast-moving (a few hundr ed km s �

�

) bullets of shocked gas in the
out�ow of a young star. Cudworth & Herbig (1979)con�rmed the Luyten (1971)result
and made several suggestions for the causeof the large proper motion, including the
suggestion that the objectswere moving away from the position of the infrar ed source
L1551IRS5.

It is ironic that a search for infalling material around protostellar candidatesresulted
in the �rst discovery of molecular out�ows. In aclassicpaper, Snell et al. (1980)reported
the discovery of abipolar CO out�ow from L1551IRS5and presentedall of the modern
components of an accreting YSO system: large lobes of the molecular out�ow driven
by a fast, ionized wind collimated by a thick torus of material surrounding the central
star. Once this model was presented, many objects, in a luminosity range as wide
as0.2 to 10

�

L � , were found to drive molecular out�ows. They usually have a bipolar
morphology, but often appear poorly collimated in CO. In Fig. 1.5we show an example
of a bipolar molecular out�ow , observed in CO in the submm and in pure rotational
transitions of H � with ISO.

There is strong observational evidence that accretion is linked to out�ow phenom-
ena. Deduced orientations of out�ows are invariably found to be perpendicular to the
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Fig. 1.6. Continuum HST images of the edge-on disks surrounding IRAS 04302+2247
(top left), Orion 114-426(top right), HH Tau (bottom left) and HK Tau/c (bottom
right). Each panel is 1200AU squared and all intensities are logarithmically scaled
[fr om McCaughrean et al. 1999].

Fig. 1.7.HST imagesof four silhouette disks in the Orion nebula. All are seenagainst
the nebular H � background. Each panel is 900 AU squared [fr om McCaughrean &
O'Dell 1996].
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rotation axis of an accreting source, with a good correlation between indicators of ac-
cretion activity and the mass loss rate. This is an important result, since the end of
accretion is one of the most important phasesin the formation of a young star. The
point at which accretion stops determines the massof the star which will develop. The
accretion processis thought te be interr upted by the presenceof a strong out�ow as
the source cloud from which the circumstellar disk is being replenished is disrupted.
Hence the end of accretion also marks the transition between the embedded and ex-
posed phasesof evolution. The transition between thesetwo stagesis apparently quite
rapid, asevidenced by the lack of sourceswith very �at far-IR SEDs.

Perhaps the most spectacular visual phenomena related to star formation are op-
tical jets of ionized gas. These have much smaller opening angles (typically a few
degrees)than the molecular out�ows and usually show a knotty structure. They of-
ten contain Herbig-Har o objectsand may extend many parsecsaway from the driving
source. Occasionally they are also seen in extremely high velocity molecular mate-
rial (e.g. Bachiller et al. 1990). These fast jets from YSOsare usually interpr eted as
accretion-powered, centrifugally driven winds from magnetized accretion disks (e.g.
Königl & Pudritz 1999). Recent results (see for example the review by Richer et al.
1999)suggest that at least for low-mass systemsthis jet may drive the molecular out-
�ow . In turn, this may accelerateambient molecular cloud material, causing a shock
if the material reachessupersonic velocities. In Chapters 7 to 10 we will study the in-
frared emission line spectra of a number of YSOsand show that theseare commonly
dominated by material heated in such a shock.

1.7 Protoplanetary disks

At about the same time that out�ows were recognized, observational evidence was
mounting for the presenceof disks in YSO systems. Thesedisks may be present in a
variety of shapesand sizes. On the largest scales,the envelope of molecular gas may
be rotating slowly around the central object. Evidence for such large scale (10� –10

�

AU) bulk motions has beenseenin the CO velocity �elds for several embedded YSOs
(seeStaude& Elsässer1993for a review). More recentCO submm-interfer ometry has
also revealed the presenceof much smaller (a few hundr ed AU) rotating structures
around several optically visible YSOs(Mannings & Sargent 1997),which may probe
the circumstellar disk dir ectly.

The spectral energy distribution models of Adams & Shu (1985)implied the pres-
enceof warm circumstellar disks to explain the amount of mid-IR emission. The large
observed amounts of mid- and far-IR emission in systemswith relatively low extinc-
tion to the central star also imply a disk geometry. Furthermor e, early millimeter con-
tinuum interferometry (Keene& Masson 1990;Lay et al. 1994)revealed compact (100
AU size) structures which were strongly suggestive of disks. Severalsystemssuch as
L1551IRS5 and R Mon show evidence for axisymmetric dust distributions in the pat-
tern of light re�ected off nearby re�ection nebulae. Thesepatterns are explained as
shadow patterns cast by a star shining through the polar regions of a disk-like struc-
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ture. Polarization observationsshow that in severalsystems,the bulk of the emission is
seenonly through scattering, while the dir ect line of sight is heavily obscured (Bastien
1989and referencestherein). The shapeof emission line pro�les, in which only blue-
shifted wings are seen,particularly in forbidden lines formed relatively far from the
central star, are further evidence of obscuring circumstellar disks (e.g. Mundt 1984).
Thesepiecesof evidence imply the presenceof moderately large disks with scalesof
hundr eds of AU. Recently, the HubbleSpaceTelescope(HST) has produced spectacular
images of disks around low-mass YSOs in the Orion nebula, seen in their dir ect IR
emission (e.g. Beckwith et al. 1989;Chen et al. 1998),or via the shadows caston back-
ground emission (McCaughrean & O'Dell 1996).Examples of such disks are shown in
Figs.1.6and 1.7.

If YSOcircumstellar disks cansurvive long enough, the dust particles in the disk are
expectedto grow into km-sized bodies,planetesimals,and eventually into full-�edged
planetary systems(Weidenschilling 1980;Weidenschilling et al. 1989;Wetherill 1990).
The discovery of extrasolar planets around main sequencestars through re�ex proper
motions (Mayor & Queloz 1995;Marcy & Butler 1998)suggests that this is indeed a
common phenomenon. Becausethey are believed to be the site for planet formation,
non-accreting disks around young stellar objectsare often called protoplanetary disks
(not to be confused with the disks in protoplanetary nebulae). An interesting conse-
quence of planet formation in YSO disks is that the newly formed planet will sweep
up its surrounding material and open up a gap in the disk at the radial distance of
the planet (Artymowicz 1987;Lin et al. 1999). The size of the gap will depend on the
massof the planet. Thesegaps in YSOdisks may be observed indir ectly by the deriva-
tion of the surface density in the disk as a function of radial distance from modelling
of the energy distribution. In the next chapter we will suggest that evidence for the
presenceof disk gapscorresponding to Jupiter sized planets is presentin someHerbig
Ae/Be stars. An interesting futur e prospect is that the next generation of infrar ed and
millimeter interferometers should be able to map thesegaps dir ectly and thus provide
solid proof for the formation of planets in YSOdisks.
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Chapter 2

Hipparcos Data on Herbig Ae/Be Stars:
An Evolutionary Scenario

M.E. van denAncker, P.S.Thé,H.R.E.Tjin A Djie, C. Catala,D. deWinter,
P.F.C.BlondelandL.B.F.M. Waters,A&A 324,L33(1997)

Abstract

Fundamental astrophysical parameters(distance,temperature,luminosity , mass,age)
of a sample of 10 Herbig Ae/Be candidates and 3 non-emission line A and B stars in
star forming regions were computed combining Hippar cosparallaxes with data from
literatur e. All genuine Herbig stars in our sample are located between the birthline
and the zero-agemain sequence(ZAMS) in the Hertzspr ung-Russell diagram (HRD),
in accordance with what is expected for pre-main sequencestars. The region in the
HRD close to the birthline is relatively devoid of stars when compared to the region
closer to the ZAMS, in agreement with the expected evolutionary time scales. The
Herbig Ae/Be starsnot associatedwith star forming regions were found to be located
close to the ZAMS. Additionally we discuss a possible evolutionary scenario for the
circumstellar environment of Herbig stars.

2.1 Introduction

In a historical paper Herbig (1960)was the �rst to realize that the “Be and Ae stars
associatedwith nebulosity” are in fact starsof intermediate massstill in their pre-main
sequence(PMS) phase of evolution: stars which have lost most of their envelope of
infalling gasand dust, and whose energy is mainly supplied by gravitational contrac-
tion. Criteria for membership of this class of stars, now more commonly known as
Herbig Ae/Be (HAeBe) stars,are (Thé et al. 1994):(1) spectral type earlier than F8;(2)
presenceof emission lines; (3) presenceof IR-excessin the spectral energy distribution;
(4) location in or near a probable star formation region.
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Table 2.1. Astrophysical parameters of programme stars.

(1) (2) (3) (4) (5) (6) (7) (8) (9) (10) (11) (12) (13) (14) (15) (16) (17)
HIP Other �

�

rej

�

Association

�

lit Ref. Sp. Type Ref.

��� �
� �

	

eff

�
� �


��





�� �

Age

Name [mas] [%] [pc] D.C. R.N. S.A. [pc] [
�

] [M � ] [Myr]

22910 AB Aur 6.9

�

1.0 0 144

�����

�

� L1519,(L1517) Tau R2 140 (1) A0Ve (11) 0.50 4.00 1.72

���� ��

�

��� � � 2.4

�

0.2 2.5

�

1.0
34116 HD 53367 4.1

�

1.4 8 250

� �� �

�

�� L1657 S292 CMa R1 1150 (2) B0IVe (12) 2.23 4.50 4.04

���� � �

�

��� � � 13

�

3 � 0.05
54413 HD 97048 5.7

�

0.8 0 180

�� �

�

� � DC297.2-15.6 S135 CED 111 160 (3) B9–A0ep+sh (3) 1.24 4.00 1.61

���� ��

�

��� �� 2.5

�

0.2

�

2
54557 HD 97300 5.3

�

1.0 1 190

� ��

�

� � CED 112 160 (3) B9V (13) 1.33 4.02 1.54

���� �

�

�

��� � 2.5

�

0.3 � 3
56379 HD 100546 9.7

�

0.6 0 103

�

�

�

� (DC296.2-7.9) 170 (4) B9Vne (14) 0.28 4.02 1.51

���� � �

�

��� �  2.4

�

0.1 � 10
58520 HD 104237 8.6

�

0.5 0 116

�!"�

� Cha III 84 (4) A0Vpe (4) 0.71 3.98 1.77

���� � �

�

��� � � 2.5

�

0.1 2.0

�

0.5
79080 HR 5999 4.8

�

0.9 0 210

� �

�

� � DC339.7+9.2 S14 Lupus 3 140 (5) A5–7III/IV e+sh (12) 0.37 3.88 1.89

���� �

�

�

��� � 3.1

�

0.5 0.6

�

0.4
80462 HD 147889 7.4

�

1.2 0 140

�� �

�

� � L1687 IC 4603 ScoR1 160 (6) B2V (15) 3.32 4.34 3.32

���� � �

�

��� �� 7.5

�

1.0 � 0.1
81624 HD 150193 6.7

�

1.7 3 150

� �

�

� � L1729 ScoR1 160 (6) A1Ve (16) 1.61 3.97 1.47

���� �  

�

��� �# 2.3

�

0.2 � 2
87819 HD 163296 8.2

�

1.0 0 122

� �

�

�

�� 150 (7) A1Ve (16) 0.25 3.97 1.48

���� ��

�

��� �� 2.3

�

0.1

�

2.5
93425 HD 176386 7.4

�

1.2 0 140

�� �

�

� � DC359.8-17.9 NGC 6727 130 (8) B9IV (17) 0.62 4.03 1.69

���� � �

�

��� �� 2.7

�

0.2 � 2
100289 BD+404124 9.3

�

2.2 18 110

�� �

�

� � L888/L895 NGC 6910 Cyg R1 980 (9) B2Ve (18) 3.16 4.34 2.04

���� ��

�

��� �# – –
103763 HD 200775 2.3

�

0.6 0 430

� � ��

�

# � L1174 NGC 7023 Cep R2 440 (10) B2.5IVe (19) 1.92 4.31 3.89

���� � �

�

��� � � 10

�

2 0.02

�

0.01

Referencesto Table 2.1: (1) Elias (1978);(2) Herbst et al. (1982);(3) Whittet et al. (1997);(4) Hu et al. (1989);(5) Hughes et al. (1993);(6) Whittet (1974);(7) Thé et al. (1985);(8)
Marraco & Rydgren (1981);(9) Shevchenkoet al. (1991);(10) Whitcomb et al. (1981);(11) Böhm & Catala (1993);(12) Finkenzeller (1985);(13) Rydgren (1980);(14) Houk et al.
(1975);(15)Cohen (1973);(16)Houk et al. (1988);(17) Houk et al. (1982);(18) Hillenbrand et al. (1995);(19)Rogerset al. (1995).
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Later, starswere found which are not near any plausible star formation region, but
show all other characteristics of HAeBe stars. Whether these so-called isolated Her-
big Ae/Be stars are young stellar objects remains controversial. Moreover, the mem-
bership criteria outlined above do not uniquely selectintermediate-mass pre-main se-
quencestars, but will also selectevolved massive stars (Davies et al. 1990)which are
still located in the region where they formed. Therefore one has to be careful in identi-
fying Herbig starswith pre-main sequenceobjects(Herbig 1992).

In this chapter we will derive astrophysical parameters of a sample of 10 Herbig
Ae/Be candidates as well as 3 non emission-line A and B-type stars in star formation
regions for which the Hippar cos mission resulted in better than 3� detections of the
parallax. An attempt will be made to construct an evolutionary scenario for the cir-
cumstellar environment of HaeBe stars. In Chapter 3 we will study the photometric
behaviour of the Herbig Ae/Be stellar group asa whole using the photometric data on
all Herbig starsprovided by Hippar cos.

2.2 Data analysis

Accurate absolute astrometry as well as photometry was obtained by Hippar cos on
a sample of 38 A- and B-type stars in nearby star forming regions. This sample is a
subsetof a list of objects(Thé et al. 1982)which was acceptedin 1982by the Hippar cos
consortium and which was releasedto the P.I. prior to the publication of the Hippar cos
Catalogue (ESA 1997),in which a full description of the data products will be given.
Table2.1lists the starsfor which abetter than 3� detection of the parallax was achieved.
A full analysis of the complete sample will be given in the next chapter.

The �rst two columns in Table 2.1 give the Hippar cos number and the name of
each star. The thir d column lists the trigonometric parallax measured by Hippar cos
and the 1� uncertainty in this (both in milliar cseconds). The fourth column lists the
percentage of measurements that had to be rejected to arrive at the solution for the
parallax given in the thir d column. The next column in Table 2.1 gives the distance,
with its 1� uncertainty, computed from the parallax. Columns 6–8contain namesof the
star forming region in which the star is located. In column 6 an associationwith a dark
cloud from the catalogue of Lynds (1962),or its extension to the southern hemisphere
(Hartley et al. 1986)is given. When the name of the dark cloud is in parentheses,this
indicates that the star is located near the edge, so the association of the star with the
cloud might be doubtful. The next column in Table 2.1 lists the re�ection nebula with
which the star is associated,whereasthe 8

���

column in Table 2.1 gives the name of a
stellar aggregatewith which the star is associated.A literatur e distanceand a reference
to the paper in which this was derived is provided in columns 9 and 10.

2.3 Astrophysical parameters

In order to compute the total luminosity of the samplestars,photometric data, from the
ultraviolet (ANS, TD1, IUE), through the optical (Walraven

�����
	

�

, Johnson/Cousins
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Fig. 2.1. Hertzspr ung-Russell diagram of Herbig Ae/Be stars with parallaxes mea-
sured by Hippar cos.Open plot symbols indicate starswith ���������
	�� . Also shown are
the theoretical pre-main sequenceevolutionary tracks (solid lines and dashed lines)
and the birthlines for 10

�

�

(upper dotted line) and 10
�
�

M � yr
�

�

(lower dotted line)
by Palla & Stahler (1993).

��	

�����

) to the infrar ed ( �����

�������

, IRAS), were collected from literatur e. Since
many of the stars show strong variations in brightness, only optical and UV data ob-
tained near maximum brightness were used. The stellar luminosity , extinction and ef-
fective temperature were computed following the method outlined in van den Ancker
et al. (1997). This method includes a correction for a possible anomalous extinction
law towards the object. Sincein HAeBes one often overestimatesstellar temperatures
from UV spectra due to the presenceof heated layers in the immediate surroundings
of the stars' photospheres (e.g. Blondel & Tjin A Djie 1994),and photometric meth-
ods to estimate stellar temperatures often yield erroneous results when the extinction
law for the circumstellar material is anomalous, as is often the casefor such stars (e.g.
Thé et al. 1996),we only use spectral types based on optical spectra (Table 2.1). The
computed visual extinction at maximum brightness ��� , effective temperature �

�! and
stellar luminosity

�#"

are listed in columns 13–15of Table 2.1.
In Figure 2.1,we plot the programme stars in the HR diagram. The error in $�%'&(�

�! 

is about 0.05 (or one subclassin spectral type), but individual data points may have
larger errors. The error in luminosity is dominated by the error in the distance. Also
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shown in Fig. 2.1are the pre-main sequenceevolutionary tracks and the birthline (i.e.
the line where a star �rst becomesoptically visible on its evolution to the zero-age
main sequence)computed by Palla & Stahler (1993). Using theseevolutionary tracks
and the isochronesgiven by the sameauthors, we can make an estimate of the masses
and agesof our programme stars. Theseare listed in the last two columns of Table 2.1.
Note that for HD 200775the given age,basedon it being a pre-main sequencestar, is
rather dubious. Given the short main sequencelife time of a 10 M � star and the fact
that the post-main sequencelifetime of such a star is much longer than its pre-main
sequencecontraction time, it seemsmore likely that HD 200775is already evolving
away from the ZAMS, in which caseits agewould be around 20Myr .

2.4 Discussion and conclusions

Theobserveddistribution of stars�ts well with what is expectedfor pre-main sequence
stars: they are almost all located between (or at) the zero-agemain sequence(ZAMS)
and the birthline. There is a good correlation between the luminosity class(Table 2.1)
and the position in the HRD: All giants are located to the right of the ZAMS. The clus-
tering of starsaround the evolutionary track of mass2.5M � in Fig. 2.1is probably due
to a selection effect: There are no Herbig Be stars in the nearest star forming regions.
Sincethe pre-main sequenceevolution of B-type starsproceedsmuch faster than those
of their A-type counterparts this could re�ect a dif ferencein agebetween nearby and
more distant star forming regions.

Peculiar is the position of BD+40
�

4124in Fig. 2.1, far below the ZAMS. Such a po-
sition seemsimpossible for a young stellar object. BD+40

�

4124illuminates a re�ection
nebula, in which many other young stellar objects can be found (Hillenbrand et al.
1995),so the possibility of this being an extremely rare evolved object seenprojected
towards a star forming region can be excluded. Therefore one or more of our assump-
tions used for deriving this position in the HRD must be wr ong. Dif ferent authors
in literatur e agree well on the spectral type of BD+40

�

4124,B2–3e. Also, a spectral
type which would place it near the zero-age main sequenceis not compatible with
the observed spectral energy distribution. However, the distance asmeasured by Hip-
parcos (110�

���

�

���

pc) dif fers greatly from the literatur e value of the distance to the star
forming region in which BD+40

�

4124is located (1000pc). Therefore we conclude that,
although formally the Hippar cos data products give a 4� detection for the parallax
of BD+40

�

4124,this must be wr ong. We note that for BD+40
�

4124and HD 53367the
percentageof measurements that was rejectedto arrive at the solution for the trigono-
metric parallax given in the Hippar cos Catalogue is very high,

�

� �����
��� (indicated

by open circles in Fig. 2.1). Furthermor e, BD+40
�

4124was �agged as a variability in-
duced mover in the Hippar cosCatalogue,most probably indicating problems with the
astrometric solution. This casemay re�ect the dif �culty of parallax determinations by
Hippar cos in nebulous regions. For HD 53367the discrepancy between the literatur e
and Hippar cosdistance that can be seenin Table 2.1 is statistically hardly signi�cant.

A fair number of stars in our sample cluster around the 2.5M � track (Fig. 2.1).This
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CHAPTER 2. HIPPARCOSDATA ON HERBIG AE/BE STARS

Fig. 2.2.Observed (squares)and extinction-corr ected(circles)SEDsfor (a)HD 104237,
(b) AB Aur , (c) HD 100546,(d) � Pic. Also shown are Kur ucz (1991)models �tted to
the extinction-corr ectedSEDs.

allows us to construct an evolutionary sequencefor their circumstellar environment.
We selectthe objectsHD 104237,AB Aur and HD 100546for which reliable ageswere
estimated (Table 2.1),and plot their spectral energy distributions (SEDs)in Figure 2.2.
Included in Figure 2.2 is the SED of � Pic which is even older than HD 100546(Crifo
et al. 1997),but has a slightly lower mass.The younger stars in our sample have SEDs
that tend to be more or less�at in the infrar ed, whereasfor the more evolved onesthe
dust excesstends to have a double-peaked structure, with a broad dip in the energy
distribution around 10 � m. Extrapolating suchabehaviour, we would expectto end up
with a higher-massequivalent of a star like � Pic. Interestingly, Waelkenset al. (1992)
showed that the SEDsof Herbig stars can be classi�ed as “�at” or “double-peaked”
in the infrar ed and proposed an evolutionary scenario in which a broad dip around
10 � m develops with time. The agesderived from the Hippar cos data are consistent
with such a scenario.

Spectroscopic evidence for evolution of the circumstellar dust component comes
from observationswith the InfraredSpaceObservatoryISO(Waelkenset al. 1996):HD 100546
shows a strong crystalline silicate component, similar to those seen in the ground-
based10 � m spectra of � Pic (Knacke et al. 1993)and of comets (Hanner et al. 1994).
A recent ISO spectrum of the comet Hale-Bopp also shows strong crystalline silicates
(Crovisier et al. 1997). In contrast, the object HD 104237shows little evidence for
such a crystalline dust component (Malfait, private communication). The occurrence
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of crystalline dust is an indication for the degreeof “pr ocessing” which the circumstel-
lar material underwent after accretion from the molecular cloud, and is thus a measure
of age.We �nd that for the small sample discussedhere, the agederived from Hippar -
cosis consistentwith the degreeof processingseenin the ISO spectra.

We stressthat the timescales for the evolution of the central star and the circum-
stellar material are probably not well coupled: studies of very young open clusters
show that only a small percentageof the cluster stars,many of which are undoubtedly
pre-main sequencein nature, show circumstellar gas and dust (e.g. van den Ancker
et al. 1997).Furthermor e, it is known that some giants, with presumably lower stellar
agesthan dwarfs, do show a double-peaked infrar ed excess,making the construction
of evolutionary sequencesdif �cult. Provided that the initial con�guration and spatial
distribution of the circumstellar dust envelopesof the Herbig Ae/Be stars are similar,
someunknown physical mechanism regulatesthe timescaleat which the circumstellar
matter is dispersed. So,while the timescalesmay be very dif ferent for individual stars,
it is quite possible that the sequenceis asproposed in Fig. 2.2.

It is tempting to speculateabout the origins of the formation of a 10 � m dip. From
the presenceof 10 � m amorphous silicate emission in most Herbig Ae/Be stars, we
know that the dust envelopessurrounding thesestars must be optically thin, and that
the presenceof a broad dip around 10 � m must correspond to a physical gap in the
radial distribution of dust around HAeBes. Such a gap can only be causedby pertur -
bations by another body surrounding the central star. This could either be a low-mass
star outside the dust shell, clearing the region between the inner and outer Lindblad
resonancesthrough long-range resonanceeffects(Lin & Papaloizou 1979),or a Jupiter-
sized planet forming inside the dust envelope, clearing �

�

� Rochelobe radii on either
side of the planet (Artymowicz 1987). Sincemany of the HAeBes with faint compan-
ions detected in recentyearsby speckle interferometry aswell asby Hippar cos(Chap-
ter 3) do not show a dip in their energy distributions, we consider the latter explanation
more likely .

Acknowledgements.This chapter is basedon data from the Hippar cosastrometry satellite. The
authors would like to thank K. Malfait, C. Waelkensand P.R.Wesseliusfor many useful discus-
sions on the ISO spectraof Herbig Ae/Be stars.
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Chapter 3

Hipparcos Photometry of Herbig Ae/Be
Stars

M.E. van denAncker, D. deWinter andH.R.E.Tjin A Djie,
A&A 330,145(1998)

Abstract
The photometric behaviour of a sample of 44Herbig Ae/Be (HAeBe) candidate stars
was studied using a uniform set of optical photometry obtained by the Hippar cos
mission. Astrophysical parameters (distance, temperature, luminosity , mass,age) of
this sample of starswere derived aswell by combining the astrometric data provided
by Hippar cos with data from literatur e. Our main conclusions can be summarized
as follows: (1) Mor e than 65% of all HAeBe stars show photometric variations with
an amplitude larger than 0 �

�

05; (2) HAeBes with a spectral type earlier than A0 only
show moderate (amplitude � 0 �

�

5) variations, whereas those of later spectral type
can (but not necessarily have to) show variations of more than 2 �

�

5. We explain this
behaviour asbeing due to the fact that stars with lower massesbecomeoptically vis-
ible, and hence recognizable as Herbig Ae stars, while still contracting towards the
zero-agemain sequence(ZAMS), whereastheir more massive counterparts only be-
come optically visible after having reachedthe ZAMS; (3) The Herbig stars with the
smallest infrar ed excessesdo not show large photometric variations. This can be un-
derstood by identifying the starswith lower infrar ed excesseswith the more evolved
objectsin our sample; (4) No correlation between the level of photometric variability
and the stellar �������	� could be found. If the large photometric variations are due to
variable amounts of extinction by dust clouds in the equatorial plane of the system,
the evolutionary effectsprobably disturb the expectedcorrelation between the two.

3.1 Introduction

Lately, the group of Herbig Ae/Be (HAeBe) stars, objects which are believed to be
intermediate mass(2–10M � ) starsstill in their phaseof pre-main sequence(PMS)con-
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traction, has received a great deal of interest. In his original paper, Herbig (1960a)
selecteda sample of candidate intermediate-mass young stellar objects with the fol-
lowing properties: (1) spectral type earlier than F0; (2) presenceof emission lines; (3)
location in an obscured region; (4) association with a fairly bright re�ection nebula.
Later, thesecriteria were extended to include lessmassivestars,aswell asstars which
aresituated in more isolated regions. Nowadays, someauthors also include starswith-
out strong emission lines in samples of HAeBe stars (Malfait et al. 1998),making the
distinction with the Vega-type stars somewhat vague. Here, we will adopt the fol-
lowing criteria for inclusion of stars in our sample: (1) spectral type B, A or F; (2)
luminosity classIII–V ; (3) emission component(s) in H � ; (4) presenceof infrar ed emis-
sion due to circumstellar dust. The �rst two criteria will eliminate most confusion with
evolved objects,the thir d characteristic will eliminate confusion with Vega-type stars,
and the last criterion will exclude the classicalBestars from our sample. Yet thesecri-
teria may still selecta small fraction of evolved massive stars, so one has to be careful
in identifying HAeBe starswith PMS objects.

One of the best studied characteristicsof the group of HAeBe stars is their photo-
metric behaviour. A signi�cant fraction of HAeBes shows usually irr egular variations
up to severalmagnitudes in the visual. Thesehave beenexplained using severalmod-
els. The large ( � 0 �

�

5) irr egular variations in brightness seenin the UXOR subgroup
(named after their prototype UX Ori) of the Herbig stars, with a typical time scaleof
weeks, can be explained as being due to variable amounts of extinction by, presum-
ably circumstellar, dust of the starlight (e.g. Bibo & Thé 1991).Superimposed on this,
variations on the 0 �

�

1 level, with a time scalefrom hours to days, can be explained as
due to clumpy accretion (Pérez et al. 1992)or as due to chromospheric activity (star
spots; Catala et al. 1993). More regular variations at the millimagnitude level have
been explained as causedby stellar pulsations when a PMS star is in the same insta-
bility strip in the Hertzsprung-Russell diagram (HRD) as the evolved

�

Scuti objects
(Kurtz & Marang 1995).

In Chapter 2 we studied fundamental astrophysical parameters of a small sample
of HAeBe starsusing Hippar cosdata, releasedto the P.I. prior to the publication of the
Hippar cosCatalogue (ESA 1997). In addition to measuring astrometric data, the Hip-
parcos mission also resulted in roughly one hundr ed optical broadband photometric
measurements for eachof these targets (van Leeuwen et al. 1997). The recent release
of the �nal version of the Hippar cos Catalogue makes it possible to use thesedata to
study the photometric behaviour of the HAeBe stellar group asa whole in a more sys-
tematic and unbiased way than has beendone so far. In this chapter we will therefore
study the level of photometric variability on time scalesup to a few yearsfor all HAeBe
candidates identi�ed up to date, included in the Hippar cosCatalogue.

3.2 Data analysis

Our initial sample of stars to include in the presentstudy consisted of all HAeBe can-
didates from the catalogue of Thé et al. (1994),measured by Hippar cos,together with
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all emission-line stars from the sample of HAeBe and Vega-type stars from the papers
by Sylvester et al. (1996),Grady et al. (1996)and Malfait et al. (1998),as well as a
few individual probable HAeBes which were overlooked in these studies. In going
through the literatur e for all thesestars, it was noted that several of the stars included
in this sample are probably not young stars, although they ful�ll all membership cri-
teria of the HAeBe class: � Ori most de�nitely is a classicalBe star with a history of
massloss (Sonnebornet al. 1988).HD 76534was suggestedto be a classicalBestar as
well (Oudmaijer & Drew 1997)sinceit doesnot have the signi�cant near-IR excessdue
to hot circumstellar dust found in most HAeBes. A similar conclusion was reachedfor
BD+41

�

3731by Bernaccaet al. (1995).Our analysis of literatur e data showed that the
sameapplies for the stars GU CMa, HD 53367and IL Cep. HD 283817was shown to
be a post-main sequencebinary system (Mart �́n 1993),and not a pre-main sequence
member of the Taurus-Auriga complex, as suggested by Walter et al. (1990). This is
con�rmed by the lower limit on the distance towards this star measured by Hippar cos.
MWC 137was oncebelieved to be a Planetary Nebula (Acker et al. 1987),and its true
nature is still disputed. The PMS nature of many stars showing B[e] characteristics,
like HD 45677or HD 50138,remains controversial as well. Furthermor e, several stars
included in the previous studies of HAeBe stars were found to have masses,obtained
from their position in the HRD or from literatur e data, which put them in the range
of T Tauris (taken as lessmassive than 1.5M � ), rather than HAeBes. Although young
objectsaswell, theselow-mass starsdo not belong in an analysis aimed at studying the
PMS evolution of intermediate-mass stars. Hence, all thesestars were not included in
our analysis. An overview of our complete sample and the main results of the Hippar -
cosmeasurementsare given in Table 3.1. In the remainder of this chapter we will only
indicate the probable HAeBe candidates from this Table when referring to our sample.

The �rst two columns in Table 3.1list the number of the star in the Hippar cosCata-
logue and a more common identi�er . The thir d column lists the trigonometric parallax
measured by Hippar cos and the 1� uncertainty in this (both in milliar cseconds).The
fourth column lists the percentageof measurements that had to be rejectedto arrive at
the solution for the parallax. In casethis percentageis high, the error in the listed par-
allax canbemuch higher than that given by the formal standard deviation (Chapter 2).
The �fth column in Table 3.1 gives the distance, with its 1� uncertainty, computed
from the parallax in the 17 casesin which a 3� detection was achieved by Hippar cos.
In other cases,a 3� lower limit on the distance is indicated. A dash in this column
indicates stars with

�

� � � �
��� , for which the astrometric data was excluded from our

discussion. Note that the distances listed in column 6 are simply the inverse of the
listed parallax. No correction for the Lutz-Kelker effect (Lutz & Kelker 1973)was ap-
plied becausethis correction will depend on the distribution of the true distances of
the sample under consideration (Brown et al. 1997;Oudmaijer et al. 1998),which is
essentially unknown for a sample of stars not only concentrated towards galactic star-
forming regions, but also selectedon historical (i.e. studied previously in literatur e)
rather than on more rational grounds. Sincewe are only considering casesin which
the Hippar cosmission resulted in a better than 3� detection of the parallax, the correc-
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Table 3.1.Astrophysical parameters of programme stars.

Probable Herbig Ae/Be candidates

(1) (2) (3) (4) (5) (6) (7) (8) (9) (10) (11) (12)
HIP Name �

�

rej �

Association
� lit Ref. � p,min. �

���

[mas] [%] [pc] D.C. B.N. S.A. [pc] [ � ] [ � ]

3401 V594Cas 3.3(1.6) 0 � 120 L1302 NGC 225 RSF1Cas 650 (1) 10.45 0.36
16243 BD+30	 549 2.6(1.9) 2 � 120 L1450,L1452 NGC 1333 Per R1 350 (2) 10.48 0.13
17890 XY Per 8.3(3.5) 17 – L1442,L1449 Anon. RSFPer B 350 (2) 9.23 0.38
22910 AB Aur 6.9(1.0) 0 144
���


�����

L1519,(L1517) Anon. Tau R2 140 (3) 7.06 0.06
23143 HD 31648 7.6(1.2) 0 131
����

�����

7.75 0.11
23602 UX Ori 0.6(2.5) 0 � 130 (L1616) Anon. 10.12 1.21
24552 HD 34282 6.1(1.6) 2 160
����

�

���

9.87 0.77
25253 HD 35187 6.7(2.5) 7 – 7.85 0.21
25299 V346Ori 1.6(2.0) 0 � 130 (Anon.) Ori OB1a 400 (4) 10.21 0.14
25540 CO Ori

�

1.8(2.8) 0 � 120 C54 10.47 1.28
25546 HD 35929 0.9(0.9) 2 � 360 (L1641) Ori OB1c 430 (4) 8.19 0.05
25793 HD 36112 4.9(1.2) 0 200
����

�

���

8.33 0.06
26327 V380Ori 3.7(5.5) 8 – L1641 NGC 1999 Ori OB1c 430 (4) 10.26 0.33
26403 BFOri

�

0.7(1.8) 0 � 210 L1641 NGC 1980 Ori OB1c 430 (4) 9.70 2.49
26752 HD 37806 1.1(1.1) 0 � 230 L1630 (Anon.) Ori OB1b1 500 (4) 7.91 0.07
27059 V351Ori 3.5(1.6) 2 � 210 L1630 Ori OB1b1 500 (4) 8.91 0.14
28582 HD 250550 1.7(1.5) 0 � 160 L1586,L1587 Gem OB1 280 (5) 9.49 0.10
31042 HD 46060 4.6(2.5) 10 – Anon. Mon R2 760 (6) 8.85 0.15
31235 HD 259431 3.5(1.4) 0 � 130 L1605 NGC 2247 Mon R1 800 (7) 8.67 0.08
34042 Z CMa

�

0.9(2.2) 0 � 180 L1657 S295 CMa R1 1150 (7) 9.56 0.47
35488 NX Pup 2.0(2.4) 33 – DC256.2-14.4 Anon. 450 (8) 9.55 1.18
36068 HD 58647 3.6(0.8) 1 280


�

�

���

�

6.85 0.03
48269 HD 85567 1.0(0.7) 1 � 480 (DC281.7-4.4) 8.54 0.06
54413 HD 97048 5.7(0.8) 0 180
�
��

�

���

DC297.2-15.6 S135 CED 111 160 (9) 8.50 0.05
55537 HD 98922 1.0(0.6) 0 � 540 (DC288.3+7.3) 6.77 0.04
56379 HD 100546 9.7(0.6) 0 103




�

�

�

(DC296.2-7.9) 170 (10) 6.68 0.19
58520 HD 104237 8.6(0.5) 0 116


�

���

Cha III 84 (10) 6.59 0.11
77542 HD 141569 10.1(0.8) 2 99
��

���

(L169) Anon. 7.14 0.03
78092 HD 142527 5.0(1.2) 0 200
����

�

���

Anon. 8.42 0.09
78943 HD 144432 4.0(1.5) 0 � 200 ScoR1 8.24 0.05
79080 HR 5999 4.8(0.9) 0 210


�

�

�


��

DC339.7+9.2 S14 Lupus 3 270 (11) 6.87 1.02
81624 HD 150193 6.7(1.7) 3 150




�

�

�


��

L1729 ScoR1 160 (12) 8.91 0.05
82747 AK Sco 6.9(1.4) 0 150
����

�


��

DC348.0+3.7 200 (13) 9.01 0.60
85755 51Oph 7.7(0.9) 0 131


���

���




4.79 0.02
87819 HD 163296 8.2(1.0) 0 122




���

���




6.88 0.07
90617 V431Sct

�

2.1(4.2) 6 – (L481) 11.41 0.60
93449 R CrA 122(68) 5 – DC359.9-17.9 NGC 6729 130 (14) 10.63 1.67
94260 HD 179218 4.1(0.9) 0 240




�

�

�

���

(L693) 7.41 0.03
98719 V1295Aql 0.2(1.1) 2 � 290 7.85 0.05

100289 BD+40	 4124 9.3(2.2) 18 – L888/L895 NGC 6910 Cyg R1 980 (15) 10.47 0.26
103763 HD 200775 2.3(0.6) 0 430




�

���

�

���

L1174 NGC 7023 Cep R2 440 (16) 7.39 0.04
107207 V361Cep 3.0(6.1) 0 � 50 NGC 7129 1250 (17) 10.85 0.13
107983 BD+46	 3471

�

0.8(1.5) 0 � 280 L1055 S125 (IC 5146) 900 (18) 10.17 0.11
114995 MWC 1080

�

7.0(3.3) 6 – L1238 S158 2200 (19) 11.31 0.39
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(13) (14) (15) (16) (17) (18) (19) (20) (21) (22) (23) (24) (25) (26)
��� Var. Sp. Type Ref. H � Ref. ���

�	��


Ref. ��
��	����� eff �	������������� � log(Age) Remarks

[km s ��� ] [ � ] [M � ] [yr]

167 � B8eq (20) P (46) 55(5) (46) 2.14 4.08 � 1.13
83 B8Vpe (21) 1.89 4.08 � 0.93
99 � A2II+B6e (22) D (46) 95+130 (62) 2.26 4.15 – vis. bin.
40 � A0Ve+sh (23) P (46) 80(5) (46) 0.50 3.98 1.68
�� �

�




�

� �

���

2.4(2) 6.3(2)
44 � A3ep+sh (24) P (47) 0.25 3.94 1.51
�� �

���

�

� �

�




2.2(3) 6.4(2)
73 � A3IIIe (25) D (48) 70(6) (46) 0.37 3.93 � 0.40
79 � A0e (26) 0.59 3.98 0.68


�� � �

�

�

� � �

�

– –
68 � A2–3IV/V e (27) D (27) 105(9) (46) 0.65 3.95 – vis. bin.

141 � A5III:e (28) S (49) 0.43 3.91 � 0.21
66 � F9:e (29) P (50) 1.83 3.79 � 0.53 vis. bin.
85 F0IIIe (29) S (51) 150(30) (49) 0.40 3.86 � 1.92
77 A5IVe (30) S (52) 0.22 3.91 1.35
�� � ���

�

� �

���

2.0(3) 6.5(3)
98 � A1:e (22) S (50) 1.43 3.97 – IR bin.
92 � A5–6IIIe (29) D (49) 100(10) (46) 0.26 3.90 � 0.56

128 � A2Vpe (31) D (53) 120(30) (46) 0.03 3.95 � 1.51
62 � A7 IIIe (32) D (32) 0.50 3.88 � 1.14
77 B4–5IIIe (29) P (54) 110(9) (46) 0.71 4.20 � 1.33

176 � B3ne (21) 1.61 4.27 –
58 B1Ve (29) D (55) 90(8) (46) 1.61 4.41 � 2.37
78 � F6IIIe (29) P (50) ! 130: (63) 2.42 3.80 � 1.72 IR bin.

107 � A9–F0Ve (20) D (49) 120(10) (46) 0.59 3.87 – vis. bin.
97 B9IVe (26) D (49) 280(50) (49) 0.50 4.03 2.48
�� � ���

�

� �

���

4.2(6) 5.2(4)
133 � B7–8Ve (29) P (51) 0.81 4.10 � 2.54
106 B9–A0ep+sh (33) P (51) 140(20) (46) 1.24 4.00 1.61


�� �

�




�

� �

�

�

2.5(2) � 6.3
165 � B9Ve (34) P (51) 0.34 4.02 � 2.96 Sp. bin.
131 � B9Vne (35) D (49) 250(50) (49) 0.28 4.02 1.51
�� � ���

�

� � �

�

2.4(1) � 7.0
134 � A4IVe+sh (29) D (51) 0.31 3.93 1.55


�� � ���

�

� � �

�

2.3(1) 6.3(1)
91 B9.5Ve (36) D (56) 236(9) (27) 0.47 4.00 1.35
�� � �

�

�

� � �

�

2.3(1) � 7.0 IR bin.
91 � F7IIIe (29) S (51) 1.49 3.80 1.84
�� � ��


�

� �

�

�

3.5(6) 5.0(5)
102 A5Ve (29) D (57) 74(2) (27) 0.56 3.91 � 1.48
126 � A5–7III/IV e+sh (37) D (58) 180(20) (19) 0.47 3.90 1.93
�� �

�

�

�

� �

�

�

3.2(5) 5.7(3) vis. bin.
94 A1Ve (38) D (51) 100(30) (20) 1.61 3.97 1.47
�� � �

�

�

� �

�

�

2.3(2) � 6.3 vis. bin.
55 � F5+F5IVe (13) C (51) 19(1) (13) 0.62 3.81 0.88


�� � ���

�

� �

�

�

– – Sp. bin.
66 B9.5Vne (39) D (51) 267(5) (27) 0.15 4.00 2.39
�� �

���

�

� � ���

4.0(3) 5.5(2)
95 � A1Ve (38) D (59) 120(30) (20) 0.25 3.97 1.48
�� �

�

�

�

� �

�

�

2.3(1) 6.6(4)
35 B1e (40) – 4.05 –
69 � A1e–F7evar (29) D (50) 1.64 3.93 – Sp. var.
77 B9e (41) 60(6) (64) 1.27 4.02 2.50
�� � ���

�

� �

���

4.3(5) 5.0(6)
100 � A2IIIe (42) P (42) 0.19 3.95 � 1.80
129 � B2Ve (43) C (60) 180(20) (20) 3.16 4.34 – IR bin.
108 � B2.5IVe (44) D (61) 40(4) (46) 1.92 4.31 3.89
�� � ���

�

� � �

�

10(2) 4.2(3) IR bin.
49 B3ne (20) D (46) 180(50) (46) 1.89 4.27 � 0.71

110 A4e+sh (20) P (46) 150(12) (46) 0.90 3.93 � 1.17
104 � B0e (45) P (60) 100(30) (62) 5.27 4.48 – vis. bin.
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Table 3.1. (Continued)

Low-mass young stellar objects

(1) (2) (3) (4) (5) (6) (7) (8) (9) (10) (11) (12)
HIP Name �

�

rej �

Association
� lit Ref. � p,min. �

� �

[mas] [%] [pc] D.C. B.N. S.A. [pc] [ � ] [ � ]

24855 HD 34700 0.9(1.8) 0 � 180 9.29 0.05
26295 CQ Tau 10.1(2.0) 0 100
��

�

�����

Tau T4 130 (65) 9.96 1.07
58285 T Cha 15.1(3.3) 0 66




�

�

���

�

DC300.2-16.9 Cha I 160 (9) 10.73 2.69

Isolated B[e] stars

(1) (2) (3) (4) (5) (6) (7) (8) (9) (10) (11) (12)
HIP Name �

�

rej �

Association
� lit Ref. � p,min. �

� �

[mas] [%] [pc] D.C. B.N. S.A. [pc] [ � ] [ � ]

30800 HD 45677 2.8(1.1) 0 � 300 7.89 0.46
32923 HD 50138 3.5(0.8) 0 290


����

���

�

6.55 0.10
53444 GG Car

�

1.8(1.7) 2 � 200 8.59 0.42
63547 CD

�

48	 7859
�

1.6(2.3) 3 � 140 10.52 0.18
87136 HD 316285

�

0.1(1.5) 0 � 220 L34 8.93 0.13

Starslacking evidence for circumstellar dust

(1) (2) (3) (4) (5) (6) (7) (8) (9) (10) (11) (12)
HIP Name �

�

rej �

Association
� lit Ref. � p,min. �

� �

[mas] [%] [pc] D.C. B.N. S.A. [pc] [ � ] [ � ]

21768 HD 283817 2.5(1.8) 0 � 180 L1538 Tau R2 140 (3) 10.46 0.16
26594 � Ori 2.0(0.9) 2 � 210 DG 70 Ori OB1 a 400 (4) 4.44 0.09
28816 17Lep 3.1(0.7) 0 330
����

�

���

Anon. 44 (75) 4.96 0.05
25950 HD 36408 2.9(1.6) 7 – 5.49 0.07
29988 MWC 137

�

4.5(4.5) 0 � 110 (L1586,L1587) S266 1100 (76) 11.78 0.17
33868 GU CMa 1.1(1.7) 10 – L1657 S293 CMa R1 1150 (7) 6.52 0.22
34116 HD 53367 4.1(1.4) 8 – L1657 S292 CMa R1 1150 (7) 7.03 0.24
43792 HD 76534 2.4(1.3) 1 � 160 DC264.3+1.5 Anon. Vela R2 830 (77) 8.04 0.08
72616 HD 130437

�

0.6(1.9) 0 � 180 DC318.2-0.6 9.91 0.15
100628 BD+41	 3731 0.4(1.2) 3 � 260 L895 NGC 6914 Cyg R1 980 (15) 9.87 0.09
113017 IL Cep 1.2(1.7) 1 � 160 L1216 DG188 Cep OB3 690 (78) 9.28 0.08

S:Single PeakH � pro�le; D: Double-peaked; P: P-Cygni or inverse P-Cygni pro�le; C: Complex H � pro�le.

Referencesto Table 3.1: (1) Hagen (1970);(2) Herbertz et al. (1991);(3) Elias (1978);(4) Warren & Hesser (1978);(5) Cantó et al.
(1984); (6) Kutner et al. (1980); (7) Herbst et al. (1982); (8) Brandt et al. (1971); (9) Whittet et al. (1997); (10) Hu et al. (1989);
(11) Thé & Tjin A Djie (1978);(12) Whittet (1974);(13) Andersen et al. (1989);(14) Marraco & Rydgr en (1981);(15) Shevchenkoet
al. (1991);(16) Whitcomb et al. (1981);(17) Shevchenko& Yabukov (1989);(18) Dobashi et al. (1994);(19) Levreault (1988);(20)
Finkenzeller (1985);(21) Racine (1968);(22) Finkenzeller & Mundt (1984);(23) Böhm & Catala (1993);(24) Jascheket al. (1991);
(25) Timoshenko (1985);(26) Cannon & Mayall (1949);(27) Dunkin et al. (1997);(28) Herbig (1960b);(29) de Winter, D., personal
communication; (30) Houk, N. 1995,personal communication with B. Zuckerman; (31) Guetter (1981);(32) van den Ancker et al.
(1996);(33)Whittet et al. (1987);(34) Houk (1978);(35)Houk & Cowley (1975);(36) Jaschek& Jaschek(1992);(37)Tjin A Djie et al.
(1989);(38) Houk & Smith-Moor e (1988);(39) Abt & Morr ell (1995);(40) Kukarkin (1974);(41) Slettebak (1966);(42) Ringuelet et
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(13) (14) (15) (16) (17) (18) (19) (20) (21) (22) (23) (24) (25) (26)
� � Var. Sp. Type Ref. H � Ref. ���

�	� 


Ref. � 
 �	����� eff �	����� � ����� � log(Age) Remarks

[km s ��� ] [ � ] [M � ] [yr]

74 � G0Ve (26) S (52) 0.68 3.78 � 1.23
90 � A1–F5IVe (66) D (46) 110(20) (46) 0.96 3.84

�

��� �

�


�� �

�

�

�

� �

�

�

– –
91 � G2:e (29) P (67) 48(10) (68) 1.64 3.77 0.13
�� � ���

�

� �

���

1.1(2) � 7.1

(13) (14) (15) (16) (17) (18) (19) (20) (21) (22) (23) (24) (25) (26)
� � Var. Sp. Type Ref. H � Ref. ���

�	� 


Ref. � 
 �	����� eff �	������������� � log(Age) Remarks

[km s ��� ] [ � ] [M � ] [yr]

116 � B2III–V[e] (69) D (71) 70(20) (73) 0.87 4.33 � 2.60
82 � B5V[e] (29) D (72) 150 (74) 0.59 4.19 2.85
�� � ��


�

� �

���

5.0(1.0) 5.0(5)
124 � B0–2[e]+K3: (70) D (51) 2.57 4.41 � 3.17 vis. bin.
161 � B6:III[e] (29) S (51) 0.74 4.15 � 0.72
61 � B0[e]+sh (70) 6.29 4.48 � 4.74 vis. bin.

(13) (14) (15) (16) (17) (18) (19) (20) (21) (22) (23) (24) (25) (26)
�

� Var. Sp. Type Ref. H � Ref. ���

�	� 


Ref. �



�	����� eff �	������������� � log(Age) Remarks

[km s ��� ] [ � ] [M � ] [yr]

74 � A3e (79) 3.41 3.94 � 1.72 Sp. bin.
76 � B3IIIe (80) D (22) 160(20) (20) 0.28 4.23 � 3.42

195 � A1Ve+sh+M3III (81) P (81) 105(30) (39) 0.20 3.97 3.21
�� � �

�

�

� �

���

– – Sp. bin.
95 � B7III+B7IV (82) S (84) 60+300 (82) 0.28 4.12 – vis. bin.
59 Bep (83) S (22) 4.53 4.48 � 2.25
81 � B2Vne (22) D (58) 400(40) (20) 0.87 4.34 – vis. bin.
78 � B0IVe (20) S (22) 30(15) 2.23 4.50 – vis. bin.

120 � B2ne (20) D (85) 110(40) (20) 1.21 4.34 � 2.48 vis. bin.
140 � O8–B0ep (29) 3.22 4.52 � 3.04
112 B2ne (20) S (60) 300(20) (20) 1.02 4.34 � 2.01 IR bin.
112 � B3e (20) D (46) 190(15) (46) 2.88 4.27 � 2.53 vis. bin.

al. (1987); (43) Hillenbrand et al. (1995); (44) Rogers et al. (1995); (45) Cohen & Kuhi (1979); (46) Böhm & Catala (1995); (47)
Morrison, N.D. private communication; (48) Grinin et al. (1994);(49) Grady et al. (1996);(50) Reipurth et al. (1996);(51) van den
Ancker, M.E., unpublished spectraCoudé Auxiliary Telescope,La Silla; (52)Zuckerman (1994);(53)Pogodin (1986);(54)Hamann
& Persson(1992);(55) Vieira & Cunha (1994);(56) Andrillat et al. (1990);(57) Pérez et al. (1997);(58) Praderie et al. (1991);(59)
Pogodin (1994);(60) Férnandez et al. (1995);(61) Beskrovnaya et al. (1994);(62) Herbig & Bell (1988);(63) Davis et al. (1983);(64)
Bernacca& Perinotto (1970);(65) Artyukhina (1959);(66) Koval'chuk & Pugach (1992);(67) Alcal á et al. (1994);(68) Chavarria et
al. (1989);(69) Feinstein et al. (1976);(70) Lopes et al. (1992);(71) de Winter & van den Ancker (1997);(72) Pogodin (1997);(73)
Israelian & Musaev (1997);(74) Houziaux (1960);(75) Jenkins(1952);(76) Cahn et al. (1992);(77) Herbst (1975);(78) Mel'nikov et
al. (1995);(79) Walter et al. (1990);(80) Danks & Dennefeld (1994);(81) Welty & Wade (1995);(82) Levato (1975);(83) Sabbadin &
Hamzaoglu (1981);(84)Wackerling (1970);(85)Oudmaijer & Drew (1997).
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tion for the Lutz-Kelker effect is expected to be small and will not seriously affect our
results.

Columns 6–8in Table3.1contain namesof the star forming region in which the star
is located (although one has to keep in mind that this could be a projection effect). In
column 6 an association with a dark cloud from the catalogue of Lynds (1962),or its
extension to the southern hemisphere (Hartley et al. 1986)is given. When the name of
the dark cloud is in parentheses,this indicates that the star is located near the edge,so
the associationof the star with the cloud might be doubtful. In Table 3.1somestarsare
associatedwith several dark clouds. Theseare local density enhancementsin a larger
complex, which were given separatedesignations in the Lynds catalogue.

The next column in Table 3.1lists the re�ection nebula with which the star is associ-
ated, taken from the catalogueof bright nebulaeby Lynds (1965).The S-designationsin
this column refer to the catalogue of H I I regions by Sharpless(1959),the DG designa-
tions refer to the paper by Dorschner & Gürtler (1963)and the C-designations are from
the catalogue of dif fuse galactic nebulae by Cederblad (1956). In a number of casesa
bright nebula is clearly seenin the immediate surroundings of the star on Digital Sky
Survey images of the region, but no designation for this nebula could be found. In
thesecasesthe 7

���

column in Table 3.1 lists “Anon.”. The 8
� �

column in Table 3.1gives
the name of a stellar aggregatewith which the star is associated.A literatur e distance
to the dark cloud, re�ection nebula or stellar aggregateand a referenceto the paper in
which this was derived are provided in columns 9 and 10.

For all stars the Hippar cos satellite obtained broadband (3500–8500	A) photome-
try at an effective wavelength of 5275 	A at some 100 distinct epochs during the 37
months (from 1989.85to 1993.21)of its mission. Theseobservations were made by a
photon-counting image dissector tube with an instantaneous �eld of view of 30

� �

di-
ameter. Becauseattenuation of the image dissector tube started at about 5

� �

from the
center, a more realistic estimate of the spatial resolution of theseobservations will be
10

� �

. For multiple systemswith a separation between 10 and 30
� �

, a correction was ap-
plied to the photometric data to subtract the light from the companion(s). For multiple
systemswith a smaller separation, the Hippar cosphotometry refers to the total light.
Typical errors in the individual measurements for this photometric system are smaller
than 0 �

�

011 for stars brighter than 9
���

magnitude. In this chapter we will only use the
data in the senseof and with the accuracyof a relative photometric system, increasing
the accuracy of these measurements to a few millimagnitude for such stars. A more
thorough description of the Hippar cosphotometric system is given in the Explanatory
Supplement to the Hippar cos Catalogue. The value at measured maximum bright-
nessof the Hippar cosmagnitude, ��� , the measured range in ��� (from the 5

���

and 95
���

percentile bin of the photometry),
�

��� , and the number of measurements are listed in
columns 11–13of Table 3.1. For normal, non-variable stars

�

��� ranges from 0 �

�

02 for
stars brighter than 5

� �

magnitude to values up to 0 �

�

1 for 9
� �

magnitude stars and in-
creasessharply for fainter objects. Finally, column 14 gives a �ag indicating probable
variables: Stars which show a measured range in ��� larger than the accuracy of the
measurements.

Five stars in our sample were found to bevisual binaries by Hippar cos.HD 150193,
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now de�nitely a member of Sco R1, is the only newly detected one. The other bi-
nary detectionsare in agreementwith earlier observations (Reipurth & Zinnecker 1993;
Bernaccaet al. 1993;Leinert et al. 1997;Pirzkal et al. 1997).Somestarswhich have been
detected as multiple systemsfrom ground-based speckle observations in the infrar ed
were not detected asbinaries by Hippar cosbecauseof the large magnitude dif ference
between primary and secondary in the optical. Theseare indicated by the remark IR
binary in the last column of Table 3.1. Known spectroscopic binaries are also listed as
such in the samecolumn. Together this brings the total fraction of known binaries in
our sample at 34%.

3.3 Astrophysical parameters

To assessthe stellar temperature of HAeBe stars visual spectraare essential:UV spec-
tra often overestimate temperatures, due to the presenceof heated layers in the im-
mediate surrounding of the stars' photospheres(e.g. Blondel & Tjin A Djie 1994),and
photometric methods to estimatestellar temperaturesyield erroneousresultswhen the
extinction law for the circumstellar material is anomalous, as is often the casefor such
stars (e.g. Thé et al. 1996). Therefore a list of spectral types basedon optical spectra
from literatur e aswell ason unpublished spectroscopy by the authors was assembled
and is given, together with its reference, in the 15

���

and 16
� �

column of Table 3.1. In
a few cases(e.g. Z CMa) even the optical spectrum is heavily in�uenced by the cir-
cumstellar shell and may re�ect the spectral type of this shell rather than that of the
underlying stellar photosphere. Columns 17–20give an identi�er with the type of H �

emission pro�le, a literatur e estimate of ���

�����

and referencesto the papers in which
this was derived. In a number of casesan e (for emission-line star) was added to the
original classi�cation when it was evident from other sources that the star is an H �

emitter.
To be able to compute the total luminosity of the stars in our sample, photometric

data, from the ultraviolet (ANS, TD1, IUE), through the optical (Walraven
�����
	

�

,
Johnson/Cousins

��	

� ���

) to the infrar ed ( � ���

����� �

, IRAS), were collected from
literatur e. Since many of the stars in our sample show strong variations in bright-
ness, only optical and UV data obtained near maximum brightness were used. Af-
ter using the calibrations of Schmidt-Kaler (1982) to adopt an effective temperature

�
�! 

and surface gravity $ % &	� corresponding to the star's MK spectral type, the stel-
lar luminosity was computed following the method outlined in van den Ancker et
al. (1997). This method includes a correction for a possible anomalous extinction law
towards the object. An estimate of the star's infrar ed excessin the

�

and IRAS 12 mi-
cron bands was made by computing the magnitude dif ferencebetween the extinction-
corrected observed magnitude and a Kur ucz (1991)stellar atmosphere model �tted to
the extinction-corrected optical photometry. The computed visual extinction at max-
imum brightness � � , effective temperature �

�! and stellar luminosity
� "

are listed in
columns 21–23of Table 3.1.

In Figure 3.1, we plot the programme stars for which the Hippar cos mission re-
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CHAPTER 3. HIPPARCOSPHOTOMETRY OF HERBIG AE/BE STARS

Fig. 3.1. Hertzspr ung-Russell diagram of HAeBe stars with parallaxes measured by
Hippar cos. Also shown are the theoretical PMS evolutionary tracks (solid lines and
dashed lines) and the birthlines for 10

�

�

(upper dotted line) and 10
�
�

M � yr
�

�

(lower
dotted line) by Palla & Stahler (1993).

sulted in a better than 3� detection of the trigonometric parallax in the HRD. Typical
errors in $�% & �

�! are about 0.05(or one subclassin spectral type), but individual data
points may have larger errors. The error in luminosity is dominated by the error in the
distance and is indicated by the error bars. Also shown in Fig. 3.1are the PMS evolu-
tionary tracks and the birthline (i.e. the line where a star �rst becomesoptically visible
on its evolution to the zero-age main sequence)computed by Palla & Stahler (1993).
Using theseevolutionary tracks and the isochronesgiven by the sameauthors, we can
make an estimate of the massesand agesof our programme stars. Theseare listed,
together with their error estimates,in columns 24 and 25 of Table 3.1. Note that these
agesare based on the assumption that we are dealing with objects that are still con-
tracting towards the zero-age main sequence(ZAMS). If this assumption is incorrect
(e.g. HD 200775,Chapter 2), the listed ageswill of coursebe erroneous aswell.

As can be seen from Fig. 3.1, one star is located slightly to the left of the ZAMS,
but all other stars are located in the region between the ZAMS and the birthline, as
is expected for PMS stars. The star that is located to the left of the ZAMS, HD 34282,
is not well studied. Possibly its spectral type, based on data from the Henry Draper
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3.4. PHOTOMETRIC BEHAVIOUR

Fig. 3.2. Amplitude of the variations found in HAeBe stars as a function of stellar
effective temperature. Circles indicate stars in which the H � line is predominantly
double-peaked, squaresindicate stars in which H � shows a P Cygni pro�le, triangles
indicate stars with a single-peaked H � line in emission and diamonds are used for
stars in which H � is in emission, but for which no information on its shape is avail-
able. Open plot symbols indicate stars for which the measured range in variability
could be due to the uncertainty in the individual photometric measurements.

Memorial Catalogue, is erroneous or the photometric data set used to compute the
stellar luminosity was not obtained near maximum stellar brightness. The clustering
of stars in the HRD near the ZAMS canbe easily explained by the fact that starsevolve
much slower in the part of their PMS evolutionary track near the ZAMS than in the
part near the birthline. The distribution over the dif ferent massesin this diagram, with
less high-mass than intermediate-mass stars, is also in accordance with the expected
ratios of a standard massdistribution.

3.4 Photometric behaviour

Bibo & Thé (1991)analysed Strömgren photometry for 23HAeBe candidatesmeasured
in ESO'sLong Term Photometry of Variables (LTPV) programme. For the stars in com-
mon with our sample, their measured range in the Strömgren � magnitude agrees
within 0 �

�

1 with our range in � � , indicating that for these well studied cases
�

� � is
a good measure for the total range of variability . The number of stars in our sample
is much larger than that measured by these authors (with a comparable number of
measurementsper star), and is much lessobservationally biased,which should enable
us to draw statistically more signi�cant conclusions on the level of variability of the
HAeBe stellar group asa whole.
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3.4.1 Inclination effects

A very strong correlation between the level of photometric variability of a HAeBe star
and its spectral type was found by Finkenzeller & Mundt (1984): Nearly all strongly
variable (

���

�
0 �

�

5) stars in their sample have spectral types later than B8and all stars
with no signi�cant variations ( � 0 �

�

05) are of spectral type earlier than A0. Later this
result was reproduced by Bibo & Thé (1991),who suggestedthat this result was due to
selection effects in their limited sample. Davies et al. (1990)showed several examples
of bona�de Herbig Ae (HAe) stars which do not show the large variations predicted
for such stars by Finkenzeller & Mundt (1984),suggesting that the link between pho-
tometric variability and spectral type may not be as well de�ned as implied by these
authors.

Bibo & Thé (1991)pointed out that since thesestrongly variable stars spend most
of their time near maximum brightness and the typical timescale of such photometric
events is of the order of weeks, many accuratephotometric measurements over a sig-
ni�cantly longer period areneededto get a good unbiased measurement of the amount
of photometric variability . This is a criterion which is not met in a systematic way for
all data-sets present in literatur e. However, the Hippar cos photometry listed in Ta-
ble 3.1 consists of roughly one hundr ed measurements per star, taken at essentially
random time intervals with the sameinstrument over a 37month period, without any
bias to observe the “mor e interesting” casesmore than others, as is often the casein
ground-based work. Therefore it is much better suited to make an unbiased estimate
of the level of photometric variability than the data setsused in previous studies. For
this reasona new diagram of $�% & �

�! versus
�

� � was constructed, shown in Fig. 3.2.As
can be seenfrom this plot, some trend between stellar temperature and level of pho-
tometric variability is clearly present: Only stars with spectral type of A0 or later can
show variations with an amplitude larger than 0 �

�

5. However, moderate photometric
variations, of the order of several tenths of a magnitude canbeseenin all spectral types
present in our sample. In fact only 15 out of 44 stars in our sample are not �agged as
variable and in some casesthis is clearly due to the fact that they are too faint to be
measured accurately by Hippar cos. We conclude that at least 65% of all HAeBes do
show photometric variability with an amplitude larger than 0 �

�

05.
In the past many authors have constructed colour-magnitude diagrams for HAeBe

stars, and noted that for all stars showing large and for most stars showing interme-
diate brightness variations, there seemsto be a good correlation between colour and
brightness, with a redder colour corresponding to fainter brightness. In addition to
this, the linear polarization of the starlight also increaseswith diminishing brightness.
This behaviour is characteristic of variable, presumably circumstellar, extinction of
starlight by dust particles. Wenzel (1968)originally suggestedthat thesedust particles
are located in patchy dust clouds, revolving in Keplerian orbits around most HAeBes.
Smaller variations superimposed on thesemay be explained by photospheric activity
or clumpy accretion.

With this pictur e in mind, one possibleexplanation for the fact that largephotomet-
ric variations only occur at spectral types later than A0 could bethat sincedust particles
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3.4. PHOTOMETRIC BEHAVIOUR

Fig. 3.3. Amplitude of the variations found in HAeBe stars as a function of stellar
�������	� . Plot symbols have the samemeaning asin Fig. 3.2.

can survive closer to the star in cooler stars than in hot stars, the range of inclination
anglesunder which we would have to observesuch a systemto have thesedust clouds
in our line of sight would be narrower for B-type stars than for A-type stars. In this
pictur e all HAeBe stars would have thesedust clouds orbiting them, but we will only
seethesein our line of sight and henceseelarge amplitude variations for systemsseen
more or lessedge-on,recognizableby statistically larger value of � �

��� �

. If we combine
the literatur e data given in Table 3.1 with the Hippar cos data to construct a diagram
of � �

��� �

versus
�

� � (Fig. 3.3),no such correlation can be seen.One reasonfor this ap-
parent lack of correlation could be that in a lot of HAeBes these ���

�����

determinations
are dif �cult and sometimeseven erroneousdue to the lack of photospheric lines with-
out (sometimes variable) emission components. Also, one would expect theseyoung
stars to continue to spin-up during their PMS contraction phase,so the spread in the
intrinsic rotational velocity may have a stronger in�uence on the value of � �

��� �

than
the inclination. The fact that the range in quoted values on ���

� ���

is quite similar to that
seenin normal main sequencestars of the samespectral type argues against the latter
effect.

Grinin & Rostopchina (1996)argued that the sameinclination effect should be vis-
ible as a correlation between the level of photometric variability and the shape of the
H � line, presumably formed in a circumstellar gaseousdisk: In analogy to the situation
in classicalBe stars, we would expect to seea single-peaked H � pro�le in stars seen
pole-on, thus showing little photometric variability , and the starswith large photomet-
ric variations, seenmore or less edge on, should show a double-peaked H � pro�le.
In this scenario, the variations seenin H � , in which this line has one preferred shape,
but in some stars is occasionally seen to switch from for example double-peaked to
single-peaked could be either due to inhomogeneities in the accretion of circumstellar
gas, or due to a contrast effect in which part of the circumstellar gas is obscured by
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inhomogeneous dust clouds (Grinin et al. 1994).
Upon closer inspection of Fig. 3.2, in which the dif ferent preferred types of H �

pro�les from literatur e are indicated by dif ferent plot symbols, we note that indeed
most stars showing large photometric variations show double-peaked H � emission
and all stars with single-peaked H � pro�les only show moderate photometric varia-
tions. However, not all stars with little or no photometric variability show a single-
peaked emission pro�le. In fact many of theseshow a double-peaked emission line as
well. Therefore we conclude that if a dependenceon inclination is presentin both

�

� �

and the shape of H � , some other effect must be present as well to disturb the one to
one correspondence.

3.4.2 Evolutionary hypothesis

Another possibleexplanation for the trend shown in Fig. 3.2could bethat we areseeing
an evolutionary effect: According to the calculations by Palla & Stahler (1993),A-type
stars are optically visible during their contraction towards the ZAMS, whereasB-type
stars only becomevisible when they are very close to the ZAMS (c.f. the birthline in
Fig. 3.2). In this scenario the amplitude of the variations of HAe stars would diminish
with time until they would vanish after the star has �nished its main sequencecon-
traction. Support for this view comesfrom the observation that most stars with

�

� �
�

0 �

�

5 are classi�ed spectroscopically asgiants, and many of them are located right of the
main sequencein Fig. 3.1.

The fact that somegiants do not show thesestrong photometric variations could be
taken as evidence for the presenceof an inclination effect. However, van den Ancker
et al. (1996)showed that HAe stars change back and forth between a quiescent state
in which they show only very moderate photometric variations and an active state in
which the large amplitude variations are present many times during their evolution
towards the ZAMS. The time scaleover which such a star will remain in one statewill
be much longer than the 37months over which our range in variability was measured.
Considering the statistics in Table 3.1,in which there are only four bona�de HAe giants
that do not show large photometric variations, we consider it more plausible that the
photometrically inactive giants are in this quiescent state than to take this as an indi-
cation of an inclination effect. Sinceit is clear that other effects than inclination have a
strong in�uence on the level of photometric variability as well, some caution must be
taken in the current practice in literatur e of equating strongly variable HAeBe stars to
Herbig starsseenedge-on.

3.4.3 Correlations with infrared excess

If the interpr etation of the large photometric variations as being due to variable ex-
tinction by circumstellar dust is correct, one could expect some form of correlation
between the infrar ed excessand level of photometric variability in HAeBe stars. From
the typical time scalesof days to weeks associatedwith thesevariations, it was shown
that the dust clouds responsible for this must be at roughly one AU from the central
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Fig. 3.4. Amplitude of the variations found in HAeBe stars as a function of infrar ed
excessin the � (top) and IRAS 12micron (bottom) bands. Plot symbols have the same
meaning as in Fig. 3.2.

star (Thé & Molster 1994).At thesedistancesthe dust clouds should be heated up suf-
�ciently by the central star to radiate ef�ciently at infrar ed wavelengths. Therefore one
would expect that starswith smaller infrar ed excessesdo not show photometric varia-
tions, whereasthe oneswith larger infrar ed excessescan show both large and smaller
photometric variations, depending on the inclination angle under which they are seen.

To check for the presenceof such a correlation we plot our
�

��� against the excess
at 3.6and 12microns (Fig. 3.4). Indeed, none of the Herbig starswith small excessesat
thesewavelengths shows strong photometric variability , whereasthe oneswith larger
excessesshow a large spread in

�

��� . It is interesting to extrapolate this result to young
stellar objectswith lesscircumstellar material than the stars we have included in our
sample. Probably these will be recognizable as � Pic-like systems (Chapter 2), with
usually smaller infrar ed excessesand with less circumstellar gas than the HAeBes.
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Therefore we compiled a list of 52 B-, A- and F-type candidates for stars with circum-
stellar dust and Hippar cos data. None of thesestars shows a range in ��� larger than
0 �

�

1. In fact, the Hippar cosphotometry of � Pic itself is constant at the millimagnitude
level. This shows that the trend seenin our sample of HAeBescanbesmoothly extrap-
olated to the Vega-type stars and that our results are compatible with an evolutionary
scenario in which the two are linked.

3.5 Conclusions

In this chapter we have studied the photometric behaviour of a sample of 44 HAeBe
stars using a uniform data-set,provided by the Hippar cosastrometric satellite, which
is superior to those used in previous studies. We have shown that most (

�
65%),and

possibly all, HAeBes show photometric variations at the level of at least a few hun-
dredths of a magnitude.

As was already suggested by previous authors, Herbig stars with a spectral type
earlier than A0 only show moderate (amplitude � 0 �

�

5)photometric variability , whereas
the ones of later spectral type in our sample can show variations larger than 2 �

�

5.
These HAe stars showing strong photometric variability are relatively uncommon:
more HAe stars show moderate than large variations. Previous studies have shown
that these large photometric variations are due to variable extinction by circumstel-
lar patchy dust clouds, whereasa variety of mechanismscould be responsible for the
moderate to small ones.Wesuggestthat thesepatchy dust clouds areonly presentdur -
ing the PMSevolution of a star, and either vanish or becomemore homogeneouswhen
a star has reachedthe ZAMS. Probably this evolutionary effect, aswell as the spin-up
of a star as it evolves towards the ZAMS, explains the poor correlation between � �

��� �

or the H � pro�le and the level of photometric variability .
It was found that the Herbig stars with the smallest infrar ed excessesin our sam-

ple do not show large photometric variations, whereasthe ones with larger infrar ed
excessescan (but not necessarily have to) show variation up to 2 �

�

5. This can be un-
derstood by identifying the stars with lower infrar ed excesseswith the more evolved
objectsin our sample. SinceVega-type stars do not show thesevariations due to vari-
able circumstellar extinction and also display smaller infrar ed excesses,this is compat-
ible with a scenario in which theseHerbig stars will in time evolve into more massive
equivalents of � Pic.
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Chapter 4

The Remarkable Photometric Behaviour
of the Herbig Ae Star V351 Ori

M.E. van denAncker, P.S.ThéandD. deWinter,
A&A 309,809(1996)

Abstract

The photometric behaviour of the irr egular variable Herbig Ae star V351 Ori was
investigated combining data from the literatur e with new photometric data in the
Strömgren system. It is shown that this enigmatic object changed its photometric
behaviour from that of a Herbig Ae star with strong photometric variations, due to
extinction by circumstellar dust clouds, to that of an almost non-variable star. Sucha
behaviour is not unique; it has been found also in the star BN Ori (Shevchenkoet al.
1997).This suggeststhat such transitions must occur quite often during the evolution
of intermediate mass HAeBe stars towards the main sequence(MS). However, it is
equally probable that before such a star arrives at the MS, it will become strongly
variable again after collecting enough dust from its environment.

During the processof V351Ori's transition from a Herbig Ae star with strong pho-
tometric variations to a non-variable one, the maximum brightness in the Strömgren

� ,
�

and
�

magnitudes decreased,whereasthat in � increased,causingastrong blueing
effect in the colour-magnitude diagrams. It should be noted that this effect happened
at a decreasein visual brightness by about 0 �

�

2 magnitude only. It is therefore caused
by a dif ferent mechanism than that in V351 Ori before the transition and in UX Ori
type stars,where the blueing effect occurs at a decreasein � of about 2 �

�

5.
The transition, from a strongly variable star to the statein which V351Ori is nearly

constant at a level equal to that of its maximum brightness before the transition, hap-
pened very fast (within 50days), and went along the interstellar reddening line in the
colour-magnitude diagrams. A provisional model to explain V351Ori's behaviour, in
which it is assumed that a temporarily strong accretion of matter onto the star took
place, is proposed.
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CHAPTER 4. THE REMARKABLE HERBIG AE STAR V351ORI

4.1 Introduction

The irr egular variable H � -emission line star V351 Ori = HD 38238(R.A. = 05
�

44
�

18�

� 8;
Dec. = +00

�

08
�

40
� �

; 2000) was not recognized by Herbig (1960) as a Herbig Ae/Be
(HAeBe) object. Finkenzeller & Mundt (1984)also did not include V351 Ori in their
catalogue of HAeBes, but Koval'chuk (1985b)and Zajtseva (1986)believe that V351
Ori belongs to the HAeBe group. Accidentally , the star was also not listed in the cata-
logue of HAeBesby Thé et al. (1994).The brightness of V351Ori changesfrom

	

= 8 �

�

3
to 11 �

�

6, as given in Parenago's GeneralCatalogueof VariableStars. The star is located
in the dir ection of the Lynds 1630dark cloud region, de�ned by Lynds (1962),and is
accompanied by a 13

� �

magnitude ( ���

�

) star, located 15
� �

west of it.
Photometric observations of V351Ori were published by Koval'chuk (1984a)in the

Johnson
��	

� ���

system,by Chkhikvadze (1990)in the Strömgren � �

�

� system,and by
Kilkenny et al. (1985)in the Strömgren � �

�

� , Johnson-Cousins
��	

��� �����
	

and in the
near-IR ��� �

�

systems. From his colour-magnitude diagrams Chkhikvadze (1990)
notes the presenceof a weak blueing effect. However, such blueing effect had been
found previously by Koval'chuk (1985a)more pronouncedly. Kilkenny et al. (1985)
did not analysetheir observations of V351Ori. Zajtseva(1986)classi�ed V351Ori asof
spectral type A7 III, and InSa as the type of variability . A �ar e-like event, strongest in
the ultraviolet, observed in the lightcurve of V351Ori hasbeenreported by Koval'chuk
(1984b),without an explanation of its cause.

We present in this chapter the results of our study of the photometric and colour
behaviour, and the spectral energy distribution (SED) of V351 Ori. For this purpose
we have obtained new photometric observations, which were combined with the data
of Koval'chuk (1984a),Chkhikvadze (1990)and of Kilkenny et al. (1985). For a better
knowledge of the properties of V351 Ori new visual low and high resolution spectra
were obtained aswell.

4.2 Observations

4.2.1 Photometry

During the last sevenyears,V351Ori was monitor ed by the ESO“Long Term Pho-
tometry of Variables” (LTPV) group, using the Strömgren Automatic Telescope(SAT;
former Danish 50 cm telescope)at La Silla. This telescopeis equipped with a simul-
taneous multicolour photometer using the Strömgren � �

�

� system. Any systematic
effect due to non-simultaneous measurements at the dif ferent passbandsare therefore
avoided. Becausewe used a diaphragm with a small diameter (17

� �

), we do not expect
any signi�cant contamination of our measurementswith the light from the 13

���

magni-
tude star located 15

� �

west of V351Ori. Immediately before and after eachprogramme
star measurement two comparison stars (HD 38155and HD 38203),located close to,
and with roughly the same magnitude and colours as V351 Ori, were measured to
checkwhether the observed variations are real. Sinceparts of theseobservations were
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4.2. OBSERVATIONS

Fig. 4.1. Lightcurves of V351 Ori in the Strömgren � , � ,
�

and
�

passbands. Squares
representdata of Koval'chuk (1984a),plus signs thoseof Kilkenny et al. (1985),crosses
those of Chkhikvadze (1990),diamonds indicate data from Table 4.1and open circles
are data of the ESOLTPV group.
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CHAPTER 4. THE REMARKABLE HERBIG AE STAR V351ORI

Fig. 4.2. Colour-magnitude diagrams of V351Ori in the Strömgren ���

� �

system. The
symbols have the samemeaning asin Fig. 4.1.The solid lines indicate the interstellar
reddening dir ection.

already published by Sterken et al. (1993, 1995), and the other part will appear in
a forthcoming publication by the ESO “Long Term Photometry of Variables”-group,
they are not listed here.

To achieve the highest accuracy in the corrections for extinction by the earth atmo-
sphere, the measured magnitudes of V351 Ori were corrected, after applying a stan-
dard photometric reduction procedure, with the dif ferencebetween the measured and
averaged magnitudes of the comparison stars. The non-variability of the comparison
starswas con�rmed by comparing the standard deviations in their measurementswith
those of the other comparison stars in the ESOLTPV programme. Average errors in
the in this way obtained new Strömgren photometric data are 0 �

�

009,0 �

�

004,0 �

�

004,and
0 �

�

005for � , � ,
�

and � , respectively.

Additional photometric data of V351 Ori in the Walraven system were obtained in
December 1985and January 1986using the 90 cm Dutch Light Collector at La Silla.
Measuring and reduction procedures have been explained by Lub & Pel (1977). Typ-
ical errors in these data are 0.004,0.003,0.004,0.006,and 0.009for

�

,
���

	

,
	

�

�

,
�

�

�

, and
	

�

�

, respectively. During theseobservations the Walraven
����� 	

�

in-
tensities were measured simultaneously, thereby avoiding any systematic effects due
to non-simultaneous measurements at the dif ferent photometric passbands. The re-
sulting new Walraven photometry, measured through a 21�

� �

5 diaphragm, is listed in
Table 4.1. The last column lists the corresponding

�

magnitude in the Johnsonphoto-
metric system, computed using the formula suggestedby Brand & Wouterloot (1988).
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Table 4.1.New photometry of V351Ori in the Walraven system

JD � 2440000 � �

�

� �

��� �����

�

�

� ���

6425.5682 � 0.904 0.180 0.511 0.264 0.243 9.106

6426.7396 � 0.845 0.165 0.489 0.234 0.241 8.960

6435.5501 � 0.867 0.159 0.497 0.235 0.237 9.015

6439.6571 � 0.831 0.156 0.484 0.231 0.237 8.925

6443.6203 � 0.828 0.155 0.487 0.221 0.233 8.919

6443.6218 � 0.829 0.155 0.482 0.222 0.231 8.922

6450.6728 � 0.841 0.158 0.489 0.228 0.234 8.950

6451.6352 � 0.842 0.164 0.496 0.231 0.234 8.951

The new Strömgren � , � ,
�

and � magnitudes are plotted against the Julian Date (JD)
asopen circles in Fig. 4.1. Also shown in this diagram are the Strömgren photometric
data by Kilkenny et al. (1985) (+ signs) and Chkhikvadze (1990) (crosses),and the
Johnson

�

data (taken equal to the Strömgren � magnitude) by Koval'chuk (1984a)
(open squares) and Kilkenny et al. (1985)(+ signs) and the converted Walraven data
from Table 4.1 (diamonds). Colour-magnitude diagrams of the � magnitude vs. the

�

�

� , �

�

� and
�

�

� colours are shown in Fig. 4.2.
In Fig. 4.3 we plotted the Johnson

��	

�����

data of Koval'chuk (1984b)against the
JD using open squares. Also plotted in this diagram (as + signs) are the

��	

��� ����� 	

data in the Johnson/Cousins systemby Kilkenny et al. (1985),converted to the Johnson
��	

�����

systemusing the transformation formulae of Bessell(1979).Colour-magnitude
diagrams of thesedata as

�

against
�

�

	

,
	

� �

,
� � �

and
� � �

areshown in Fig. 4.4.

4.2.2 Spectroscopy

A single low-r esolution CCD spectrum of V351Ori, covering the wavelength range
of 3400to 6800 	A, was obtained on December 14, 1994(JD 2449702.1752),using the
Boller & Chivens spectrograph mounted on the ESO1.5 m telescopeat La Silla. This
new spectrum is shown in Fig. 4.5.A spectrum of the star located 15

� �

west of V351Ori
was also extracted from this CCD frame. The resulting spectrum (not presentedhere)
shows that this companion star does not have H � in emission, and is of spectral type
late F. Whether this star is physically associatedwith V351Ori is not clear.

Two high-r esolution (
�

= 55,000;0.05 	A/pixel) CCD spectra of V351 Ori, covering
the Na I 	 (5858–5910	A) and H � (6536–6591	A) wavelength rangeswere obtained on
January16(JD2449733.1197)and January17,1995(JD2449734.0414),respectively, with
the CAT/CES combination at La Silla. These observations were conducted through
remote control from ESOHeadquarters, Garching bei München, Germany. The new
high-r esolution spectra are shown in Fig. 4.6. The narrow absorption lines in these
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CHAPTER 4. THE REMARKABLE HERBIG AE STAR V351ORI

Fig. 4.3.Lightcurves of V351Ori in the Johnson � ,
�

, � , � and � magnitudes. Squares
representdata of Koval'chuk (1984a)and plus signs those of Kilkenny et al. (1985).

52



4.2. OBSERVATIONS

Fig. 4.4. Colour-magnitude diagrams of V351 Ori in the Johnson �

�

� � � system
The plot symbols have the same meaning as in Fig. 4.3. The solid lines indicate the
interstellar reddening dir ection.

Fig. 4.5. Low resolution optical spectrum of V351 Ori with the most prominent lines
identi�ed.
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CHAPTER 4. THE REMARKABLE HERBIG AE STAR V351ORI

Fig. 4.6. (a) High resolution spectrum of V351Ori in the H � region, rebinned to helio-
centric velocities. The dotted line indicates the photospheric H � line of a standard A7
III star; (b) the samefor the Na I

�

region. The dotted line indicates the continuum
level.

spectra are due to water vapour in the earth's atmosphere and should therefore be
ignored.

4.3 Analysis of the photometric data

When we examine the lightcurves in Figs. 4.1 and 4.3, we notice that V351 Ori has
changed its photometric behaviour drastically over the period of 14 years covered by
thesediagrams. In the period before JD2446000the star shows large ( � 2

�

) brightness
variations in

�

and � ; the maximum visual brightness is � 8 �

�

8. When we look at the
colour-magnitude diagrams in the Johnson

� 	

�����

system over this period (Fig. 4.4),
we notice that for

�

� 10�

�

0 there seemsto be a linear relation between the
�

magni-
tude and the colour-indices, in which the colours becomeredder as

�

increases.The
slope of this relation is compatible with that of the normal (i.e.

�

� = �������

�

	

� � �

= 3.1) interstellar extinction law, as derived from the semi-theoretical extinction laws
by Steenman& Thé (1991). This suggeststhat, like in the Herbig Ae star UX Ori (e.g.
Grinin et al. 1994),thesevariations are causedby variable amounts of extinction of the
starlight by circumstellar dust particles.

We also notice that there seemsto be a fair amount of scatter around
�

= 10�

�

35
in Fig. 4.4. This is due to the �ar e-like event observed by Koval'chuk (1984b). As
the stellar brightness decreaseseven further , we seethe blueing effect; with increasing

�

, the colours now becomebluer. Following Grinin (1988),this blueing effect can be
explained by assuming the presenceof a dust envelope containing sub-� m dust grains
around V351 Ori. The radii of these particles are small enough to scatter the blue
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4.4. THE UNUSUAL BLUEING EFFECTOF V351ORI

photons of the stellar radiation, producing a faint blue emission. The complete colour-
magnitude diagram in Fig. 4.4 can now be explained by assuming the passing by of
obscuring dust clouds, revolving around the star. Due to the screening by such a dust
cloud, the light from the star becomesfainter and redder causedby extinction by the
particles in the dust cloud. Below somebrightness level, the scattered blue light by the
dust envelope dominates, and produces the observed blueing effect.

If we only look at the light-curve in Fig. 4.3and the colour-magnitude diagrams in
Fig. 4.4,we would come to the conclusion that the photometric behaviour of V351Ori
is like that of a typical Herbig Ae star with largephotometric variations, suchasUX Ori
(Grinin et al. 1994).However, in Fig. 4.1we canseethat V351Ori changedits photometric
behaviourfromthat ofaHerbigAestarshowinglargephotometricvariationsto that ofanearly
constantone. This processseemsto have started around JD 2446000.Before this date,
the star showed large (

�
2

�

) variations in � with a maximum brightness of � 8 �

�

8 in
this passband. Between JD 2446000and JD 2448200,V351 Ori only varied by several
tenths of a magnitude in � , and the star's maximum visual brightness dims by 0 �

�

16 to
� � 9 �

�

0. Between JD 2448200and JD 2448250,the maximum brightness of V351 Ori
rapidly increasesto � � 8 �

�

84, equal to its level before JD 2446000.After JD 2448250,
the variations in brightness nearly vanished.

The sametrend as in � can also be observed at the
�

and � passbands,although the
decreasein the maximum brightness mentioned above is at

�

less than in � and in �

lesseragain. This createsa small blueing effect when we plot the � vs.
�

�

� and � vs.
�

�

� colour-magnitude diagrams (Fig. 4.2).However, in the plot of � vs. �

�

� shown in
the same�gur e, we notice a very large and very unusual blueing effect. This is caused
by the fact that in the � lightcurve the maximum brightness in the period between JD �

2446000and JD � 2448200increased,whereasit decreasedin the � ,
�

and � passbands.
It should be stressedhere that above observational facts are exhibited not only by our
LTPV data, but also by part of those of Chkhikvadze (1990),meaning that these facts
are real, not due to systematic errors in the LTPV data.

Finally, it is of interest to note that the relation between brightness increaseand
colour for the transition period from JD 2448200to JD 2448250,displayed in Fig. 4.2,
goes along lines with a slope compatible with that of the normal (i.e.

�

� = 3.1) in-
terstellar extinction law, such as derived from the semi-theoretical extinction laws by
Steenman& Thé (1991).This suggestthat the dimming and reddening is related to the
variable extinction by circumstellar dust.

4.4 The unusual blueing effect of V351 Ori

From new observations in recentyears it appearsmore and more evident that HAeBe
stars are surrounded by disks. The outer, cooler part of these disks are inhabited by
dust grains, which very often are forming clumps; they are also indicated as dust
clouds. Theseclouds are revolving in Keplerian orbits around the star, and if the incli-
nation angle of the disk is large enough (i.e. the disk is oriented nearly edge on), they
are able to screenthe star, causing the observed irr egular brightness variations.
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When a dust cloud obscures the central star, it is possible that the central star is
obscured to such an extent that we can measure its light scattered by the small dust
particles. Therefore, after the star �rst becomesredder, when it is obscured, it will
become bluer again as it dims further . This is what is called the blueing effect (e.g.
Bibo & Thé 1990, 1991). Such a situation is found, for instance, in the star UX Ori
(Grinin et al. 1994).The irr egular variations in brightness are often named Algol type
variations, becauseat a deep minimum the star can decreasein brightness by more
than 2 �

�

5, similar to eclipsing binaries like Algol.
Considering the irr egular variation of the light of V351 Ori (seeFigs. 4.1 and 4.3)

and the blueing effect in its colour-magnitude diagram before JD2446000(Fig. 4.4),we
believe that the circumstellar disk of this star is oriented nearly edge on. Inspection of
the colour-magnitude diagram after JD2446000(Fig. 4.2)shows that thesealso exhibit
a blueing effect. However, not during deep minima (like in Fig. 4.4), but with a

�

�

of only 0 �

�

2 (Fig. 4.2). Furthermor e, this blueing effect seemsto have a much stronger
colour-dependence in �

�

� , than in both �

�

� and
�

�

� , which is also not observed
in UX Ori-type systems. Sincewe will not yet be able to observe scattered radiation
with such a small decreasein brightness this unusual blueing effect must be causedby
another mechanism than that for the blueing effect with a

���

of 1 �

�

7 in Fig. 4.4,which
can be explained by the samemechanism assuggestedfor UX Ori.

It is of interest to consider in the discussion of the blueing effect also the peculiar
results by Koval'chuk (1984b),who observeda �ar e-like event lasting lessthan 2 hours
and with a magnitude of 0 �

�

4 in the
�

band in V351 Ori. Unfortunately his data were
obtained in a period when we and Chkhikvadze have not made any observations. For
this reasonwe are not able to make comparisons. The �ar e-like event Koval'chuk had
found occurs in a state of very low stellar brightness, around

�

= 10�

�

35. Since the
increasein brightness was the strongest in

�

, this event createsalso a blueing effect
in the colour-magnitude diagrams, which is responsible for most of the scatter in the
data points around

�

= 10�

�

35in Fig. 4.4.Although it is striking that this �ar e-like event
occursat a brightness equal to the turning-point in Fig. 4.4,it doesnot seemlikely that
this event is causedby the scattering of the radiation of the central star by dust grains.
What the true reasonis, is very dif �cult to understand.

The unusual blueing effect we have observed in V351Ori (Fig. 4.2) lasts very long,
more than 6 years. However, theseobservations were not done continuously. There-
fore,a possibility remains that in between this interval, the star had returned to its nor-
mal situation onceor more often. It should also be noted that contrary to the �ar e-like
event observed by Koval'chuk (1984b),the blueing effect starts at a higher brightness
(

�

� 9 �

�

0). Therefore, we believe that we are not dealing with the same mechanism
causing the �ar e event observed by Koval'chuk (1984b).

4.5 The spectral type from photometric data

A rough estimate of the spectral type of V351 Ori was made from the broad-band
photometry by Kilkenny et al. (1985),obtained near maximum brightness. Using the
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intrinsic two colour
�

	

� � �

� versus
�

�

�

	

�

� diagram for main sequencestars(Schmidt-
Kaler 1982),we determined the intrinsic colours

�

	

� � �

� and
�

�

�

	

�

� , assuming a
reddening dir ection of �

�

�

�

	

�

���

�

	

� � �

= 0.72,corresponding to that of a normal
(i.e.

�

� = 3.1)extinction law. From theseintrinsic colours we derive the colour excesses
�

�

	

� � �

and �

�

�

�

	

�

, aswell asthe spectral types, using the catalogueof Schmidt-
Kaler (1982). Since the intrinsic

�

	

� � �

� versus
�

�

�

	

�

� two colour diagram for
stars of dif ferent luminosity classesis nearly identical, for the range of spectral types
considered here, this method can not be used to determine the luminosity class. The
resulting possible spectral types are A0, corresponding to �

�

	

� � �

= 0 �

�

37, and A6,
corresponding to �

�

	

� � �

= 0 �

�

17.

4.6 The visual spectra

In the low resolution spectrum of V351 Ori (Fig. 4.5) we recognise that of an A6 or
A7 weak emission-line star. The spectrum is dominated by the Balmer lines, with H �

to H 14 in absorption, whereasH � is apparently �lled in by an emission component.
Other features of this spectrum include strong Ca I I � (blended with H � ) and � and
Na I 	 absorption lines, as well as numerous weaker metallic absorption lines. Our
spectral type of A6/7 agreeswell with the spectral type of A7 III obtained by Zajtseva
(1986),which we will adopt in our further discussion.

From the high-r esolution H � spectrum of V351 Ori (Fig. 4.6a) we notice that the
H � emission hasa very strong reversedP Cygni pro�le, indicating accretion of matter
towards the star. When we compare the H � pro�le of V351Ori with that of a standard
A7 III star (the dotted line in Fig. 4.6a),we notice that there are extra emission compo-
nents at

�

88
�

6 km s�

�

and +190
�

6 km s�

�

. Their equivalent widths are
�

1.90
�

0.05 	A and
�

0.05
�

0.02 	A, respectively.

In the high-r esolution spectrum of the Na I 	 region of V351 Ori (Fig. 4.6b)we see
that the sodium lines consist of a strong and narrow component, superimposed on a
much broader (

�

� ������� km s�

�

) and weaker component. The equivalent widths of
the narrow components are 0.67

�

0.03 	A for the 5890.2 	A 	

� line and 0.71
�

0.03
	A for the 5896.3 	A 	 � line. Theseare too large to be accounted for by the interstellar
sodium lines alone. Therefore, the narrow components must consist of a blend of the
interstellar and circumstellar lines. Another indication of the blended nature of these
lines is that at our resolving power a double peakedabsorption pro�le is just visible in-
side thesesharp components. The dif ferencein velocity between thesetwo absorption
components, presumably the interstellar line and the sharp circumstellar component,
is 12

�

4 km s�

�

. The weak and broad component in the sodium lines could very well
bedue to Na I in the cooler outer parts of an accretion disk around V351Ori. As canbe
expectedfor a late A type star, the He I 5876 	A absorption line (not shown in Fig. 4.6b)
is absentin V351Ori.
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CHAPTER 4. THE REMARKABLE HERBIG AE STAR V351ORI

Fig. 4.7. The ultraviolet spectra of V351 Ori. The dotted line indicates the reddened
Kur ucz (1991)model with �

�! = 7650K and ������� = 3.6.

4.7 The ultraviolet spectra

In connection with their study of the UV-excessin HAeBe stars,Blondel & Tjin A Djie
(1994)took two low-dispersion IUE spectra(SWP29678and LWP 9520)of V351Ori in
Nov. 1986(JD 2446749.2602and JD 2446749.2248,respectively). Theseare displayed
in Fig. 4.7. Sincethe region longwar d of 2600 	A is severely underexposed in the LWP
image, this part of the spectrum is not shown here. The brightness of V351 Ori when
theseexposuresweremade was measured by IUE in the Fine Error Sensor(FES).Using
the calibration given by Barylak (1989),which takes the sensitivity decreaseof the FES
into account, we obtain a

�

magnitude of 9 �

�

08
�

0 �

�

05 from the FEScounts when
these exposures were made. This implies that at the time of the IUE measurements
V351Ori was near its maximum brightness during the period between JD2446000and
JD2448200.

Also shown in Fig. 4.7 is the Kur ucz (1991)model with �
�! = 7650K, and $�% &	� =

3.6 (corresponding to a spectral type of A7 III), reddened with the normal interstellar
extinction curve by Steenman& Thé (1991),employing a colour excessof �

�

	

� � �

=
0 �

�

16,derived from the photometry by Kilkenny et al. (1985)and the adopted spectral
type of A7 III. From the comparison of the observed IUE spectra with the reddened
Kur ucz model, it is clear that no UV-excessis visible in the region shortward of 1700 	A.

From this lack of UV-excessshortward of 1700 	A, Blondel & Tjin A Djie (1994)con-
cluded that a possible accretion disk of V351Ori is oriented in such a way that the hot
boundary layer is not visible. Therefore, it will not contribute in the ultraviolet spec-
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4.8. THE SPECTRALENERGY DISTRIBUTION

tral region. If this is indeed the casethe observed ultraviolet spectral region will be
in�uenced by possible scattering of radiation of the central star by small grains only.
However, in the previous and next sectionswe �nd no evidencethat accretion is occur-
ring through a disk, eliminating the need for the existenceof such a boundary layer.

4.8 The spectral energy distribution

The extinction-fr ee spectral energy distribution (SED) of V351 Ori, taken near maxi-
mum brightness, was analyzed by comparing it with the Kur ucz (1991)theoretical SED
model with � �  = 7650K, and $�% &	� = 3.6,corresponding to a spectral type of A7 III. The
main source of the photometry used in the construction of the SED are the simulta-
neous

��	

�����

and �����

�

photometric observations by Kilkenny et al. (1985). This
photometry was supplemented with the Walraven data from Table 4.1,the Strömgren

� �

�

� data from the LTPV programme as well as far-infrar ed data from Gezari et al.
(1993)and the IRAS point sourcecatalogue (secondedition). The ultraviolet data con-
sists of the two IUE low-r esolution spectra rebinned to the resolution of the Kur ucz
(1991)models, again omitting data beyond 2600 	A. From the photometry by Kilkenny
et al. (1985) and the adopted spectral type of A7 III we derived a colour excessof

�

�

	

� � �

= 0 �

�

16. The resulting observed (squares) and extinction corrected (circles)
SEDsof V351Ori are shown in Fig. 4.8.

The method used to analyze the SEDis explained by Steenman& Thé (1989).With
this method it is possible to correct for anomalous extinction characterized by the ratio
of total to selective extinction

�

� . An
�

� -value for a star can be obtained, by �tting
its extinction-fr ee SED,until, by trial and error, a best �t is reached,according to the

�

� -test. This �tting procedure is applied only up to 1.3 � m ( � -pass band), because
beyond this wavelength the SED could be in�uenced by thermal emission of circum-
stellar dust grains. Furthermor e, our SED �tting procedure dif fers from the one em-
ployed by Steenman& Thé (1989)by the useof the new extinction laws by Steenman&
Thé (1991),and the application of the new Kur ucz (1991)models. Furthermor e, �uxes
were integrated over the responsecurve of the photometric band, instead of using
monochromatic �uxes. The resulting value of

�

� doesnot dif fer signi�cantly from the
one usually found for interstellar extinction (

�

� = 3.1). As can be seenfrom Fig. 4.8,
the quality of the �t, with

�

� = 3.1, to the Kur ucz model is very good in the ultravio-
let and the optical wavelength ranges,with a large amount of excessradiation above
photospheric levels in the infrar ed.

From the SED, we also computed the stellar luminosity using the following for-
mula:

� "

�

���

�����
	

�

����� 
����������

d
���

(4.1)

with
�

the distance towards the star, and
� ��� 
����������

the Kur ucz model, �tted to the
extinction-corrected SED. If we adopt a distance towards V351 Ori of 400

�

80 pc,
as determined from the parallactic component of proper motions of stars in the Ori
T3 association by Artyukhina (1959),

�("

= 50
�

14 L � . This stellar luminosity agrees
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CHAPTER 4. THE REMARKABLE HERBIG AE STAR V351ORI

Fig. 4.8.Observed (squares)and extinction-corr ected(circles)SEDsfor V351Ori. The
leftmost solid lines indicate the observed and extinction corrected IUE spectra. Also
shown are the Kur ucz model (left dashed line), the disk model (middle dashed line)
and the 76 K Planckian (right dashed line) �tted to the infrar ed excessand the total
model (solid line), �tted to the extinction-fr eeSED.

well with the the luminosity of a A7 III star in Schmidt-Kaler (1982), thereby again
con�rming the spectral classi�cation of this star by Zajtseva (1986).

The fact that the SED in the near infrar ed can be approximated by a straight line
indicates the presenceof an extended disk or dust shell around the star, whereasthe
strong bump in the far-infrar ed suggeststhe presenceof an additional cooler compo-
nent. We modelled this SEDusing a simple disk model (van den Ancker et al. 1997),
but with an additional 76K dust shell, radiating asa black-body. For an assumedrange
of inclination anglesof the systembetween 15

�

and 80
�

, the inner disk radius (at a tem-
perature of 2400K) is at a distance 0.08–0.19AU from the central star. The outer disk
radius is poorly constrained, but extends at least to 6–14AU for this grid of models.
If we assumethat the material in the additional 76 K dust shell is in thermal equilib-
rium, the distance of this shell to the central star can be computed using the procedure
outlined by de Winter & Thé (1990),resulting in a value of 970AU.

By integrating over the model �tted to the infrar ed excess,we also computed the
luminosities of the disk and the dust shell, 10

�

3 and 9
�

3 L � , or 21 and 18% of
the stellar luminosity , respectively. The sum of these two contributions is equal to
the amount of stellar luminosity absorbed by dust in the blue and ultraviolet (30 L � ),
computed by taking the dif ferencebetween the luminosities of the Kur ucz model �tted
to the extinction-correctedSEDand aversion of this model reddened with

�

� = 3.1and
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4.9. POSITION IN THE HR-DIAGRAM

Fig. 4.9. Position of V351 Ori in the Hertzspr ung-Russell diagram. Also shown are
the theoretical Pre-main sequenceevolutionary tracks and the birthline by Palla &
Stahler (1993).

�

�

	

� � �

= 0 �

�

16. This shows that dust clouds may indeed be suf�cient to explain the
observed infrar ed excessand photometric variations of V351Ori.

It is important to stressthat all infrar ed observations of V351Ori weremade during
the period in which the star still showed photometric variations. Therefore, we do not
know whether the infrar ed excessshown in Fig. 4.8 is still the same today, or that it
has changed along with the star's photometric behaviour. New infrar ed photometric
observations of V351Ori are needed to clarify this issue.

4.9 Position in the HR-diagram

Using the stellar luminosity of 50
�

14 L � computed in the last section, we were
also able to obtain the position of V351 Ori in the Hertzsprung-Russell diagram. The
resulting HR diagram, in which the Pre-Main Sequenceevolutionary tracks by Palla
& Stahler (1993)are also plotted, is shown in Fig. 4.9. The dotted line in this diagram
is the so-called “birthline”, where a star becomesvisible for the �rst time during its
evolution towards the main sequence.From Fig. 4.9 we note that V351 Ori is located
between the main sequenceand the birthline, at the evolutionary track of a star with a
massbetween 2.5 and 3.0 M � . According to the isochrones by Palla & Stahler (1993),
the ageof a star at the position in the HR-diagram indicated in Fig. 4.9would be 1–2 �

10
�

year.
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CHAPTER 4. THE REMARKABLE HERBIG AE STAR V351ORI

4.10 Discussion and conclusions

The photometric behaviour of V351Ori may play a key rôle in understanding the pre-
main sequenceevolution of intermediate-mass stars. In this chapter we have shown
that this object changed from a Herbig Ae star with strong photometric variations to
a almost non-variable one. Such a change had previously only been observed in the
Herbig Ae star BN Ori around 1947(Shevchenkoet al. 1997).This behaviour and other
properties of V351Ori deservespecialattention in the study of the evolution of Herbig
Ae stars towards the main sequence.

A �rst conclusion that can be drawn from the fact that we have actually been able
to observesuch transitions in the relative short period thesestars have beenobserved
systematically, is, that such transitions from Herbig Ae stars with strong photometric
variations to almost non-variable onesmust occur quite often during the evolution of
intermediate-mass HAeBe stars towards the main sequence(MS). We should realise,
however, that it is equally probable that before such a star reachthe MS, it will become
strongly variable again, after collecting enough dust from its environment.

During the processof V351Ori's transition from a Herbig Ae star with strong pho-
tometric variations to a non-variable one, the maximum brightness in the Strömgren

� ,
�

and � magnitudes decreased,whereas the maximum brightness in � increased,
causing a strong blueing effect in the colour-magnitude diagrams. The change from
this transition period to the state in which V351 Ori is nearly constant, at a brightness
level equal to that of its maximum brightness before the transition period, happened
very fast (within 50days), and went along the interstellar reddening line in the colour-
magnitude diagrams. Thesefacts may give us a clue to the mechanisms responsible
for the peculiar behaviour of this star.

Since before JD 2446000the photometric variations of V351 Ori were caused by
dust clouds revolving in Keplerian orbits around the star, it seemsthat around this
date someevent started which either destroyed the dust in theseclouds, or moved the
dust clouds from our line of sight. This event continued until JD 2448200,after which
the star rapidly becamenearly constant in brightness. So far, we can only speculate
about the causeof this event. It could be that it is correlated with a temporarily strong
accretion of dust onto the star. Such an event will be accompanied by shock-fronts
which createsan extremely hot gaseousdisk near the equatorial plane closeto the star.
This hot optically thick gaseousdisk blocked part of the visual and blue light of the
star, causing a visual brightness decreaseof about 0 �

�

2. At the sametime, this hot ob-
ject radiates ultraviolet energy superposed on that of the central star. This is causing
the increaseof the ultraviolet brightness of the star. When the accretion of dust stops,
the visual and blue stellar light regain their maximum brightness, whereasthe ultravi-
olet contribution of the hot disk disappears, and the ultraviolet brightness drops. The
ROSAT mission �ew in the sameperiod in which this extremely hot gaseousdisk was
presumably presentcloseto V351Ori; it should beobservablein X-rays. Unfortunately
no ROSAT observations of the �eld containing V351Ori were made.

At present it is very important to observeV351Ori in the near infrar ed. If the dust
clouds close to the star are indeed accreted onto the central star, we should expect a
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clear decreaseof the infrar ed excessin the SED of this star. Further monitoring of
V351Ori remainsnecessaryto seewhether the dust clouds around this very interesting
objectstart to re-occur, in which casethe star will becomestrongly variable oncemore.
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Noteaddedin proofThe Hippar cos results discussed in Chapter 3 show that V351 Ori
hasremained constantuntil the end of the Hippar cosmission in 1993.After the current
chapter was published, new �����

���

aperture photometry of V351Ori was obtained
on Sept. 14–16,1997(JD2449975.424–2449979.374),at the South African Astronomical
Observatory. The resulting magitudes were not signi�cantly dif ferent from those ob-
tained by Kilkenny et al. (1985),showing that the total amount of warm dust has not
changed. However, new spectroscopic observations by Gray & Corbally (1998,AJ 116,
2530)have shown V351 Ori to be slightly metal depleted, suggesting a relation of the
phenomena discussedin this chapter with thoseobserved in

�

Bootis stars.
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Chapter 5

Circumstellar Dust in the Herbig Ae
Systems AB Aur and HD 163296

M.E. vandenAncker, J.Bouwman,P.R.Wesselius,L.B.F.M. Waters,
S.M. DoughertyandE.F. vanDishoeck,A&A, submitted(1999)

Abstract

Using both the Short- and Long-wavelength Spectrometers on board the Infrar ed
SpaceObservatory (ISO), we have obtained infrar ed spectra of the Herbig Ae sys-
tems AB Aur and HD 163296.In addition, we obtained ground-based

�

band images
of HD 163296.Our results can be summarized as follows: (1) The main dust compo-
nents in AB Aur are amorphous silicates, iron oxide and PAHs; (2) The circumstellar
dust in HD 163296consistsof amorphous silicates, iron oxide, water ice and a small
fraction of crystalline silicates;(3) The infrar ed �uxes of HD 163296are dominated by
solid state features;(4) The colour temperature of the underlying continuum is much
cooler in HD 163296than in AB Aur , pointing to the existenceof a population of very
large (mm sized) dust grains in HD 163296;(5)The composition and degreeof crystal-
lization of circumstellar dust are poorly correlated with the ageof the central star. The
processesof crystallization and grain growth are also not necessarily coupled. This
meansthat either the evolution of circumstellar dust in protoplanetary disks happens
very rapidly (within a few Myr), or that this evolution is governed by factors other
than stellar massand age.

5.1 Introduction

Herbig Ae/Be starsare intermediate-mass pre-main sequencestarssurrounded by
disks of gasand dust which might be the site of on-going planet formation (seeWaters
& Waelkens1998for a recent review). AB Aur (A0Ve) and HD 163296(A3Ve) belong
to the best studied Herbig stars and are sometimes considered prototypical for the
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Table 5.1.Astrophysical parameters of programme stars

AB Aur Ref. HD 163296 Ref.

� (2000) 045545.79 (1) 175621.26 (1)
�

(2000) +30 3305.5 (1) � 215719.5 (1)
�

[pc] 144
�

� �

�

��� (2) 122
�

���

�

�

�

(2)

Sp. Type A0Ve+sh (3) A3Ve (8)

� [
�

] 7.03–7.09� (2) 6.82–6.89 (2)
��� �

�

�	� [
�

] 0.16
 0.02 (4) 0.04
 0.02 (4)

�
�! 

[K] 9500
�

�

���

�

�����

(2) 8700
�

�����

�

�����

(4)

�

"

[L � ] 47
 12 (2) 26
 5 (4)

�

"

[R � ] 2.5
 0.5 (4) 2.2
 0.2 (4)
�

"

[M � ] 2.4
 0.2 (2) 2.0
 0.2 (4)

log(Age) [yr] 6.3
 0.2 (2) 6.6
 0.2 (4)

H � P Cygni (5) Double-peaked (9)

����� � � [km s
�

�

] 80
 5 (5) 120
 1 (10)

rot. period [
�

] 32
 3 (6) 35
 5 (11)

� [
�

] 76 (7) 58 (7)

P.A. [
�

] +79
�

�

�

�

(7) +126
�

�

�

�

(7)

� However, older photographic measurements (Gaposchkin 1952)show values up to �
��
����

���

for AB Aur .

References:(1) Hippar cosCatalogue; (2) Chapter 3; (3) Böhm & Catala (1993);(4) This chapter;
(5) Böhm & Catala (1995);(6) Böhm et al. (1996);(7) Mannings & Sargent (1997); (8) Gray &
Corbally (1998);(9) Pogodin (1994);(10)Halbedel (1996);(11) Catala et al. (1989).
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entire class.As early as 1933,Merrill & Burwell remarked upon the similarity of both
systems,which was con�rmed by numerous subsequentauthors. Apart from the fact
that the stellar mass, effective temperature and age of AB Aur and HD 163296are
nearly identical (Table3.1),the similarity between the two systemsalsoextendsto their
circumstellar environment: both AB Aur and HD 163296are examples of relatively
isolated star formation, and arenot hindered by confusion with other sources(Henning
et al. 1998;Di Francescoet al. 1998).

Both AB Aur and HD 163296show a rich, variable, emission-line spectrum from
the ultraviolet to the optical. With a few exceptions,most noticeably the observed [O I]
emission, theselines have beensuccessfullymodelled asarising in an inhomogeneous
stellar wind (Catala et al. 1989;Böhm et al. 1996;Bouret et al. 1997). Infall of material
has been detected in both HD 163296and AB Aur through monitoring of UV and
optical absorption and emission lines (Grady et al. 1996,1999). In the infrar ed, both
starsareamong the sourceswith the strongest10 � m silicate feature in emission (Cohen
1980; Sitko 1981; Sorrell 1990). Neither star shows the 3.29 � m UIR emission band
present toward many Herbig Ae/Be stars (Brooke et al. 1993). Basic astrophysical
parameters of both starsare listed in Table 5.1.

There is strong evidencefor the presenceof a circumstellar disk in both AB Aur and
HD 163296.Bjorkman et al. (1995)detecteda 90

�

�ip of the polarization angle between
the optical and the ultraviolet in HD 163296,which they interpr eted as evidence for a
�attened, disk-like structure. Mannings & Sargent (1997)resolved the gaseousdisks
surrounding AB Aur and HD 163296using CO millimeter wave aperture synthesis
imaging. Using continuum measurements at 1.3 mm, the sameauthors also resolved
the circumstellar dust disk of HD 163296. The AB Aur dust disk has also been re-
solved in the infrar ed, and shows a surprisingly strong dependenceof disk diameter
on wavelength, ranging from 0 �

� �

0065(0.94AU) at 2.2 � m (Millan-Gabet et al. 1999),
through 0 �

� �

24(35AU) at 11.7 � m to 0 �

� �

49 (70AU) at 17.9 � m (Marsh et al. 1995).
In this chapter we presentnew infrar ed spectraof AB Aur and HD 163296obtained

with the Short- and Long Wavelength Spectrometers on board the InfraredSpaceObser-
vatory (ISO). We will discuss thesespectra and their implications for the evolution of
dust in Herbig systems.In a subsequentpaper (Bouwman et al. 1999),we will describe
a model for the circumstellar dust disks of AB Aur and HD 163296and apply it to these
data.

5.2 Observations

ISO Short Wavelength (2.4–45 � m) Spectrometer (SWS;de Graauw et al. 1996)and
Long Wavelength (43–197 � m) Spectrometer (LWS; Clegg et al. 1996) full grating
scansof AB Aur were obtained in ISO revolutions 680 (at JD 2450717.747)and 835
(JD 2450872.380),respectively. An SWSfull grating scan of HD 163296was made in
revolution 329(JD 2450367.398).Observing times were 3666secondsfor the SWSand
2741secondsfor the LWSobservations. Data were reduced in a standard fashion using
calibration �les corresponding to OLP version 7.0(SWS)or 6.0(LWS),after which they
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CHAPTER 5. DUST IN THE HERBIG AE SYSTEMSAB AUR AND HD 163296

were corrected for remaining fringing and glitches. To increasethe S/N in the �nal
spectra, statistical outliers were removed and the detectors were aligned, after which
the spectrawere rebinned. The resulting spectraare shown in Fig. 5.1.

�

-band (10.1 � m) images of HD 163296were obtained on July 25, 1997 (at JD
2450654.608)using TIMMI on the ESO3.6mtelescopeat La Silla. Total integration time
was 65minutes. The pixel sizewas 0 �

� �

336,with a total �eld of view of 21�

� �

5 � 21�

� �

5. After
a standard reduction procedure, the HD 163296image was indistinguishable from that
of the standard star � Sgr. After deconvolution of the HD 163296image with that of

� Sgr, the resulting stellar image stretched across 2 pixels. We conclude that the bulk
of the 10 � m �ux of HD 163296comesfrom an area less than 0 �

� �

7 (90 AU at 122pc) in
diameter.

5.3 Contents of spectra

The infrar ed spectraof AB Aur and HD 163296(Fig. 5.1)show big dif ferences:whereas
AB Aur shows the cool, strong continuum expected for a Herbig star, for HD 163296
the continuum appears to be so weak that the entire SWSspectrum is dominated by
solid-state emission features. The IRAS �uxes also plotted in Fig. 5.1 suggest that an
underlying continuum in HD 163296is present, but peaks longwar d of 100 � m and
therefore is much cooler than the � 40K continuum in AB Aur .

Both AB Aur and HD 163296show a strong 9.7 � m amorphous silicate feature to-
gether with a broad emission complex ranging from 14 to 38 � m. The emissivities for
various dust components in the spectra are included in Fig. 5.1. In the HD 163296
spectrum the broad emission complex ranging from 14 to 38 � m is too broad and too
intense to be solely attributed to the 19 � m feature due to the O–Si–Obending mode.
We tentatively attribute this feature to a blend of silicates and iron oxide. Lab spectra
of FeOalsoshow a strongly rising emissivity in the short-wavelength range of the SWS
(Henning et al. 1995).When folded with a � 800K blackbody, this naturally produces
a broad emission feature peaking around 3 microns, which is presentin both stars.

The large degree of redundancy in the SWSdata makes it possible to assessthe
reality of weak spectral features which at �rst glance may appear to be lost in the
noise. Eachpart of the spectrum was scannedtwice by twelve detectors,soby checking
whether a particular feature is seen in all detectors and in both scan dir ections, it is
possible to disentangle real featuresfrom noise. The featuresidenti�ed in this way are
listed in Table 5.2. AB Aur clearly shows the familiar 6.2 and 7.7 and possibly also
the 8.6 and 11.2 � m UIR bands usually attributed to emission by polycyclic aromatic
hydr ocarbons(PAHs), aswell asa new UIR band at 15.9 � m. The 3.29 � m UIR band is
absent.

The HD 163296spectrum shows a number of small emission features at wave-
lengths corresponding to those of crystalline olivines. ((Mg � Fe�

�

� ) � SiO� ). In addition
to this, HD 163296shows emission from the 44 � m H � O ice feature. The relative loca-
tion of the IRAS 60 � m measurement in comparison to the SWSspectrum suggeststhat
the long-wavelength H � O ice feature around 69 � m as well as the broad unidenti�ed
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Fig. 5.1. ISO spectraof AB Aur (top) and HD 163296(bottom) with the main features
identi�ed. The solid dots indicate ground-based and IRAS photometry (Berrilli et
al. 1987,1992;Hillenbrand et al. 1992; Weaver & Jones1992). The dashed line in
the top plot is the AB Aur spectrum after subtracting a spline �t to the continuum.
Also shown (dashed lines at bottom) are the emissivities at a given temperature of
the various dust components in the spectra. The bars at the bottom of the plot show
the IRAS 12, 25, 60 and 100 � m passbands(FWHM). The inset in the AB Aur plot
shows the UIR bands in the 5.5–9.0� m region after subtracting a pseudo-continuum.
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Table 5.2.Contents of spectra

Feature FeO PAH PAH PAH PAH Si-O PAH PAH O-Si-O FeO
�

[ � m] [3] [3.3] [6.2] [7.7] [8.6] [9.7] [11.2] [15.0] [15.9] [19] [23]

AB Aur � – � � � � � : � : � � �

HD 163296 � � : � : – – � – – – � �

Feature Oliv. Oliv. Oliv. Pyr.? Oliv. Oliv. Oliv. H � O ice
�

[ � m] [11.3] [13.4] [16.3] [17.8] [18.2] [23.5] [31.3] [33.5] [40.7] [43.8]

AB Aur – – – – – –
�

:
�

:
�

: –

HD 163296 � � � � � � � � � �

feature longwar d of 100 � m, observed in HD 100546and HD 142527(Malfait et al. 1998
and in preparation), might also be very prominent in HD 163296.PAHs are very weak
or absent in HD 163296.

In addition to the solid-state features,both AB Aur and HD 163296also contain a
number of H I recombination lines at shorter wavelengths. All lines from the Bracket
and Pfund included in the SWSwavelength range seriesare present,while the higher
H I seriesare not detected,possibly due to the combined effect of a lower instrumental
sensitivity and a higher background in this part of the spectrum. Theserecombination
line data will be discussedin more detail in a forthcoming paper.

The LWS spectrum of AB Aur is relatively smooth and featureless. The only line
that is clearly visible in the spectrum is the [C I I] line at 157.7 � m. The strength of this
line (8.6 � 10�

� �

W m �

� ) is compatible with it originating in the background rather
than being circumstellar. As can be seenfrom Fig. 5.1, there is a � 25% dif ference in
the �ux scalesbetween the AB Aur SWSand LWS spectra in the overlapping region.
Although within the formal errors of the absolute �ux calibration for SWSand LWS,
this discrepancy is larger than that found in other sources.The dif ferencecannot be at-
tributed to the dif ferent aperture sizes(33

� �

� 20
� �

for SWSversus a circular 80
� �

FWHM
for LWS),and confusion with extended emission, since then the LWS spectrum would
have to have a higher �ux level than the SWSspectrum. It is interesting to note that
in the time interval between the SWSand LWS measurements, AB Aur did show an
optical photometric event which could have also affected the infrar ed brightness (van
den Ancker et al. 1999and referencestherein), so the dif ferencein �ux between SWS
and LWS might in fact be due to real variability . In Fig. 5.1 we also plotted the IRAS
�uxes of AB Aur . Although compatible with both spectra, the IRAS 60 � m �ux agrees
better with the SWSspectrum, so we rather arbitrarily chooseto adopt the SWS�ux
calibration for the region around 45 � m.
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5.3. CONTENTS OF SPECTRA

Fig. 5.2.Spectralenergy distributions of AB Aur (top) and HD 163296(bottom). Open
squaresand circles indicate observed and extinction corrected �uxes from literatur e
(Wesseliuset al. 1982;Thé et al. 1985;Strom et al. 1972;Cohen & Schwartz 1976;
Berrilli et al. 1987,1992;Hillenbrand et al. 1992; Weaver & Jones1992;Mannings
1994;Güdel et al. 1989;Brown et al. 1993;Skinner et al. 1993). The solid lines show
Kur ucz models for the stellar photospheresof AB Aur and HD 163296.The dashed
lines show linear �ts to the submm data points for comparison with the slope of the
Rayleigh-Jeanstail of the Kur ucz model.
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5.4 Spectral energy distributions

SpectralEnergy Distributions (SEDs)of AB Aur and HD 163296were constructed from
literatur e data aswell asour new ISOspectraand newly obtained VLA photometry for
HD 163296(van den Ancker et al., in preparation) and are shown in Fig. 5.2. All the
submm �uxes in theseSEDsrefer to single-dish measurements. As can be seenfrom
Fig. 5.2, the SED can be naturally decomposed in three parts: the optical wavelength
range,where the total system�ux is dominated by the stellar photosphere, the infrar ed
to submm, where emission originates from the circumstellar dust disk, and the radio,
where free-freeemission from the stellar wind becomesdominant.

The dif ference in behaviour of the dust component in HD 163296and AB Aur is
striking: after a nearly �at energy distribution in the infrar ed, the sub-mm and mm
�uxes of AB Aur drop rapidly (

��� ��� �

�

�

� � ), indicative of the dust becoming optically
thin at thesewavelengths, whereastoward HD 163296the slope of the sub-mm to mm
�uxes (

� �

�

��� � ) is within errors equal to that of the Rayleigh-Jeanstail of a black body
(

� �

�

� ). The new radio points at 1.3, 3.6 and 6 cm for HD 163296do not follow the
simple power-law dependenceexpectedif thesewere solely due to free-freeradiation.
This demonstrates that even at wavelengths as long as 1.3 cm, a signi�cant fraction
of the system �ux is due to circumstellar dust. The 3.6 and 6 cm �uxes are probably
dominated by free-freeemission.

The energy distribution of a circumstellar dust disk is governed by its temperature
pro�le, the density distribution and the dust properties (chemical composition and size
distribution). Sincethe circumstellar disks of AB Aur and HD 163296starsareexpected
to bepassive(Waters& Waelkens1998)and the properties of the central starsarenearly
identical, the temperature pro�le in the disks are expected to be similar as well. One
possibility to explain the dif ferent sub-mm to mm slope for AB Aur and HD 163296
could be a much �atter density distribution for HD 163296.However, with a standard
sub-mm dust emissivity ( � = 2) the inferr ed dust mass for HD 163296would become
implausibly large. A better explanation may be that the dust properties of AB Aur and
HD 163296are dif ferent, a fact already concluded independently from the ISO spectra.
To beable to radiate ef�ciently , dust particles must haveasizesimilar to (or larger than)
the wavelength, pointing to the existenceof a population of mm- to cm-sized cold dust
grains in the circumstellar environment of HD 163296,whereasthose in AB Aur must
be micron-sized. The ISO spectrum of HD 163296also contains warm ( � 800K) dust,
suggesting a signi�cant lack of emission from dust of intermediate temperatures.

5.5 Discussion and conclusions

We have shown that the main dif ferencebetween the AB Aur and HD 163296systems
is that HD 163296contains a population of very large (mm to cm-sized), cold, partially
crystalline, dust grains, which is absent in AB Aur . AB Aur contains a population of
small dust grains (PAHs), which is absent in HD 163296. In view of the fact that the
stellar parameters are nearly identical except for stellar rotation, thesedif ferencesare

72



5.5. DISCUSSIONAND CONCLUSIONS

remarkable. This must mean that either the evolution of the dust composition in proto-
planetary disks happenswithin the error in the agedetermination of both systems(2 �

�

�

�

Myr for AB Aur vs. 4�

�

�

�

Myr for HD 163296;Chapter 3),or that the evolution of the dust
is dominated by external factors such as initial cloud size and angular momentum.

Wehave alsoshown that in AB Aur and HD 163296iron oxide is a constituent of the
circumstellar dust mixtur eand canalsoberesponsiblefor the observedexcessemission
near 3 � m. Sincethe near-infrar ed excessexhibited by our programme stars is by no
meansunusual for a Herbig Ae/Be star, this meansthat the sameapplies for the entire
group of Herbig stars. Therefore the results of models attributing this near infrar ed
excessemission to very hot dust from an actively accreting disk (e.g. Hillenbrand et
al. 1992)must be regarded with some caution. The caseof HD 163296demonstrates
that infrar ed broad-band photometry can be completely dominated by emission from
solid-state features,which must also be taken into account in any futur e modelling of
the energy distributions of Herbig stars.

The detection of PAHs in AB Aur shows that ground-based surveys (e.g. Brooke
et al. 1993)have underestimated the fraction of Herbig stars containing PAHs. The
caseof HD 163296shows that the fraction of Herbig stars showing PAH emission will
not go up to 100%,so models depending on the presenceof very small dust grains
to explain the observed near-infrar ed excessin Herbig Ae/Be stars (Natta et al. 1993;
Natta & Krügel 1995)will not be successfulin all cases.We believe iron oxide to be a
more plausible explanation for this near-infrar ed excess.

It is dif �cult to attribute the absenceof the 3.29 � m feature in AB Aur to an unusual
temperature of the PAHs. Sincethe 6.2and 7.7 � m C–C stretchesare strong, while the
bandsdue to C–H bonds areweak or absent,a morepromising possibility seemsa very
low hydr ogen covering factor of the PAHs in AB Aur or the presenceof a population
of large ( � 100C atoms) PAHs (Schutte et al. 1993). If the new 15.9 � m UIR band in
AB Aur is also causedby PAHs, this suggeststhat it is also due to a C–C bond.

To gain more insight in the evolution of dust in protoplanetary disks, it is useful
to compare the spectra presented here to those of other Herbig Ae stars. Except for
the absenceof crystalline material, the AB Aur spectrum and energy distribution are
nearly identical to those of its older counterpart HD 100546(Malfait et al. 1998).In the
caseof AB Aur (2.5M � ), any possible crystallization of circumstellar dust must there-
fore occur at a stellar ageolder than 2 � 10

�

years. The dif ferencesbetween HD 100546
and HD 163296are larger: the crystalline dust in HD 100546is much more prominent
than that in HD 163296and the population of large cold dust grains seenin HD 163296
is absentin HD 100546.

As thesecasesof AB Aur , HD 163296and HD 100546demonstrate, the age of the
central star and the degreeof crystallization do not show a one to one correspondence,
but the processesof grain growth and crystallization in protoplanetary disks are also
not necessarilycoupled. Studying a larger sample of Herbig Ae/Be stars might shed
more light on what causesthis large observed diversity in dust properties in systems
which appear very similar in other aspects.
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Chapter 6

Submillimeter Mapping of the R CrA
Region

M.E. vandenAnckerandG. Sandell,
A&A, to besubmitted(1999)

Abstract
We presentnew 450,800and 850 � m maps of the R CrA region obtained with UKT14
aswell asthe newly installed Submillimeter Common User Bolometer Array (SCUBA)
at the JCMT. We show that in addition to the previously known population of class
I and II young stellar objects(YSOs),the region also contains at least two and possi-
bly asmany assix sofar unknown Class0 sources.This brings the density of known
YSOsin the region to similar values to that found in other star forming regions. From
the multitude of Class0 sourcesin the region we conclude that either thesecannot be
unambiguously identi�ed with protostars or that the protostellar evolutionary phase
must last much longer than predicted by current evolutionary theories. In addition
to this, we show that the two newly detected YSOsare the most likely candidates for
the driving sourcesof the Herbig-Har o objectsin the region.

6.1 Introduction

At a distance of 130pc (Marraco & Rydgren 1981),the Corona Australis cloud is one
of the closestregions of active star formation. Superimposed on an elongated system
of dark clouds, several more compact bright nebulae are visible, which are thought
to be the location of recent star formation. At the heart of condensation A one �nds
the bright nebula NGC 6729. The Herbig Ae star R CrA is located at the apex of this
cometary nebula, whereas another Herbig star, T CrA, is located in the tail. Apart
from thesetwo massive,optically visible, young stellar objects(YSOs),it also contains
a population of about 20more embedded YSOs,clustered around R CrA (Knacke et al.
1973;Taylor & Storey 1984;Wilking et al. 1997).
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CHAPTER 6. SUBMILLIMETER MAPPING OF THE R CRA REGION

An elongated nebulous structure,apparently associatedwith R CrA, hasbeeninter-
preted by Ward-Thompson et al. (1985)as being due to two jets, probably emanating
from this star. The same authors also report the presenceof a jet associatedwith T
CrA. Ward-Thompson et al. (1985)interpr eted thesejetsasbeing collimated by a small
inner circumstellar disk focussing the CO out�ow . An alternative explanation is given
by Canto et al. (1986),who suggest that there is only one structure with its plane vis-
ible in the North-South dir ection. The optical jet is then explained as light emitted or
re�ected by the southern edge of the easterncavity.

The dynamics of the gas in the molecular cloud is complicated. Levreault (1988)
mapped the region in

�

� CO � =2–1and pointed out that his results can be best under-
stood asarising from the superposition of two separatebipolar molecular out�ows; a
strong compact one, arising from the neighbourhood of the R CrA cluster, in the East-
Westdir ection and a more extended one,apparently centered on the sourceHH100-IR,
at a position angle of 30

�

. More recentobservations in several sub-mm molecular tran-
sitions by Harju et al. (1993)and Anderson et al. (1997)showed that the driving source
of the East-Westernout�ow is not the Herbig star R CrA, aswas originally proposedby
Levreault, but the infrar ed source IRS7.They also discovered a dense,rotating molec-
ular disk around this embedded YSO. The rotation axis of this molecular disk is not
well aligned with the bipolar molecular out�ow , but shows a remarkable coincidence
with a string of Herbig-Har o (HH) objectsdiscovered by Hartigan & Graham (1987).
They suggestedthat IRS7is the driving source for theseaswell as the powerful shock
seenin SiO ( � =2–1, � =0) emission.

In the 6 cm VLA map of the R CrA region obtained by Brown (1987),IRS7shows an
extended structure with two point-like sourcessituated symmetrically on both sides
of the object. He proposed that the continuum radio emission may be due to shock-
excited inner portions of a thick accretion disk surrounding a YSOwith a strong stellar
wind. This interpr etation was recently rejectedby Wilking et al. (1997),who showed
that at 10 � m the source is offset from its near-infrar ed position and can be identi�ed
asscattered light from the heavily embedded western radio-source,IRS7A.The nature
of the western radio-source,IRS7B,remains unclear.

Henning et al. (1994)and Saracenoet al. (1996)mapped the central region of the R
CrA cloud at 1.3mm. They showed IRS7to be the strongest submillimeter sourceand
remarked upon the similarity of this embedded ( ���

� 35
�

; Taylor & Storey 1984)object
to the well-known YSO L1551-IRS5.Considering the proximity of IRS7to the Herbig
Ae/Be star R CrA, this means that published far-infrar ed and submillimeter �uxes of
R CrA in literatur e (Wilking et al. 1985;Natta et al. 1993;Mannings 1994)must at least
partly be attributed to this source rather than the Herbig star. Models describing the
distribution or composition of the circumstellar material assuming R CrA is the only
contributing source(Natta et al. 1993;Pezzuto et al. 1997)must therefore be used with
caution.

In this chapter we presentnew maps of the RCrA region at 450,800and 850microns
and show that it alsocontains a population of embedded protostarswhich are the most
likely candidates for the driving sourcesof the Herbig-Har o objects.
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Fig. 6.1. UKT14 850 � m continuum map of the R CrA region. Contours are overplot-
ted at intervals of 0.03mJy beam

�

�

, starting at a level of 0.03mJy beam
�

�

. Prominent
infrar ed and radio sourcesin the region are indicated by stars and squares, respec-
tively . The circle at the bottom right corner illustrates the beam size.

6.2 Observations

The central part of the R CrA region was mapped at 800 � m using the UKT14 Com-
mon User Bolometer (Duncan et al. 1990)on the 15m JamesClerk Maxwell Telescope
(JCMT) on Mauna Kea, Hawaii, during several periods from 1988to 1990. Simulta-
neous 450 and 850 � m maps of the region were obtained in August 1997 with the
Submillimeter Common User Bolometer Array (SCUBA) on the same telescope. For
the UKT14 data the mapping was performed by scanning the telescopecontinuously
in azimuth, while the SCUBA maps were obtained by jiggling the JCMT's secondary
mirr or to 64 points to completely sample the 2 �

�

3 hexagonal �eld of view. Beam sizes
(half-power beam width) for these observations were 8.5, 13.5 and 14�

� �

7 for the 450,
800and 850 � m data, respectively. Sky variations were cancelledout by chopping the
secondary by 36 (UKT14) and 120(SCUBA) arcsecondsin azimuth as well as by nod-
ding the telescope. For the SCUBA data, residuals of the remaining emission from
the earth's atmosphere were taken out by subtracting an interpolation of the signal of
several bolometers at the edge of the array. Since in the region under consideration
even theseare expected to contain signal from the more extended dark cloud, the av-
erage level of the subtracted signal was later added again into the �nal image. After
a standard data reduction process,the resolution of the UKT14 map was enhancedby
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Fig. 6.2.SCUBA 450(left) and 850(right) � m maps of the R CrA region. Contours are overplotted at intervals of 1.2mJy beam �

�

, starting at
a level of 1.3mJy beam �

�

for the 450 � m map, and at intervals of 0.3mJy beam �

�

starting at 0.3mJybeam �

�

for the 850 �m data. Prominent
infrar ed and radio sourcesin the region aswell asbeamsizesare again shown.

80



6.3. DISCUSSIONAND CONCLUSIONS

Table 6.1.Positions and photometry of point-like sources

No. R.A. Decl.
���

�

�

����� �

���

�

�

� ��� �

�

���
	

�

� ��� �

(B1950.0) [mJy] [mJy] [mJy]

1 185828.5 � 370232 6.6 1.1 –

2 185832.2 � 370207 4.6 – 0.8

3 185832.8 � 370141 6.7 1.3 0.9

4 185833.2 � 370210 5.2 – 1.5

5 185833.9 � 370152 5.5 0.9 0.8

6 185836.1 � 370131 7.1 1.3 1.5

deconvolving it using a maximum entropy technique.
Flux calibration of the �nal maps was achieved by observing the planets Mars and

Uranus as well as sources from the list of secondary submm calibrators by Sandell
(1994). The accuracy of the absolute �ux calibration in the �nal images is expected to
be better than 15% at 800 and 850 � m and approximately 30% for the 450 � m data.
The positioning of the telescopewas checkedby observing standard pointing sources
before and after each observation and is accurate up to 2

� �

. Fluxes and positions of
point-like sourcesin the region weredetermined by �tting two-dimensional Gaussians
to the reduced maps and computing the total �ux from these. This procedure gave
an uncertainty in the measurements, mainly due to the correction for the extended
background emission, of around 20%,bringing the total error of the point source�uxes
to � 25%for 800and 850 � m and 40%for 450 � m. Resulting positions and �uxes are
listed in Table 6.1.

Comparing the �uxes in Table 6.1with submm aperture photometry of the region
in literatur e it can be easily seenthat some authors have considerably overestimated
the �uxes coming from the two optically brightest stars,R and T CrA becauseof poor
subtracting of emission from the surrounding nebula. In fact, there is hardly any en-
hancedcontinuum �ux at the position of thesestars in our maps. We conclude that the
intrinsic submm �ux of theseobjectsmust be smaller than 4.5mJy at 450and 1.1mJy
at 850 � m.

6.3 Discussion and conclusions

The positions of several known near-infrar ed and radio-sources are overplotted in
Figs. 6.1 and 6.2. The continuum emission at both 450 and 850 � m is dominated by
the central region, which appears to be resolved into at least four compact sources,
superimposed on a large extended structure, in the 450 � m SCUBA map. Because
of the crowded region, these four sources cannot be unambiguously identi�ed with
near-infrar ed sources. Although the positional agreement isn't perfect, we tentatively
identify the two most northern compact sourcesin the core with radio sources7A and
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B from the paper by Brown (1987).
In the 850 � m SCUBA map an extension of the central nebulosity to the west, ex-

tending to the edge of the image can be seen. It seemslikely that this is due to the
source IRS 5, located just outside our 850 � m map, which is also visible in the VLA
maps of the R CrA region by Brown (1987)and in the 1.3 mm map of Henning et al.
(1994).IRS5 is one of the few objectsin the region to possessan infrar ed re�ection neb-
ula (Castelaz& Hackwell 1987)and was also classi�ed asan infrar ed excesssourceby
Wilking et al. (1997).Suterset al. (1996)found this sourceto show variable continuum
emission at 6 cm. The reasonfor this variability remains unclear.

In addition to the sourcesin the core, there are two point-like sourcesat the edge
and just outside the extended emission. One of these is roughly (offset � 10

� �

) coin-
cident with the location of HH-100 IR. The other one is located near the Herbig-Har o
objectsHH-104 A and B (Hartigan & Graham 1987;Graham 1993).Both thesesubmm
sources do not seem to have a near-infrar ed counterpart and can be identi�ed with
Class 0 sources in the classi�cation schemedevised by Lada (1987)and Andr é et al.
(1993).Our north-eastern submm source is not present in the radio- and submm con-
tinuum maps of the region by Brown (1987),Suterset al. (1996),Henning et al. (1994)
and Saracenoet al. (1996). The fact that it is present in both the UKT14 and SCUBA
data convinces us that this source is most de�nitely real and must have escapedde-
tection in the previous surveys becausethesewere either lesssensitive (radio) or had
less spatial resolution (submm) than ours. The inclusion of the new Class 0 sources
in counts of the stellar density in the cluster (Wilking et al. 1997)brings the resulting
numbers well in agreement with other embedded clusters such as NGC 2024,NGC
2068and 2071in Orion and the BD+40

�

4124group.
It is striking that our two isolated point-like submm sources both have several

Herbig-Har o (HH) objects in their vicinity . Furthermor e, the north-eastern one is lo-
cated close to HH-104 A and B, the only HH objects in the region not located in the
string of Herbig-Har o objects discovered by Hartigan & Graham (1987). Our south-
western object is located exactly in the middle of this linear structure. This brings us
to suggest that our two Class0 sourcesare in fact the driving sourcesbehind the HH
objectsin the region.

The distribution of sourcesin Figs.6.1and 6.2is intriguing: The two sourceslocated
outside the central nebulosity show that star formation has already advanced past the
central core to the outer regions. Since there are four submillimeter sources in the
central part of the region and only two in the outer parts, it seemssafe to assume
that some of these are located in the core of the molecular cloud rather than in the
outer parts and seenprojectedonto the core. From their positions in the Hertzsprung-
Russell diagram we conclude that the two optically visible stars, R and T CrA, must
have formed at least 1.5 � 10� years ago. Therefore, the star formation processin
this 5 pc diameter cloud core must have been going on over this entire period, and
possibly longer, sincethere may beolder lessmassivestars in the region which are still
embedded becausethe pre-main sequencecontraction is much slower for low-mass
stars.

According to theoretical evolutionary models (Shu et al. 1987;Adams et al. 1987;
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Fletcher & Stahler1994),the protostellar phase(de�ned asthe phasein which a central
object has yet to accrete the bulk of its initial stellar mass from its surroundings) is
supposed to be shortlived. During this evolutionary phaseaccretion rates, and hence
bolometric luminosities, should be very high ( � 10�
� M � yr �

�

) and the source should
show strong out�ow activity. Given the predicted relative timescales of a YSO as a
protostar and as an “embedded YSO”, protostars are expected to form a very small
( �

�

1%) fraction of the population of any given cluster. In the past some authors have
identi�ed the Class0 sourcesasgood candidates for protostars. Yet we seeat least two
and possibly asmuch of six Class0 sourcesin our �eld, on a population with about 20
ClassI and two ClassII sources.This must either mean that Class0 sourcescannot be
unambiguously identi�ed with protostars, but consist mainly of Class I sourcesseen
through large amounts of extinction, or that the protostellar phase must last much
longer (and accretion rates and hence luminosities must be lower) than predicted by
current evolutionary models. Further measurements to determine the exact energy
distribution of our submm sourcescan distinguish between thesetwo possibilities.
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scope(JCMT), Mauna Kea, Hawaii. The JCMT is operated by the Joint Astronomy Centre on
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Chapter 7

ISO Spectroscopy of the Young Bipolar
Nebulae S106and Cep A East

M.E. vandenAncker, A.G.G.M. TielensandP.R.Wesselius,
A&A, to besubmitted(1999)

Abstract

We present the results of ISO SWSand LWS grating scans towards the embedded
Young Stellar Objects (YSOs)S106IR and Cep A East. Emission from the pure rota-
tional lines of H � and the infrar ed �ne structure lines of [C I I], [O I], [S I], [Si I I] and
[Fe I I], aswell asabsorption bands due to H � O, CO and CO � ice weredetectedtoward
Cep A. In S106we detected emission lines of H � , CO, H I, and a number of ionized
speciesincluding Fe,O, N, C, Si, S,Ne and Ar. S106also shows many of the infrar ed
PAH bands in emission. Excitation temperaturesand masseswere derived from the
low-lying pure rotational levels of H � and are 490and 740K and 0.08and 0.007M � of
H � for S106and Cep A, respectively. Sinceboth objectsare expected to have several
solar massesof molecular hydr ogen in their environment, we conclude that in both
casesthe bulk of the H � is cooler than a few hundr ed Kelvins. Excitation temperatures
and line ratios were compared with those predicted by theoretical models for PDRs
and dissociative and non-dissociative shocks. The [S I] 25.2 � m/[Si I I] 34.8 � m ratio
is a particularly useful shock versus PDR discriminant and we conclude that S106IR
is dominated by PDR emission while Cep A East has a large shock component. The
[O I] 145.5 � m/[C I I] 157.7 � m ratio is sensitive to density and we conclude that the
density in the S106PDR is about 10

�

–10
�

cm
�

� . The density of the pre-shock gas in
Cep A is similar: about 10

�

cm
�

� .

7.1 Introduction

The infrar ed emission-line spectrum of Young Stellar Objects(YSOs)is dominated by
the interaction of the central object with the remnants of the clouds from which it
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formed. The intense UV radiation generatedby accretion aswell asby the central star
itself causesdissociation of molecular material close to the YSO and ionizes much of
the atomic material, giving rise to typical nebular and recombination lines. The strong
stellar wind, often collimated into a bipolar out�ow , will causea shock wave as it hits
the surrounding molecular cloud. The post-shock gas is warmed suf�ciently to emit
strong molecular and ionic lines. In this chapter we will study the infrar ed emission-
line spectraof two massiveYSOs,S106IR and Cep A, and compare the observed lines
with those predicted by theoretical models for photodissociation regions and shocks.

Neutral clouds irradiated by far-ultraviolet (FUV) photons are known asphotodis-
sociation regions (PDRs). In these regions, heating of the gas occurs by collisions
with electrons, photoelectrically ejected from grain surfaces. Cooling of the gas oc-
curs mainly through emission in atomic �ne-str ucture and molecular lines, reaching
intensities that should be easily observable in a wide range of astronomical objects.
The gas in the surface regions of thesePDRs reachestemperatures of typically 500K
(e.g. Tielens& Hollenbach 1985),making it possible to collisionally excite the low-lying
pure rotational levels of molecular hydr ogen, provided that the region has a suf�cient
density and incident FUV �ux. Sincethe lowest ro-vibrational lines of H � have energy
levels of the order of 5000K, theselow-lying pure rotational H � lines, hard to observe
from the ground, are the only reliable probeof the physical conditions of the dominant
species.

The physical situation in shock waves is quite distinct. Here the molecular gas
is compressedby a supersonic wave moving into the gas and consequently heated.
Shocksare usually divided into two distinct categories: J-or Jump-shocks,and C- or
Continuous-shocks. In J-shocksviscous heating of the neutrals occurs in a thin shock
front in which radiative cooling is insigni�cant, while the post-shock gas is heated to
several times 10

�

degrees(e.g. Hollenbach & McKee 1989),dissociating all molecular
material. In J-shocksthe physical conditions (density, temperature) changefrom their
pre- to post-shock values within one mean freepath, causing an apparent discontinu-
ity. Cooling of the post-shock gasoccurs through atomic �ne-str ucture lines aswell as
through re-formation of molecules.

C-shocksare magnetized, non-dissociative shocks in which ions and the magnetic
�eld are compressed ahead of the shock front and are able to heat the neutral gas
to a few thousand degrees. In C-shocks the physical conditions change more gradu-
ally from their pre- to post-shock values and cooling is mainly through radiation from
molecular material (e.g. Kaufman & Neufeld 1996). If the temperatures in a C-shock
becomesuf�ciently high to start to dissociatemolecules,the cooling through the molec-
ular lines diminishes, and the shock temperature increasesuntil it turns into a J-shock.
Shockswith ashockvelocity larger than 40km s �

�

areusually J-shocks,whereasslower
shocksare usually of C-type (Chernoff et al. 1982).

The bipolar nebula S106is one of the most studied H I I regions in our galaxy. The
exciting source of the region is a very young massive stellar object, known as either
IRS4in the terminology of Gehrz et al. (1982)or IRS3following Pipher et al. (1976).
Ar ound this central source,Hodapp & Rayner (1991)found a cluster of about 160stars,
embedded in the molecular cloud surrounding S106.Observed radio emission and H I
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recombination lines from the region have beensuggestedto arise in a strong (
�

�

� 2 �

10�
� M � yr �

�

), fast ( � 200km s�

�

), stellar wind, driving a shock into the surrounding
extended molecular cloud (Hippelein & Münch 1981). A dark lane, largely devoid of
any optical or infrar ed emission, separatesthe two lobes of the H I I region. This dark
lane has been quoted many times as a prime example of a large (30

� �

) circumstellar
disk, consisting of cool gasand dust, seennearly edge-on (Bieging 1984;Mezger et al.
1987). However, Loushin et al. (1990)showed this structure to be an expanding ring
of molecular material rather than a protoplanetary disk. Near-infrar ed ro-vibrational
emission of H � is seento arise just outside the H I I region, suggesting an origin in a
PDR (Hayashi et al. 1990).

Cep A is another well-known site of recent star formation. It contains a luminous
(2.5 � 10

�

L � ; Evans et al. 1981)far-infrar ed source,as well as several fainter infrar ed
sources.The core of the Cep A region remains obscured at optical and infrar ed wave-
lengths due to massive amounts of extinction, and is the source of an energetic, com-
plex molecular out�ow (Bally & Lane 1982).Radio-observations show that it contains
two strings of about 13ultracompact H I I regions,arranged in aY-shape(Hughes 1988).
The source IRS6a (Lenzen et al. 1984),located in the infrar ed nebula to the eastof the
core, is the dominant source of the eastern lobe at 20 � m (Ellis et al. 1990),but po-
larization measurements show that the nebula is illuminated by the compact radio
source HW-2 (Hughes & Wouterloot 1984),located � 5

� �

south of IRS6a (Casement&
McLean 1996). The fact that it is not visible at 20 � m implies an extremely large ex-
tinction towards HW-2. H � emission occurs in both the eastern and western parts of
the nebula (Doyon & Nadeau 1988).Hartigan et al. (1996)showed that the molecular
emission to the eastappears as a regular jet, whereasthat to the west concentratesin
shells, which they proposed to arise in wakes from bow shocks surrounding Herbig-
Haro objects in the region. ISO observations of the western part of the region were
discussed by Wright et al. (1996),who modelled the observed infrar ed �ne structure
lines asarising in a planar J-shockwith shock velocity 70–80km s �

�

. The sameauthors
modelled the observed molecular hydr ogen emission as arising in a combination of
several C-shocks. This multitude of shocks in the region agreeswith the explanation
of Narayanan & Walker (1996),who reported the presenceof multiple episodesof out-
�ow activity from the region. Recently, Goetz et al. (1998)presentedstrong evidence
for this scenario through near-infrar ed H � and [Fe I I] images of Cep A East showing
several distinct regions containing shocks.

In this chapter we will present new InfraredSpaceObservatory(ISO; Kessler et al.
1996) data on infrar ed �ne-str ucture and molecular emission lines from the central
region of S106,centered on IRS4,and the eastern part of Cep A, centered on IRS 6a.
We will show that this emission can be well explained asarising in the combination of
a PDR and a H I I region in the caseof S106,whereasthis emission seemsto be shock-
excited in the caseof Cep A.
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Fig. 7.1.Combined SWS/LWSfull grating spectrum for S106IR with the most promi-
nent featuresidenti�ed.

7.2 Observations

ISO Short Wavelength (2.4–45 � m) Spectrometer (SWS;de Graauw et al. 1996) full
grating scans(“AOT S01”)of S106IR and Cep A Eastwere obtained in ISOrevolutions
335(JD2450373.740)and 843(JD2450880.050),respectively. Eachof theseobservations
took 2124secondsof observing time. In addition to this, deeper SWSgrating scans
on selectedmolecular and �ne transition lines in the two objects(“AOT S02”)were ob-
tained in revolutions 134(at JD2450172.705;S106),220(JD2450258.463;Cep A) and 566
(JD2450603.706;Cep A). In revolutions 558(JD2450596.103)and 580(JD2450617.838),
scansat the full SWSgrating resolution (“AOT S06”) covering the wavelength ranges
of 3.0–3.5,4.0–6.8,7.0–7.6and 12.1–16.5� m were obtained for S106as well. ISO Long
Wavelength (43–197� m) Spectrometer (LWS; Clegg et al. 1996)grating scans(“AOT
L01”) of S106IR and Cep A East were obtained in revolutions 134 (JD 2450172.726)
and 566(JD2450603.681),respectively. Data were reduced in a standard fashion using
calibration �les corresponding to OLP version 7.0,after which they were corrected for
remaining fringing and glitches. To increasethe S/N in the �nal spectra, the detec-
tors were aligned and statistical outliers were removed, after which the spectra were
rebinned to a lower spectral resolution. Since both spectrometers on board ISO use
entrance apertures that are smaller than the beam size, a wavelength dependent cor-
rection has to be applied to the standard �ux calibration when observing extended
sources.We determined thesecorrection factors by convolving K-band imagesof S106
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Fig. 7.2. SameasFig. 7.1for Cep A East.

and Cep A East (Hodapp & Rayner 1991;Hodapp 1994),shown in Figs. 7.5 and 7.6,
with the beam pro�le and applied theseto the data before further analysis. The maxi-
mum correction to the �ux was 8%in the region around 40 � m. If the sourcesare more
extended at the longer wavelengths or in speci�c lines than the K-band imageswe em-
ployed in estimating the dif fraction losses,we will have underestimated the �ux. The
maximum error this could intr oduce in the �ux calibration is � 15%.

Figures7.1and 7.2show the resulting SWSand LWS full grating scansfor S106IR
and Cep A East. Scannedlines and measured line �uxes or upper limits to the line
�ux are listed in Table 7.1.Extinction-corr ected surfacebrightnesses,assuming a beam
�lling factor of unity , are also listed in this table. Plots of all detected lines, rebinned to
a resolution

�

�

�

�

of 1500with an oversampling factor of four (SWS),or to a resolution
of 500(LWS),are given in Figs. 7.3and 7.4.

The SWSspectrashown in Figs.7.1and 7.2consistof twelve dif ferent grating scans,
eachcovering a small wavelength region, which were joined to form one single spec-
trum. Becauseof the variation of the dif fraction limit of the telescopewith wavelength,
dif ferent SWSbands useaperturesof dif ferent sizes.For a sourcethat is not point-like,
one may therefore seea discontinuity in �ux at the wavelengths where such a change
in aperture occurs. This effect can indeed be seenin both the S106and Cep A spectra.
The relative discontinuities in S106are close to the maximum possible values, indi-
cating that the source is extended across the entire SWSaperture at the longer wave-
lengths (33

� �

� 20
� �

). In Cep A the discontinuities are smaller, pointing to a smaller size
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Table 7.1.Observed and extinction-corrected line �uxes and model predictions (in 10 �

��

W m �

�

).

Line

�

Beam S106IR Cep A East

[ �m] [10 �

�

sr] AOT Observed Ext. corr. Model AOT Observed Ext. Corr. Model

H � 0–0S(0) 28.2188 1.64 S02 	 1.58 	 1.67 0.03 S02 	 3.62 	 3.69 0.03
H � 0–0S(1) 17.0348 1.15 S02 0.58




0.18 0.75




0.23 0.98 S02 0.27




0.10 0.28




0.11 0.54
H � 0–0S(2) 12.2786 1.15 S02 1.18




0.49 1.61




0.66 0.97 S02 1.27




0.64 1.33




0.67 1.32
H � 0–0S(3) 9.6649 0.85 S02 1.19




0.52 2.55




1.11 2.01 S02 0.90




0.38 1.01




0.43 1.31
H � 0–0S(4) 8.0251 0.85 S02 0.82




0.29 1.05




0.37 0.76 S02 1.33




0.33 1.38




0.34 1.02
H � 0–0S(5) 6.9095 0.85 S02 1.47




0.73 1.69




0.85 0.82 S02 2.42




0.43 2.47



0.43 2.98
H � 0–0S(6) 6.1086 0.85 S02 	 1.60 	 1.89 0.04 S02 0.84




0.32 0.86



0.32 0.20
H � 0–0S(7) 5.5112 0.85 S02 0.94




0.47 1.13




0.56 0.02 S02 2.48




0.62 2.55




0.63 0.08
H � 0–0S(8) 5.0531 0.85 S06 	 0.29 	 0.36 0.00 S02 0.46




0.13 0.48




0.13 0.01
H � 0–0S(9) 4.6946 0.85 S02 	 0.57 	 0.73 0.00 S02 	 1.17 	 1.21 0.00
H � 0–0S(10) 4.4099 0.85 S02

	

0.48

	

0.62 0.00 S02 0.98



0.49 1.02




0.51 0.00
H � 0–0S(11) 4.1813 0.85 S02 	 0.77 	 1.03 0.00 S02 	 0.64 	 0.67 0.00
H � 0–0S(12) 3.9960 0.85 S02

	

0.28

	

0.38 0.00 S02

	

0.78

	

0.82 0.00
H � 1–0O(5) 3.2350 0.85 S06 0.30




0.05 0.46




0.07 0.00 S01 	 0.74 	 0.79 0.00

H I H7 � 19.0624 1.15 S02 0.89




0.30 1.18




0.40 – S02 	 0.28 	 0.29 –
H I H7

�

11.3090 0.85 S02 0.83




0.32 1.29




0.50 – S01 	 1.05 	 1.12 –
H I H7 
 8.7603 0.85 S02 0.92




0.30 1.57




0.50 – S01 	 0.70 	 0.76 –
H I H7 � 6.7720 0.85 S06 0.87




0.43 1.01




0.50 – S01 	 3.67 	 3.75 –
H I H7 13 6.2919 0.85 S06 	 3.25 	 3.80 – S01 	 3.05 	 3.12 –
H I H7 14 5.9568 0.85 S06 0.54




0.17 0.64




0.20 – S01 	 4.28 	 4.39 –
H I Hu � 12.3719 1.15 S06 4.69




1.31 6.33



1.77 – S01 	 6.30 	 6.58 –
H I Hu

�

+ H7

�

7.5083 0.85 S02 4.99




1.74 5.79



2.01 – S02 	 1.37 	 1.40 –
H I Hu 
 5.9082 0.85 S06 3.08




0.52 3.67




0.62 – S01 	 2.94 	 3.01 –
H I Hu

�

5.1287 0.85 S06 2.60




0.41 3.20




0.51 – S01

	

1.91

	

1.96 –
H I Hu � 4.6725 0.85 S06 0.87




0.26 1.10




0.33 – S01 	 6.53 	 6.76 –
H I Hu 12 4.3765 0.85 S06 1.08




0.33 1.40




0.43 – S01

	

2.01

	

2.09 –
H I Hu 13 4.1708 0.85 S06 1.54




0.51 2.05




0.67 – S01 	 9.77 	 10.2 –
H I Hu 14 4.0210 0.85 S02 0.97




0.10 1.32




0.14 – S01

	

1.45

	

1.51 –
H I Pf � 7.4600 0.85 S02 14.6




3.6 16.8




4.2 S02 	 0.30 	 0.31 –
H I Pf

�

4.6539 0.85 S02 9.21




1.18 11.7




1.5 – S01 	 4.93 	 5.11 –
H I Pf 
 3.7406 0.85 S02 5.60




0.58 7.90




0.82 – S01 	 1.45 	 1.52 –
H I Pf

�

3.2970 0.85 S02 3.45




0.28 5.32




0.43 – S01 	 0.72 	 0.76 –
H I Pf � 3.0393 0.85 S06 2.87




0.36 4.76




0.60 – S01 	 0.65 	 0.70 –
H I Br � 4.0523 0.85 S02 44.6




3.7 60.4




5.0 – S02 	 1.42 	 1.48 –
H I Br

�

2.6259 0.85 S01 16.9




1.2 32.7




2.3 – S02 	 1.09 	 1.20 –
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Table 7.1. (Continued)

Line

�

Beam S106IR Cep A East

[ �m] [10 �

�

sr] AOT Observed Ext. corr. Model AOT Observed Ext. Corr. Model

CO

�

=14–13 185.999 12.2 L01 118.4

�

39.5 119.0

�

39.7 128.0 L01 28.3

�

2.0 28.3

�

2.0 29.1
CO

�

=15–14 173.631 12.2 L01 191.3

�

63.8 192.5

�

64.2 149.9 L01 28.3

�

2.0 28.3

�

2.0 26.5
CO

�

=16–15 162.812 11.6 L01 96.4

�

32.1 97.0

�

32.3 122.5 L01 21.1

�

1.5 21.1

�

1.5 22.7
CO

�

=17–16 153.267 11.6 L01 99.8

�

33.3 100.5

�

33.5 98.4 L01 � 33.3 � 33.4 19.7

He I (

�

�
	

–

�
�

� ) 4.0373 0.85 S02 1.42

�

0.28 1.93

�

0.38 – S02 � 2.05 � 2.15 –
He I (

�



	 –

�
�

� ) 4.2954 0.85 S06 6.43

�

0.85 8.45

�

1.12 – S01 � 6.91 � 7.19 –

�

CaIV] (

�
�

�

�

� –

�
�

	

�

� ) 3.2067 0.85 S06 0.26

�

0.05 0.40

�

0.08 0.00 S01 � 0.68 � 0.72 0.00

�

FeI] (

�

�
�

–

�

�

� ) 24.0424 1.15 S02 � 1.01 � 1.22 0.05 S02 � 1.19 � 1.23 –

�

FeI] (

�

�

� –

�

�

� ) 34.7135 2.01 S02 � 5.99 � 6.64 0.02 S02 � 4.74 � 4.81 –

�

FeI I] (

�

���

�

� –

�

�

�

�

� ) 5.3403 0.85 S06 3.04

�

0.60 3.69

�

0.73 – S01 � 4.14 � 4.26 –

�

FeI I] (

�

�

�

�

� –

�

�

�

�

� ) 17.9363 1.15 S02 0.89

�

0.26 1.19

�

0.35 0.97 S02 0.24

�

0.06 0.25

�

0.07 0.23

�

FeI I] (

�

���

�

� –

�

�

�

�

� ) 25.9882 1.15 S02 5.27

�

1.10 6.20

�

1.29 3.37 S02 0.64

�

0.21 0.66

�

0.21 0.98

�

FeI I] (

�

�

�

�

� –

�

�

�

�

� ) 35.3491 2.01 S02 4.94

�

2.47 5.46

�

2.73 1.21 S02

�

4.01

�

4.07 0.40

�

FeI I I] (

�

�
� –

�

�

� ) 22.9250 1.15 S01 19.2

�

3.9 23.5

�

4.7 28.0 S01 � 22.7 � 23.4 0.00

�

Ni I I] (

�

�

�

�

� –

�

�

�

�

� ) 6.6360 0.85 S06 1.88

�

0.42 2.19

�

0.49 1.32 S01

�

3.04

�

3.11 1.43

�

Ni I I I] (

�

�

� –

�
�

� ) 7.349 0.85 S06 1.33

�

0.35 1.53

�

0.41 1.05 S01 � 0.66 � 0.67 0.00

�

Ar I I] (

�
�

�

�

� –

�
�

	

�

� ) 6.9853 0.85 S01 64.4

�

9.7 74.2

�

11.2 74.2 S01 � 1.19 � 1.22 –

�

Ar I I I] (

�
�

� –

�
�

	 ) 8.9914 0.85 S01 24.0

�

6.0 44.3

�

11.1 44.5 S01 � 1.11 � 1.22 0.00

�

Ne I I] (

�
�

�

�

� –

�
�

	

�

� ) 12.8135 1.15 S06 239.6

�

60.1 309.3
�

77.5 320.2 S01 � 2.80 � 2.91 2.67

�

Ne I I I] (

�

�

� –

�
�

	 ) 15.5551 1.15 S06 31.4

�

7.9 39.3
�

9.9 31.7 S01 7.87

�

2.01 8.13

�

2.17 0.00

�

SI] (

�
�

� –

�
�

	 ) 25.2490 1.15 S02 � 2.96 � 3.52 0.05 S02 0.70

�

0.21 0.72

�

0.22 0.82

�

SI I I] (

�

�

	 –

�
�

� ) 18.7130 1.15 S01 169.4

�

34.0 225.3

�

45.2 243.1 S01 � 2.80 � 2.92 0.00

�

SI I I] (

�

�

� –

�
�

	 ) 33.4810 2.01 S01 132.9

�

19.3 148.2

�

21.5 155.5 S01 � 39.2 � 39.9 0.00

�

SIV] (

�

�

	

�

� –

�
�

�

�

� ) 10.5105 0.85 S01 7.33
�

1.85 13.47

�

3.40 14.6 S01

�

1.07

�

1.16 0.00

�

Si I I] (

�

�

	

�

� –

�
�

�

�

� ) 34.8152 2.01 S02 152.3
�

59.2 168.7

�

65.6 116.9 S02 5.86

�

0.22 5.94

�

0.23 4.21

�

N I I I] (

�
�

	

�

� –

�
�

�

�

� ) 57.34 15.7 L01 98.7

�

19.8 103.4

�

20.8 88.4 L01

�

81.0

�

81.6 0.00

�

O I] (

�

�

� –

�
�

	 ) 63.1850 16.3 L01 1125

�

114 1172

�

118 1131 L01 201.9

�

11.1 203.1

�

14.2 116.1

�

O I] (

�

�

	 –

�
�

� ) 145.535 8.82 L01 288.8

�

29.0 291.2

�

29.2 320.6 L01 14.4

�

1.8 14.4

�

1.8 2.49

�

O I I I] (

�
�

	 –

�
�

� ) 51.8145 15.7 L01 381.4

�

42.8 403.8

�

45.3 388.5 L01 � 80.9 � 81.5 0.00

�

O I I I] (

�
�

� –

�
�

	 ) 88.3562 14.8 L01 124.9

�

15.1 127.5

�

15.4 112.9 L01 � 50.3 � 50.5 0.00

�

C I I] (

�
�

	

�

� –

�
�

�

�

� ) 157.741 11.6 L01 157.2

�

15.9 158.3

�

16.0 140.3 L01 16.3

�

2.0 16.4

�

2.0 2.66
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CHAPTER 7. YOUNG BIPOLAR NEBULAE S106IR AND CEPA EAST

Fig. 7.3. Detected lines in S106IR. The velocities are heliocentric. The grey lines
indicate the instrumental pro�les for a point source and an extended source �lling
the entire aperture.
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7.2. OBSERVATIONS

Fig. 7.3. (Continued)

Fig. 7.4. SameasFig. 7.3for Cep A East.
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CHAPTER 7. YOUNG BIPOLAR NEBULAE S106IR AND CEPA EAST

Fig. 7.5.SWSAOT S01(solid rectangles),AOT S02(dashedrectangles),AOT S06(dot-
ted rectangles)and LWS (solid circle; beam average FWHM) aperture positions for
our measurementsof S106superimposed on a K'-band image of the region. The rect-
angles indicate the apertures(in increasingsize) for SWSbands 1A–2C (2.4–12.0� m),
3A–3D (12.0–27.5� m), 3E(27.5–29.5� m) and 4 (29.5–40.5� m).

of the far-infrar ed source.
Since both grating spectrometers on board ISO use apertures that are fairly large

compared to the separation of sources in most star forming regions, some caution is
appropriate in interpr eting such measurements. We created a plot with the positions
of the SWSapertures,overlaid on K-band images of the observed regions (Hodapp &
Rayner 1991; Hodapp 1994),shown in Figs. 7.5 and 7.6. As can be seen from these
�gur es,only one strong, albeit extended, near-infrar ed sourceis included in eachaper-
ture.

7.3 Solid-state features

The SWSspectrum of S106(Fig. 7.1) consists of a relatively smooth continuum, with
numerous strong emission lines superimposed. The familiar UIR bands at 3.3, 3.4,
6.2, 7.6, 7.8, 8.6 and 11.3 � m, usually attributed to polycyclic aromatic hydr ocarbons
(PAHs), arepresentin emission and strong. The absorption band around 3.0 � m due to
the O–H stretch mode of H � O ice is present,as well as the familiar 9.7 � m absorption
feature due to the Si–O stretching mode in amorphous silicates. Since extinction in
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7.3. SOLID-STATE FEATURES

Fig. 7.6. SameasFig. 7.5for Cep A East.

the continuum surrounding the 9.7 � m feature is small compared to the extinction
within this feature, the extinction �

�

at wavelength
�

across a non-saturated 9.7 � m
feature cansimply be obtained from the relation �

�

=
�

� �

�

$ % &

� �

�

�

�

�

. Using an average
interstellar extinction law which includes the silicate feature (Fluks et al. 1994),we
can then convert these values of �

�

to a visual extinction, resulting in a value of ���

= 13�

�

7 toward S106IR. This value is in excellent agreement with that of 13�

�

4
�

2.7,
derived towards stars in the S106embedded cluster (Hodapp & Rayner 1991).It is also
in agreement with the extinction of � � = 12

�

towards the northern lobe of the S106
nebula (Felli et al. 1984). It is somewhat larger than that towards the southern lobe
( ��� = 8

�

; Felli et al. 1984)and much smaller than that towards the central source ( � �

= 21
�

; Eiroa et al. 1979),suggesting than the main source of the detected continuum
emission is the northern lobe of S106.

For Cep A Eastthe SWSspectrum (Fig. 7.2)is dominated by absorption bands from
a variety of ices.The O–H bend and stretch modes of H � O at 3.0and 6.0 � m are strong,
asare the 4.27 � m

�

� C=O stretch and the 15.3 � m O=C=O bending mode of CO � . The
�

� C=O stretch of CO at 4.67 � m is clearly detected. The absorption band around 7.7 � m,
attributed to solid CH � (Boogert et al. 1996,1997)is presentaswell. The unidenti�ed
absorption feature around 6.8 � m, also observed toward NGC 7538IRS9and RAFGL
7009S(Schutteet al. 1996;d'Hendecourt et al. 1996)is alsopresentin Cep A. The9.7 � m
amorphous silicate feature consists of a very deep, saturated, absorption. From the
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CHAPTER 7. YOUNG BIPOLAR NEBULAE S106IR AND CEPA EAST

Table 7.2.Column densities of solid stateabsorption featurestowards S106and Cep A.

Species
� ���

Cep A East S106IR

[ � m] [cm molec
�

�

] ���

���

�

� �

[cm
�

�

]
�

[cm
�

� ] ���

���

�

� �

[cm
�

�

]
�

[cm
�

� ]

H � O 3.0 2.0 	 10
�

� �

1051 5.3 	 10
� �

10.1 5.1 	 10
� �

H � O 6.0 1.2 	 10
�

���

60 5.0 	 10
� �

� 4.9 � 4.1 	 10
���

CO 4.67 1.1 	 10
�

���

3.8 3.5 	 10
���

� 1.9 � 1.7 	 10
���

CO � 4.26 7.6 	 10
�

���

58 7.6 	 10
���

� 6.4 � 8.4 	 10
� �

CO � 15.2 1.1 	 10
�

���

9.2 8.4 	 10
���

� 1.5 � 1.3 	 10
���

CH � 7.67 7.3 	 10
�

� �

1.7 2.3 	 10
���

� 2.8 � 3.9 	 10
���

Silicate 9.7 1.2 	 10
�

� �

965 8.0 	 10
� �

106 8.8 	 10
���

non-saturated wings of this feature we can again derive a visual extinction, resulting
in a value of ��� = 270

�

for Cep A East. This value is within the range of � � = 75–
1000

�

extinction for the central source and nebula reported by Lenzen et al. (1984).
PAHs appear absentin Cep A East.

From the integrated optical depth ��


�
� �

�

�

of anon-saturated absorption featurewe
can compute a column density

�

using an intrinsic band strength �

�

. For H � O, CO,
CO � and CH � ices,values of �

�

were measured by Gerakineset al. (1995)and Boogert
et al. (1997).For silicates, �

�

is taken from Tielens & Allamandola (1987),basedon the
lab measurements by Day (1979).Integrated optical depth and column density values
are listed in Table 7.2.The derived abundancesof 100:6:15for H � O:CO:CO� are within
the range of values observed in other lines of sight (Whittet et al. 1996;d'Hendecourt
et al. 1996).

7.4 Molecular hydrogen emission

From the H � line �uxes
� �

�

�

listed in Table 7.1 it is possible to calculate the apparent
column densities of molecular hydr ogen in the upper Jlevels, averaged over the SWS
beam,

�

�

�

�

, using
�

�

�

�

�

�

�����

���

�

�

�

� , with
�

the wavelength, � Planck's constant and �

the speedof light. The transition probabilities � were taken from Turner et al. (1977).
Line �uxes were corrected for extinction using the average interstellar extinction law
by Fluks et al. (1994). For S106IR we adopted the value of ��� = 13�

�

7 derived in the
previous section. The fact that the 0–0S(3)line of H � , with a wavelength near the center
of the 9.7 � m amorphous silicate feature,was detected in Cep A indicates that it cannot
suffer from the same extinction as the continuum; the H � emission must originate in
a spatially separateregion from the continuum. Therefore we adopt a much smaller
value of ��� = 2

�

, expected to be a reasonablevalue for an origin in either a shock or
PDR, for the emission lines observed toward Cep A East.

A useful representation of the H � data is to plot the log of
�

��� �

� & , the apparent
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7.4. MOLECULAR HYDROGEN EMISSION

Fig. 7.7. H � excitation diagram for S106(top) and Cep A East (bottom). ISO observa-
tions of pure rotational lines are indicated by the circles. Triangles and squares indi-
categround-based measurements of ro-vibrational lines from literatur e. The dashed
lines give the Boltzmann distribution �ts to the low-lying pure rotational lines and all
lines with upper level energies above 5000K. The solid line shows the sum of both
contributions.

column density for a given J upper level divided by the statistical weight, versus the
energy of the upper level, taken from Dabrowski (1984). These plots are shown in
Fig. 7.7. Also plotted in these �gur es are several measurements of H � ro-vibrational
lines in S106and Cep A from literatur e (Tanaka et al. 1989; Longmore et al. 1986;
Bally & Lane 1982). Although these measurements were taken at the same positions
on the sky asours, the beamsizesused were dif ferent and henceone may expect to see
systematic dif ferencesin the derived speci�c intensities if the sourceof H � radiation is
more extended than the beam size. In fact only the S106measurements by Longmore
et al. (1986), taken with the smallest beam diameter, 12

� �

, dif fer systematically from
the other measurements, indicating that the extent of the H � emitting region in S106
is probably somewhat larger than their beam size. This agreeswell with the H � 1–
0 S(1) image of the region by Hayashi et al. (1990). In Fig. 7.7 the Longmore et al.
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Fig. 7.8. Theoretical relation between a) � �

�

� (H � ) and � for PDR models, b) � �

�

� (H � )
and �

�

for J-shockmodels, and c) � �

�

� (H � ) and �

�

for C-shock models.
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7.4. MOLECULAR HYDROGEN EMISSION

measurementsof S106were scaledto the Tanaka et al. (1989)data.
Thestatistical weight � used in Fig. 7.7is acombination of the rotational and nuclear

spin components. We have assumedthe high temperature equilibrium relative abun-
dancesof 3:1 for the ortho and para forms of H � (Burton et al. 1992).For a Boltzmann
distribution, the slope of this plot is inversely proportional to the excitation tempera-
ture, while the intercept is a measure of the total column density of warm gas. Since
the � coef�cients for the H � lines are quite small, theselines are optically thin and the
excitation temperature will be closeto the kinetic temperature of the gas.

Using the formula by Parmar et al. (1991)and the rotational constantsby Dabrowski
(1984)to �t our data points in the low-lying pure rotational levels to a Boltzmann dis-
tribution, we arrive at values of 490K and 9 � 10��� cm �

� and 740K and 1 � 10��� cm �

�

for S106IR and Cep A East, respectively. Using the distances to S106and Cep A of
1200and 690pc (Rayner 1994;Mel'nikov et al. 1995),this corresponds to total molecu-
lar hydr ogen massesof 0.08and 0.007M � within the SWSbeam. Using the alternative
distance estimate towards S106of 600pc (Staudeet al. 1982)would decreasethe S106
H � mass to 0.04 M � . The �tted Boltzmann distributions are shown as the leftmost
dashed lines in Fig. 7.7. The fact that the points for the ortho and para form of H � lie
on the sameline proves that our assumption on their relative abundancesis correct.

As can be seenfrom Fig. 7.7,both the pure-rotational and ro-vibrational lines of H �

with upper level energies higher than 5000K deviate signi�cantly from the leftmost
dashed line. In both casesa Boltzmann distribution was �tted to these lines as well,
shown as the rightmost dashed line in both �gur es. In the caseof S106,the relative
location of the 1–0and 2–1S(1)-linesin Fig. 7.7are indicative of �uor escentexcitation
through UV pumping (Draine & Bertoldi 1996;Black & van Dishoeck 1997).The �tted
Boltzmann distribution to the higher energy levels has thus no physical meaning, but
may still be useful to provide a simple parametrization of the relative population of
the energy levels. In the caseof Cep A, the lines may indicate the presenceof a smaller
column (10

� �

cm �

� ) of hot (a few 1000K) molecular hydr ogen, in addition to the large
column of warm gas.

Employing predictions of H � emission from PDR, J-shockand C-shock models by
Burton et al. (1992),Hollenbach & McKee (1989)and Kaufman & Neufeld (1996),we
determined the excitation temperature �

�

�

� from the low-lying pure rotational levels
from thesemodels as a function of density � and either incident FUV �ux

�

(in units
of the averageinterstellar FUV �eld G � = 1.2 � 10�

�

erg cm �

� s�

�

sr �

�

; Habing 1968)or
shock velocity �

�

in an identical way as was done for the observations. The resulting
relations between �

�

�

� and � or �

�

areshown in Fig. 7.8.As canbeseenfrom theseplots,
the PDR and J-shockmodels predict a fairly small (200–540K) range of resulting exci-
tation temperatures, whereasin the C-shocks this range is much larger (100–1500K).
Furthermor e,we seethat in the model predictions for shocksthe resulting �

�

�

� doesnot
depend much on density, whereasfor PDRsit doesnot depend much on

�

, suggesting
that once the mechanism of the H � emission is established, it can be used to constrain

�

�

or � in a straightforwar d way.
Comparing the excitation temperatures of 490and 740K for S106and Cep A with

those plotted in Fig. 7.8,we note that for S106this falls well within the range of PDR-
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Fig. 7.9. CO excitation diagram for S106. The dashed line gives the �t of the Boltz-
mann distribution to the data points.

and C-shock model predictions, but are too high compared to the onesexpected from
J-shocks. The observed bright PAH emission features (Fig. 7.1) and the atomic �ne-
structure line spectrum (Sect. 7.5) point towards a PDR origin for the H � emission
in S106. The higher temperature for Cep A can only be reproduced by the C-shock
models. Therefore we tentatively conclude that a dense ( � 10

�

cm �

� ) PDR seemsto
be the best candidate to explain the observed H � emission in S106IR and a slow ( �

20 km s�

�

) non-dissociative shock can explain the observed warm column of H � in
Cep A East.Sincethe regions we'r e looking at probably only �ll part of the SWSbeam,
the absolute intensity of the H � emission listed in Table 7.1can also be reproduced by
thesesamemodels by varying the beam �lling factor.

7.5 Carbon-monoxide emission lines

In S106IR, several ro-vibrational emission lines due to gas-phaseCO were detected
in the long-wavelength part of the LWS (Fig. 7.3). Similar to what was done for the
H � emission in the previous section,we constructed a CO excitation diagram for S106,
using molecular data from Kirby-Docken & Liu (1978).It is shown in Fig. 7.9.The tem-
perature and column of CO resulting from the Boltzmann �t to this excitation diagram
are 420K and 5.6 � 10

� �

cm �

� .
The CO excitation temperature of 420K is somewhat lower than that found from

the H � lines, in agreementwith what is expectedfrom a PDR,in which the CO emission
arises in deeper embedded regions than the H � . We conclude that a PDR is the most
likely candidate for the sourceof the gas-phaseCO emission in S106.

The observed CO lines have critical densities of around 10
�

cm �

� . Therefore the
observation of these lines in S106also implies densities of this order of magnitude or
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higher in the originating region. Assuming that thesedensities would exist in the en-
tir e S106PDRwould be implausible. If theseCO lines do indeed arise in the large-scale
environment of S106,the PDR must therefore have a clumpy structure (e.g. Burton et
al. 1990).An alternative explanation of the presenceof theselines, would be to identify
the originating region with the surfaceof the extended disk-like structure surrounding
S106which could act like a PDR. With the presentdata-set we cannot make a distinc-
tion between thesetwo possibilities.

7.6 Fine structure lines

Important constraints on the physical conditions in the line emitting region comefrom
the observed �ne structure lines. As a �rst step towards identifying the mechanism
responsible for the observed emission we can look at the mere presenceof certain
lines. The observed lines with high ionization potentials in S106,suchas[O I I I], [Ar I I I],
[Ne I I I], [Ni I I I], [Fe I I I] and [S IV] canonly originate in the H I I region surrounding S106.
The PAH emission aswell as the molecular lines observed towards S106are indicative
of the presenceof a PDR as well. This PDR might contribute to the observed [Fe I I],
[Ni I I], [Si I I], [O I] and [C I I] emission. We thus need to model the �ne-str ucture lines
in S106IR asarising in the combination of an H I I model and a PDR.

We have used the photo-ionization code CLOUDY (version 90.04;Ferland 1996)to
generatemodel predictions for line strengths for the H I I region surrounding S106IR,
assuming a spherical geometry and constant hydr ogen density throughout the region.
We generateda grid of models in which the input spectrum, taken from Kur ucz (1991)
models for a stellar photosphere, and the electron density in the H I I region were var-
ied. The total luminosity of the model was �xed to the total bolometric luminosity of
S106of 4.2 � 10

�

L � . The line ratios of the observed [O I I I] and [S I I I] �ne structure lines
are expected to depend mainly on density, and hardly on the temperature. Their be-
haviour in our H I I region model aswell as the observed line ratios in S106are shown
in Fig. 7.10. From the fact that both line ratios agree on the thus obtained value for
the electron density in the H I I region, 1.3–2.5 � 10� cm �

� , we conclude that our as-
sumption of a constant density is reasonable.Severalother lines ratios ([Ar I I]/[Ar I I I],
[Ne I I]/[Ne I I I] and [S I I I]/[S IV]) depend mainly on the effective temperature of the
star and do not depend on density much. Their behaviour in the CLOUDY models for
S106are shown in Fig. 7.10as well. From these plots, it can be seenthat the source
of ionizing photons should have a temperature between 37,000and 40,000K, corre-
sponding to a spectral type of O6–O8. However, not all observed line ratios yield the
same temperature for the central star. Most likely this is due to the fact that the Ku-
rucz models used for the input spectrum do not include the opacity shortward of the
He I I ionization limit due to the stellar wind, which is expected to be strong in the
caseof S106. The true temperature for the central source is therefore expected to be
around the lower range of temperatures deduced from the Kur ucz synthetic photo-
spheres,i.e. around 37,000K. For illustrative purposes, we also show the ratio of [O I]
63.2 � m/[O I I I] 51.8 � m for our model H I I region, showing that virtually all the atomic
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Fig. 7.10. CLOUDY model predictions for various emission line ratios from the S106
H I I region as function of electron density ��� and temperature of the ionizing star.
The hatched regions between the dashed lines show the error interval of the observed
ratios in S106IR. Thesolid lines show the computed ratios for ����� �

� = 1.0–6.0,or �
�  

=
15,000–50,000K. The heavy curves indicate the lines with ����� ��� = 3.0or �

�! = 40,000K
(best �t). (a) Behaviour of the [O I I I] 51.8 � m/[O I I I] 88.4 � m line �ux ratio. (b) The
samefor the [S I I I] 18.7 � m/[S I I I] 33.5 � m ratio. (c) Samefor the [Ar I I] 7.0 � m/[Ar I I I]
9.0 � m ratio. (d) Samefor the [Ne I I] 12.8 � m/[Ne I I I] 15.6 � m ratio. (e) Samefor the
[S I I I] 18.7 � m/[S IV] 10.5 � m ratio. (f) Samefor the [O I] 63.2 � m/[O I I I] 51.8 � m ratio.
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oxygen will be in the form of [O I I I] and that we can thus safely attribute all of the
observed [O I] emission to the PDR.

To be able to explain the observed intensity of 1.3 � 10�

� erg s�

�

cm �

�

sr �

�

for the
[Si I I] line at 34.8 � m in S106,the Tielens & Hollenbach (1985)PDR models require a
density higher than � 10� cm �

� and
�

� 10� G � . This regime can also reproduce the
observed ratios of [Si I I] and the [Fe I I] and [O I] lines, although to reproduce both the
exactstrength of the [Si I I] emission and the relative strength to that to the [Fe I I] lines
requires a [Fe I I] depletion of � 30% higher than the one assumed in the Tielens &
Hollenbach models. An alternative explanation could be that the PDR doesn't �ll the
SWSaperture at 35 micrometer (33

� �

� 20
� �

) completely, increasing the surface bright-
nessof all lines. The predicted intensities of [S I] and [Fe I] are suf�ciently low to be
undetectable, in agreementwith the observations.

Towards Cep A East,only �ne structure lines that can be produced in shockswere
observed. In contrast to both C- and J-shocks,PDRsdo not produce signi�cant quan-
tities of [S I] emission (Tielens & Hollenbach 1985). Therefore this line must be com-
pletely due to one or more shocks. C-shocks only contain trace fractions of ions and
hence cannot explain the observed [Fe I I], [Si I I] and [C I I] emission. Hence the sim-
plest hypothesis would be to try to explain the observed �ne-str ucture lines in Cep A
in terms of a J-shockmodel. To explain the [S I] surfacebrightness of 1.0 � 10�

� erg s�

�

cm �

� sr �

�

requiresa moderately dense(10
�

–10� cm �

� ) pre-shockgas. If the shock does
not �ll the ISO beam completely, as is expected, this number will go up. The absence
of [Fe I] emission does indicate that we are dealing with higher (10� –10

�

cm �

� ) densi-
ties, so line ratios seemto provide more reliable constraints in this case.However, the
aperture sizes for lines measured at dif ferent wavelengths are also dif ferent in some
cases,making this method only reliably applicable to line ratios measured in identical
SWSor LWS apertures. Therefore the ratio of [Fe I I] 26.0 � m to [S I] 25.2 � m might
provide the most reliable indicator of physical conditions in the shock. To reproduce
the observed value of 0.26 with the Hollenbach & McKee (1989)J-shockmodels re-
quir es either moderately dense (10� cm �

� ) gas with a low (30 km s�

�

) shock velocity
or a high (10

�

cm �

� ) density with a faster ( � 60 km s�

�

) shock. To have the predicted
[Fe I] emission suf�ciently low to explain our non-detections of those, the moderately
dense,slow J-shockmodel is required. This regime also reproduces the relative [Si I I]
strength.

As was discussed in the previous section, one or multiple J-shockscannot repro-
duce the observed H � emission (although a contribution to this can be expected). The
successof the J-shockmodel in explaining the observed �ne-str ucture lines and the
absenceof PAH emission in Cep A East(Fig. 7.2;seealso the discussion by Hodapp &
Eiroa 1989),excluding the possibility of a signi�cant contribution from a PDR, leadsus
to pose that a combination of one or more J-and C-shocksmust be responsible for the
observedemission in Cep A. The presenceof more than one type of shock in the region
could be linked to the reported multiple episodesof out�ow activity from the embed-
ded source (Narayanan & Walker 1996). In the presenceof both a J- and a C-shock,
the [Si I I] and [Fe I I] emission would originate completely in the J-shock,whereasboth
the C- and the J-shockwould contribute to the observed [S I] and H � spectra. With the
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J-shockparameters derived from the �ne-str ucture lines, an additional C-shock com-
ponent with a shock-velocity of about 20km s �

�

is required to reproduce the observed
pure rotational H � emission. The observedhot column of H � in Cep A may then bedue
to formation pumping (the effect that H � gets re-formed with non-zero energy in the
post-shock gas after being dissociated in the shock front) in the J-shock. To have the
ro-vibrational lines of comparable intensity as the rotational lines (through collisional
excitation) requirespre-shockdensities of the order of 10

�

cm �

� . For both S106IR and
Cep A, predicted lines strengths of the best �t models are also listed in Table 7.1.

7.7 Discussion and conclusions

It is interesting to compare the derived results for the emission from the eastern lobe
of Cep A with the results by Wright et al. (1996),obtained using the sameinstrument,
for the western part of this samenebula. They derived a � �

�

� of 700
�

30 K for the H �

lines with upper level energies up to 7000K, and a temperature range up to 11,000K
for the higher upper level energies. They explained this H � emission asarising from a
combination of at least two C-shockswith dif ferent pre-shock density, shock velocity
and covering factor. In addition to this, they also reported emission from [Ne I I], [S I]
and [Si I I], which they explained as arising in a planar J-shockwith pre-shockdensity
of 10� –10

�

cm �

� and shock velocity 70–80km s �

�

. Qualitatively , the detected lines in
the easternand western part of the nebula arewell in agreement,suggestinga common
origin. The main dif ferencebetween the observed lines seemsto be that they are much
more intense in the western part of Cep A, indicating that the densities there are a
factor of 100higher than those obtained for the eastern lobe, but the shock velocities
are comparable in both parts of the nebula. The similarity between thesetwo parts of
Cep A are in agreement with a scenario in which the driving source of the molecular
out�ow , HW-2, went through multiple episodes of out�ow activity, as suggested by
Narayanan & Walker (1996). In this scenario, the J-shockcomponent could be due to
the most recent period of enhanced mass loss, whereasone or more C-shocks could
be due to older generations of out�ows. Alternatively , the stellar wind material could
produce a (fast) J-shockwhile the surrounding molecular cloud might be swept up by
a slower C-shock.

In section 7.6we concluded that the atomic �ne-str ucture lines toward S106could
be well explained as arising in a dense (10� –10

�

cm �

� ) PDR, with a high ( � 10� G � )
incident FUV �ux. In section 7.6 we also showed that the central source in S106is of
spectral type O6–O8, with a total luminosity of 4.2 � 10

�

L � . From a Kur ucz (1991)
model for a stellar photosphere with �

�! = 37,000K and $ % & � = 4.0, we compute that
such a star emits a total FUV (6–13.6eV) �ux of 3.6 � 10�

�

erg s�

�

sr �

�

. To dilute
this stellar FUV �eld to a value of 10� –10

�

G � , the PDR must be at a location 3–10 �

10� AU away from the central star, corresponding to a projecteddistanceof 5–17
� �

. This
projected distance is independent of the assumed distance towards S106. It is within
the range allowed by the SWSentrance apertures and is compatible with an origin in
the � 30

� �

diameter region of H � emission in the H � 1–0S(1)image of S106by Hayashi et
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al. (1990).We conclude that the central O6–O8star of S106is the most likely candidate
for the sourceof the FUV radiation �eld reaching the PDR.

The dif ferencesbetween the environment of these two massive embedded YSOs,
S106and Cep A, are remarkable. In S106the stellar wind and UV radiation of the
exciting sourcehave cleared and excited a suf�ciently largeregion to createstrong PDR
emission, whereas in the caseof Cep A, the central source is still heavily embedded
and we only observe the interaction of its out�ow with its surroundings. Possibly
this dif ferencebetween thesetwo sourcesis a re�ection of their dif ferent evolutionary
status, with Cep A being the younger of the two. In due time, Cep A could clear its
immediate surroundings, ionize the hydr ogen, and evolve into a bipolar nebula quite
similar to S106. The question of how long this processtakes is one which we cannot
answer with the current two examples.
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Kirby-Docken, K., Liu, B. 1978,ApJS36,359
Kur ucz, R.L. 1991,in “Stellar atmospheres–Beyondclassicalmodels”(eds. A.G. Davis Philip, A.R.

Upgr en, K.A. Janes),L. Davis press,Schenectady, New York, p. 441
Lenzen, R.,Hodapp, K.W., Solf, J.1984,A&A 137,202
Longmor e,A.J.,Robson,E.I., Jameson,R.F. 1986,MNRAS 221,589
Loushin, R.,Crutcher, R.M., Bieging, J.H.1990,ApJ 362,L67
Mel'nikov , S.Y., Shevchenko,V.S.,Grankin, K.N. 1995,Astron. Rep.39,42
Mezger, P.G., Chini, R.,Kreysa,E.,Wink, J.1987,A&A 182,127
Narayanan, G., Walker, C.F. 1996,ApJ 466,844
Parmar, P.S.,Lacy, J.H.,Achtermann, J.M.1991,ApJ 372,L25
Pipher, J.L.,Sharpless,S.,Savedoff, M.P., Kerridge, S.K.,Krassner, J.,Schurmann, S.,Soifer, B.T.,

Merrill, K.M. 1976,A&A 51,255
Rayner, J.1994,in “Infrar edAstronomywith Arrays: Thenext generation”, ed. I.S. McLean (Dor-

drecht: Kluwer), 185
Schutte,W.A., Tielens,A.G.G.M., Whittet, D.C.B.,Boogert,A.C.A., Ehrenfreund, P., de Graauw,

Th., Prusti, T., van Dishoeck, E.F., Wesselius,P.R.1996,A&A 315,L333
Staude,H.J.,Lenzen, R.,Dyck, H.M., Schmidt, G.D. 1982,ApJ 255,95
Tanaka,M., Hasegawa,T., Hayashi, S.S.,Brand, P.W.J.L.,Gatley, I. 1989,ApJ 336,207
Tielens, A.G.G.M., Allamandola, L.J. 1987, in “Interstellar Processes”, eds. D.J. Hollenbach &

H.A. Thronson Jr. (Dordrecht: Reidel), p. 397
Tielens,A.G.G.M., Hollenbach, D.J.1985,ApJ 291,722
Turner, J.,Kirby-Docken, K., Dalgarno, A. 1977,ApJS35,281
Whittet, D.C.B.,Schutte,W.A., Tielens, A.G.G.M. et al. 1996,A&A 315,L357
Wright, C.M., Drapatz, S.,Timmermann, R., van der Werf, P.P., Katterloher, R., de Graauw, Th.

1996,A&A 315,L301

106



Chapter 8

Star Formation in the BD+40
�

4124
Group: A View From ISO

M.E. vandenAncker, P.R.WesseliusandA.G.G.M. Tielens,
A&A, submitted(1999)

Abstract

We presentthe results of ISO SWSand LWS grating scanstowards the threebrightest
members of the BD+40

�

4124group in the infrar ed: BD+40
�

4124(B2Ve), LkH � 224
(A7e) and the embedded source LkH � 225. Emission from the pure rotational lines
of H � , from rotational and ro-vibrational transitions of CO, from PAHs, from H I re-
combination lines and from the infrar ed �ne structure lines of [Fe I I], [Si I I], [S I], [O I],
[O I I I] and [C I I] was detected. Theseemission lines arise in the combination of a low-
density ( � 10� cm

�

� ) H I I region with a clumpy PDR in the caseof BD+40
�

4124.The
lower transitions of the infrar ed H I lines observed in BD+40

�

4124are optically thick;
most likely they arise in either a dense wind or a circumstellar disk. This same re-
gion is also responsible for the optical H I lines and the radio continuum emission. In
the lines of sight towards LkH � 224and LkH � 225,the observed emission lines arise
in a non-dissociative shock produced by a slow ( � 20 km s

�

�

) out�ow arising from
LkH � 225. Toward LkH � 225 we also observe a dissociative shock, presumably lo-
catedcloser to the out�ow sourcethan the non-dissociative shock. In the line of sight
towards LkH � 225we observed absorption featuresdue to solid water ice and amor-
phous silicates,and due to gas-phaseH � O, CO and CO � . No solid CO � was detected
towards LkH � 225,making this the �rst line of sight where the bulk of the CO � is in
the gas-phase.

8.1 Introduction

The BD+40
�

4124region consistsof a few tens of very young stars associatedwith the
probable Herbig Ae/Be stars BD+40

�

4124 (= V1685 Cyg), LkH � 224 (= V1686 Cyg)
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and LkH � 225(= V1318Cyg), all of which have infrar ed excesses(Strom et al. 1972a;
Hillenbrand et al. 1992).Together with NGC 6910,NGC 6914,the BD+41

�

3731region
and IC 1318,it is part of the giant star forming region 2 Cyg, at a distanceof about 1 kpc
(Shevchenkoet al. 1991).The stars in the BD+40

�

4124region are signi�cantly younger
(ages less than 1 million years) than those in the surrounding OB associations,with
the low- and the high-mass stars having formed nearly simultaneously, leading some
authors to suggest that star formation in this associationmight have been induced by
the propagation of an external shock wave into the cloud core (Shevchenkoet al. 1991;
Hillenbrand et al. 1992). The IRAS and AFGL surveys showed a powerful infrar ed
source within the BD+40

�

4124group, but the positional uncertainty did not allow to
assign the �ux to one of the individual objects in the region. More recent submm
continuum maps of the region (Aspin et al. 1994;Di Francescoet al. 1997;Henning
et al. 1998)clearly peak on LkH � 225, suggesting that it is also dominant in the far-
infrar ed and may be identi�ed with IRAS 20187+4111 (AFGL 2557).

Aspin et al. (1994) have shown LkH � 225 to be a triple system oriented north-
south. The most northern and southern components, separated by 5

� �

, appear stellar
and arephotometrically variable at optical and near-infrar ed wavelengths. The middle
component exhibits strong [S I I] emission, suggesting it is a nebulous knot of shock-
excited material, not unlike many Herbig-Har o objects(Magakyan & Movseyan 1997).
WhereasBD+40

�

4124dominates the associationin the optical, the southern component
of LkH � 225 is brightest in the mid-infrar ed (Aspin et al. 1994). A K-band spectrum
of LkH � 225-Southby the sameauthors shows strong ro-vibrational emission lines of
molecular hydr ogen. Aspin et al. (1994)estimate the total luminosity of this object to
be � 1600L � , which placesit in the luminosity range of the Herbig Ae/Be stars.

Palla et al. (1994)obtained near infrar ed, CO, C
� �

O, CS,and H � O maser observa-
tions of the group. Their high resolution VLA data show that a H � O maser source
is clearly associatedwith LkH � 225-South. Moreover, a density concentration in the
molecular cloud (as evidenced by CS J=5–4emission) and a CO out�ow are both as-
sociated with LkH � 225. In their model, LkH � 225 is at the center of a dense molec-
ular core of mass � 280 M � , while BD+40

�

4124lies near the periphery. Continuum
radio emission has been detected from BD+40

�

4124 and a source 42
� �

to the east of
BD+40

�

4124(Skinner et al. 1993).
The infrar ed emission-line spectrum of young stellar objects (YSOs)such as those

in the BD+40
�

4124group is dominated by the interaction of the central object with the
remnants of the cloud from which it formed. If a young stellar object producesintense
UV radiation, either due to accretion or becauseof a high temperature of the central
star, an H I I region will develop, producing a rich ionic emission line spectrum. At
the edge of the H I I region, a so-called photodissociation or photon-dominated region
(PDR) will be created, in which neutral gas is heated by the photoelectric ejection of
electrons from grain surfaces in a strong UV �eld. Cooling of this neutral gas occurs
mainly through emission in atomic �ne-str ucture and molecular lines, allowing us to
probe the physical conditions in the PDR through the study of its infrar ed emission-
line spectrum. If the YSOhas a strong, often collimated, out�ow , it will causea shock
wave as the out�ow hits the surrounding molecular cloud, heating the gas. In case
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the shock has a velocity smaller than � 40 km s �

�

, it will not dissociate the molecular
material and mainly cool through infrar ed molecular transitions. Becausethe physical
conditions from the pre-shockgasto the post-shock gaschangegradually within such
a non-dissociative shock, they are often called C(ontinuous)-shocks. For higher shock
velocities, the molecules will be dissociated and cooling in the shock occurs mainly
through atomic and ionic emission lines. In such a shock, the physical conditions from
the pre- to the post-shockgaswill changewithin onemean freepath and therefore they
are usually termed J(ump)-shocks. In the post-shock gas of a J-shock,molecules will
re-form and cool down the gasfurther . Therefore a dissociative shock will produce an
infrar ed spectrum consisting of a combination of ionic and molecular emission lines.

In this chapter we presentInfraredSpaceObservatory(ISO; Kessleret al. 1996)spec-
troscopicdata obtained at the positions of BD+40

�

4124,LkH � 224and LkH � 225.Some
of the H � lines included in this data-setwerealready analyzed in a previous letter(Wes-
selius et al. 1996).Here we will re-analyzean extended set of H � data using the latest
ISO calibrations, in combination with new data on infrar ed �ne-str ucture lines, gas-
phasemolecular absorption bands and solid-state emission featuresin the BD+40

�

4124
group. We will show that the infrar ed emission lines arise from the combination of a
H I I region and a PDR at the position of BD+40

�

4124,from a non-dissociative shock at
the position of LkH � 224,and from the combination of a non-dissociative and a disso-
ciative shock at the position of LkH � 225.We will also discussthe unusual absorption-
line spectrum seenin the line of sight towards LkH � 225and brie�y discuss its impli-
cations for the physical and chemical evolution of hot cores.

8.2 Observations

We obtained ISO Short Wavelength (2.4–45� m) Spectrometer (SWS;de Graauw et al.
1996a)and Long Wavelength (43–197� m) Spectrometer (LWS; Clegg et al. 1996)grat-
ing scansat the positions of BD+40

�

4124,LkH � 224and LkH � 225. For all threeposi-
tions, both SWSscanscovering the entireSWSwavelength range(“AOT 01”) and much
deeper scanscovering small wavelength regions around particularly useful diagnostic
lines (“AOT 02”) were obtained. For LWS only scanscovering the entire wavelength
region were obtained. A full log of the observations is given in Table 8.1.

Data were reduced in a standard fashion using calibration �les corresponding to
ISO off-line processingsoftware (OLP) version 7.0,after which they were corrected for
remaining fringing and glitches. To increasethe S/N in the �nal spectra,the detectors
were aligned and statistical outliers were removed, after which the spectra were re-
binned to a lower spectral resolution. Figure 8.1shows the resulting ISO spectra. Plots
of all detected lines, rebinned to a resolution

�

�

�

�

of 2000with an oversampling fac-
tor of four (SWS),or averaged acrossscans(LWS), are presentedin Figs. 8.2–8.4.Line
�uxes for detected lines and upper limits (total �ux for line with peak �ux 3� ) for the
most signi�cant undetected lines are listed in Table 8.2.

For BD+40
�

4124and LkH � 224,all detected lines appear at their rest wavelength
within the accuracyof the ISO spectrometers. For LkH � 225,all lines in the SWSspec-

109



CHAPTER 8. STAR FORMATION IN THE BD+40
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Fig. 8.1. Combined SWS/LWS full grating spectra of (from top to bottom)
BD+40

�

4124,LkH � 224and LkH � 225with the most prominent featuresidenti�ed.
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8.2. OBSERVATIONS

Fig. 8.2. Detected lines in BD+40
�

4124,rebinned to heliocentric velocities. The grey
lines show the instrumental pro�les for a point sourceand an extended source�lling
the entire aperture.

tra are systematically shifted by �

�

100 km s �

�

. This could either be a re�ection of
the real spatial velocity of LkH � 225or be causedby a slight offset between our point-
ing, basedon the optical position of the source,and the position of the infrar ed source.
For all threesources,the lines are unresolved, indicating that the velocity dispersion is
smaller than a few hundr ed km s �

�

For eachcomplete spectral scan, the SWSactually makes twelve dif ferent grating
scans,eachcovering a small wavelength region (“SWSband”), and with its own optical
path. They are joined to form one single spectrum (Fig. 8.1).Becauseof the variation of
the dif fraction limit of the telescopewith wavelength, dif ferent SWSbands use aper-
tures of dif ferent sizes. For a source that is not point-like, one may therefore seea
discontinuity in �ux at the wavelengths where such a changein aperture occurs. This
effect can indeed be seenin some of our spectra, indicating the presenceof extended
far-infrar ed emission throughout the region.

Since both grating spectrometers on board ISO use apertures that are fairly large
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Fig. 8.3. SameasFig. 8.2for LkH � 224.

Fig. 8.4. SameasFig. 8.2for LkH � 225.
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8.3. SPECTRALENERGY DISTRIBUTIONS

Table 8.1.Log of ISO observations in the BD+40
�

4124region.

Object AOT Rev. Date JD� 2450000

BD+40
�

4124 SWS02 142 07/04/1996 181.037

SWS02 159 24/04/1996 197.635

SWS01 355 05/11/1996 393.283

LWS 01 768 23/12/1997 805.525

LkH � 224 SWS02 142 07/04/1996 180.960

SWS01 858 22/03/1998 894.920

LkH � 225 SWS02 142 07/04/1996 180.996

SWS02 355 05/11/1996 393.306

SWS01 858 22/03/1998 894.889

LWS 01 142 07/04/1996 181.017

compared to the separation of sources in most star forming regions, some caution is
appropriate in interpr eting such measurements. Wecreateda plot with the positions of
the SWSapertures,overlaid on a K

�

-band image of the region (Hillenbrand et al. 1995),
shown in Fig. 8.5.As canbe seenfrom this �gur e,only one strong near-infrar ed source
is included in the BD+40

�

4124and LkH � 224 measurements, whereasthe LkH � 225
measurement only includes the question-mark shaped infrar ed nebula formed by the
point-like objectsLkH � 225-North and LkH � 225-Southand the bridging nebula LkH �

225-Middle. ISO-LWS hasa beam that is larger (61–83
� �

FWHM) than the separation of
the objectsstudied here. Therefore the LWS measurements of BD+40

�

4124and LkH �

225partly cover the sameregion. The LWS spectrum of LkH � 224shown in Fig. 8.1 is
a weighted averageof thesespectra.

Accuraciesof the absolute �ux calibration in the SWSspectrarange from 7%in the
short-wavelength ( � 4.10 � m) part to � 30% in the long wavelength ( � 29 � m) part
(Leech et al. 1997). The LWS absolute �ux calibration is expected to be accurate at
the 7% level (Trams et al. 1997). Note that the applied �ux calibration is based on
the assumption that we are looking at a point source. For an extended source, the
dif fraction losseswill be underestimated and in particular at the long-wavelength part
of the LWS, thesecorrections will exceedthe quoted uncertainty.

8.3 Spectral energy distributions

A Spectral Energy Distribution (SED) for BD+40
�

4124was constructed by combining
UV, optical, infrar ed, submm and radio data of BD+40

�

4124from literatur e (Wesselius
et al. 1982;Strom et al. 1972a;Terranegra et al. 1994;Hillenbrand et al. 1992,1995;
Cohen 1972;Lorenzetti et al. 1983;Di Francescoet al. 1997;Corcoran & Ray 1998;Skin-
ner et al. 1993;Bertout & Thum 1982)with our new ISO spectra (Fig. 8.6a). As can be
seenfrom this plot, the optical to submm photometry forms a smooth curve. At radio
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Table 8.2. Observed and extinction-corrected line �uxes and model predictions (in 10 �

��

W m �

�

) for programme stars.

Line

�

Beam AOT BD+40

�

4124 LkH � 224 LkH � 225

[ �m] [10 �

	

sr] Observed Ext. corr. Model Observed Ext. Corr. Model Observed Ext. Corr. Model

H 
 0–0S(0) 28.2188 1.64 S02 � 0.66 � 0.68 0.02 � 0.95 � 0.98 0.03 � 1.38 � 1.63 0.04
H 
 0–0S(1) 17.0348 1.15 S02 0.54

�

0.18 0.57

�

0.19 0.54 1.01

�

0.33 1.07

�

0.35 1.04 0.78

�

0.26 1.05

�

0.35 1.34
H 
 0–0S(2) 12.2786 1.15 S02 0.71

�

0.23 0.76

�

0.25 0.46 1.27

�

0.42 1.36

�

0.45 1.13 2.18

�

0.93 3.08
�

1.31 1.79
H 
 0–0S(3) 9.6649 0.85 S02 0.77

�

0.24 0.91

�

0.28 0.90 1.55

�

0.31 1.60

�

0.37 2.06 2.80

�

0.73 6.59
�

1.73 5.47
H 
 0–0S(4) 8.0251 0.85 S02 0.10

�

0.05 0.11

�

0.05 0.16 0.69

�

0.23 0.73

�

0.24 0.79 1.71

�

0.46 2.27

�

0.60 2.29
H 
 0–0S(5) 6.9095 0.85 S02 0.25

�

0.11 0.25

�

0.12 0.13 1.17

�

0.25 1.21

�

0.26 0.99 4.03

�

0.63 4.73

�

0.74 4.32
H 
 0–0S(6) 6.1086 0.85 S02 � 0.80 � 0.83 0.01 � 0.63 � 0.65 0.08 � 2.56 � 3.08 0.56
H 
 0–0S(7) 5.5112 0.85 S02 � 0.81 � 0.84 0.00 � 1.30 � 1.35 0.04 3.51

�

0.79 4.33

�

0.97 0.45
H 
 0–0S(8) 5.0531 0.85 S01 � 1.83 � 1.92 0.00 � 3.55 � 3.72 0.00 0.81

�

0.40 1.03

�

0.51 0.06
H 
 0–0S(9) 4.6946 0.85 S02 � 1.16 � 1.22 0.00 � 2.55 � 2.69 0.00 3.04

�

1.01 3.97

�

1.31 0.05
H 
 0–0S(10) 4.4099 0.85 S02 � 0.42 � 0.44 0.00 � 0.42 � 0.44 0.00 � 0.63 � 0.85 0.00
H 
 0–0S(11) 4.1813 0.85 S02 � 0.74 � 0.78 0.00 � 1.08 � 1.15 0.00 0.67

�

0.22 0.93

�

0.31 0.00
H 
 1–0Q(1) 2.4066 0.85 S01 � 0.83 � 0.99 0.00 � 1.63 � 1.93 0.00 1.21

�

0.20 2.98

�

0.50 2.59
H 
 1–0Q(2) 2.4134 0.85 S01 � 0.56 � 0.67 0.00 � 1.51 � 1.79 0.00 � 1.45 � 3.53 0.66
H 
 1–0Q(3) 2.4237 0.85 S01 � 0.81 � 0.97 0.00 � 1.43 � 1.70 0.00 1.36

�

0.16 3.28

�

0.39 1.31
H 
 1–0Q(4) 2.4475 0.85 S01 � 0.52 � 0.61 0.00 � 1.19 � 1.41 0.00 � 1.06 � 2.51 0.22
H 
 1–0O(2) 2.6269 0.85 S01 � 2.82 � 3.26 0.00 � 1.71 � 1.98 0.00 � 1.07 � 2.28 0.70
H 
 1–0O(3) 2.8025 0.85 S01 � 0.63 � 0.71 0.00 � 1.17 � 1.33 0.00 1.75

�

0.15 3.39

�

0.30 2.45
H 
 1–0O(4) 3.0039 0.85 S01

�

0.17

�

0.19 0.00

�

0.54

�

0.61 0.00 0.25

�

0.10 0.44

�

0.18 0.70
H 
 1–0O(5) 3.2350 0.85 S01

�

0.27

�

0.30 0.00

�

0.89

�

0.99 0.00 1.00

�

0.08 1.65

�

0.14 0.88
H 
 1–0O(6) 3.5008 0.85 S01 � 0.47 � 0.51 0.00 � 0.72 � 0.79 0.00 � 0.35 � 0.53 0.11
CO




=14–13 185.999 12.2 L01 2.01

�

0.32 2.01

�

0.32 2.01 – – – 3.58

�

0.46 3.59

�

0.46 3.29
CO




=15–14 173.631 12.2 L01 1.95

�

0.29 1.95

�

0.29 1.95 – – – 2.91

�

0.39 2.92

�

0.39 2.85
CO




=16–15 162.812 11.6 L01 1.78

�

0.31 1.78

�

0.31 1.85 – – – 2.45

�

0.45 2.46

�

4.56 2.41
CO




=17–16 153.267 11.6 L01 1.65

�

0.33 1.65

�

0.33 1.72 – – – 2.01

�

0.35 2.01

�

0.36 1.98
H I Pf � 7.4600 0.85 S02 0.46

�

0.15 0.48

�

0.16 0.48

�

0.33

�

0.34 –

�

1.18

�

1.38 –
H I Pf

�

4.6539 0.85 S02 0.81

�

0.29 0.85

�

0.31 1.21

�

0.87

�

0.92 –

�

1.23

�

1.61 –
H I Pf � 3.7406 0.85 S02 0.89

�

0.18 0.96

�

0.20 1.31

�

0.21

�

0.22 –

�

0.27

�

0.39 –
H I Pf

�

3.2971 0.85 S01 1.38

�

0.24 1.51
�

0.25 1.41

�

0.58

�

0.64 –

�

0.29

�

0.46 –
H I Pf � 3.0393 0.85 S01 0.94

�

0.12 1.05
�

0.13 1.32

�

0.62

�

0.69 –

�

0.26

�

0.45 –
H I Br � 4.0523 0.85 S02 2.71

�

0.54 2.90

�

0.58 2.90

�

1.01

�

1.08 –

�

1.09

�

1.54 –
H I Br

�

2.6259 0.85 S01 3.40

�

0.30 3.94

�

0.35 5.05

�

1.70

�

1.96 –

�

1.15

�

2.44 –

�

FeI] (

�

���

–

�

���

) 24.0423 1.15 S02

�

0.17

�

0.18 0.00

�

0.15

�

0.15 –

�

0.58

�

0.72 0.03

�

FeI] (

�

�
� –

�

�


 ) 34.7133 2.01 S02
�

0.40

�

0.41 0.00

�

0.49

�

0.50 –

�

1.45

�

1.63 0.01

�

FeI I] (

�

���

�


 –

�

���

�


 ) 17.9410 1.15 S02
�

0.10

�

0.10 0.00

�

0.19

�

0.20 0.00

�

0.16

�

0.23 0.51

�

FeI I] (

�

�

�

�


 –

�

�

�

�


 ) 25.9882 1.15 S02 0.07

�

0.03 0.07

�

0.03 0.07

�

0.22

�

0.23 0.00 0.33

�

0.17 0.40

�

0.20 3.27

�

FeI I] (

�

�

�

�


 –

�

�

�

�


 ) 35.3491 2.01 S02

�

0.44

�

0.45 0.01

�

0.77

�

0.79 0.00

�

0.92

�

1.03 0.90

�

SI] (

�

�


 –

�

�� 

) 25.2490 1.15 S02

�

0.14

�

0.14 0.00 0.16

�

0.05 0.17

�

0.05 0.16 0.58

�

0.16 0.70

�

0.20 0.78

�

Si I I] (




�
 

�


 –




�

�

�


 ) 34.8140 2.01 S02 2.32

�

0.77 2.37

�

0.78 2.31 2.42

�

0.80 2.48

�

0.82 0.00 3.05

�

1.01 3.43

�

1.13 3.06

�

O I] (

�

�


 –

�

�� 

) 63.1840 16.3 L01 70.36

�

4.95 70.99

�

4.99 87.8 – – – 65.97

�

4.78 69.03

�

5.01 58.5

�

O I] (

�

�� 

–

�

��!

) 145.526 8.82 L01 4.15

�

0.40 4.16

�

0.40 3.69 – – –

�

9.48

�

9.57 0.82

�

O I I I] (

�

�


 –

�

�
 ) 51.8145 15.7 L01 7.99

�

1.20 8.09

�

1.21 8.09 – – –

�

12.1

�

12.9 –

�

O I I I] (

�

�
 –

�

�
! ) 88.3562 14.8 L01 8.31

�

0.78 8.35

�

0.78 8.35 – – – 8.27

�

0.94 8.46

�

0.96 –

�

C I I] (




�� 

�


 –




�

�

�


 ) 157.741 11.6 L01 51.75

�

3.64 51.83

�

3.64 51.8 – – – 62.54

�

4.63 63.03

�

4.67 0.45
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Fig. 8.5. SWS aperture positions for our measurements of (from right to left)
BD+40

�

4124,LkH � 224 and LkH � 225superimposed on a K
�

-band image of the re-
gion. The rectanglesindicate the apertures(in increasing size) for SWSbands 1A–2C
(2.4–12.0� m), 3A–3D (12.0–27.5� m), 3E (27.5–29.5� m) and 4 (29.5–40.5� m). Solid
and dashed rectanglesgive the orientation of the SWSaperture for the AOT S02and
S01observations, respectively. For clarity, only the smallest aperture is shown for the
AOT S02observations.

wavelengths the slope of the energy distribution appears signi�cantly �atter . We in-
terpret this SEDasthe sum of threecomponents: continuum emission from the central
star in the UV and optical, thermal emission from dust heatedby the central star in the
infrar ed to submm and free-freeemission from the stellar wind or an H I I region at cm
wavelengths. The SWSspectrum of BD+40

�

4124shows a rising continuum component
starting around 13 � m. This component is not present in the infrar ed photometry by
Cohen (1972). This could be due to the smaller aperture size or the chopping throw
used for background subtraction by Cohen. We interpr et this seconddust component,
only visible in the ISO data, asdif fuse emission throughout the star forming region.

There is general consensusin literatur e that the spectral type of BD+40
�

4124 is
about B2 Ve+sh (Merrill et al. 1932; Herbig 1960; Strom et al. 1972b; Swings 1981;
Finkenzeller 1985;Hillenbrand et al. 1995),corresponding to an effective temperature

�
�! 

= 22,000K and surface gravity $�%'& � = 4.0 (Schmidt-Kaler 1982). With this spectral
type and the optical photometry by Strom et al. (1972a)we arrive at avalue of �

�

	

� � �
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= 0 �

�

97towards the optical star. This value agreeswell with the �

�

	

� � �

derived from
the dif fuse interstellar band at 5849	A (Oudmaijer et al. 1997).With this �

�

	

� � �

value
and assuming a normal interstellar extinction law (i.e.

�

� = �������

�

	

� � �

= 3.1),we
corrected the data for extinction.

A Kur ucz (1991)stellar atmosphere model with � �! and $ % &	� corresponding to the
star's spectral type (assuming solar abundance) was �tted to the extinction-corrected
UV to optical SED.The �t is also shown in Fig. 8.6a. As can be seenfrom this �gur e,
the SED�t is not perfect in the UV. Possibly a UV excessdue to a strong stellar wind
is present in BD+40

�

4124. The �tted Kur ucz model was used to compute an appar-
ent stellar luminosity

�

�

�

� �

�

�

�

for BD+40
�

4124,which was converted to an absolute
stellar luminosity using the BD+40

�

4124distance estimate of 1 kpc by Shevchenkoet
al. (1991). Infrar ed luminosities were computed by �tting a spline to the infrar ed to
mm data and subtracting the Kur ucz model from this �t. The derived values for the
optical and infrar ed luminosity of BD+40

�

4124are 6.4 � 10� and 3.1 � 10� L � , respec-
tively. Theseluminosities place the star close to the zero-age main sequenceposition
of a 10M � star in the Hertzsprung-Russell diagram (HRD).

We followed the sameprocedure to construct a SEDfor LkH � 224,combining opti-
cal, infrar ed and submm photometry from literatur e (Strom et al. 1972a;Shevchenko,
personal communication; Hillenbrand et al. 1995;Cohen 1972;Di Francescoet al. 1997)
with our new ISO spectra. It is shown in Fig. 8.6b.SinceLkH � 224is strongly variable
in the optical, the data used in the SED were selectedto be obtained near maximum
system brightness, when available. The optical to infrar ed photometry of LkH � 224
forms a smooth curve in the SED,which we interpr et as due to continuum emission
from the star in the optical, and thermal emission from dust heated by the central star
in the infrar ed.

There is no agreement in literatur e on the spectral type of LkH � 224.Wenzel (1980)
classi�ed the star spectroscopically asB8e,whereasHillenbrand et al. (1995)obtained
a spectral type of B5Ve. Corcoran & Ray (1997)derived a spectral type of A0 for LkH �

224,basedupon the relative strength of the He I
�

4471and Mg I I
�

4481lines. In the op-
tical, LkH � 224shows large-amplitude photometric variations (

�
3

�

) due to variable
amounts of circumstellar extinction (Wenzel 1980;Shevchenkoet al. 1991,1993).In the
group of Herbig Ae/Be stars,theselarge-amplitude variations areonly observedwhen
the spectral type is A0 or later (Chapter 3). Therefore we favour a later spectral type
than B for LkH � 224.The detection of the Ca I I H and K lines in absorption (Magakyan
& Movseyan 1997)alsoseemsto favour a later spectral type than mid-B. Recentoptical
spectroscopy of LkH � 224by de Winter (personal communication) shows strong, vari-
able, P-Cygni type emission in H � . The higher members of the Balmer series (up to
H15) are presentand in absorption, together with the Ca I I H and K lines. Numer ous
shell lines are present in the spectrum as well, which could hinder spectral classi�ca-
tion solely basedupon red spectra.From the available optical spectroscopy, we classify
LkH � 224 as A7e+sh, corresponding to �

�! 
= 7850K. We estimate the uncertainty in

this classi�cation to be around 2 subclasses,or 400K.
With the new spectral type of A7e+sh and the optical photometry by Strom et al.

(1972a),we derive an �

�

	

� � �

at maximum system brightness for LkH � 224of 0 �

�

96.
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Fig. 8.6. Observed (squares)and extinction-corr ected (circles) spectral energy distri-
butions of BD+40

�

4124(top), LkH � 224(middle) and LkH � 225(bottom). Also shown
(lines) are the ISO spectra and a Kur ucz model �tted to the extinction-corr ected UV
to optical photometry for eachobject.
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Again �tting a Kur ucz model to the extinction-corrected photometry, we derive val-
ues for the optical and infrar ed luminosity of LkH � 224of 1.1 � 10� and 2.7 � 10� L � ,
respectively. The good �t of the SED to the Kur ucz model with � �! 

= 7850K shows
that the photometry is consistentwith our adopted spectral type of A7e for LkH � 224.
Comparing the derived parameters of LkH � 224 with the pre-main sequenceevolu-
tionary tracks by Palla & Stahler (1993),we see that it is located in the HRD at the
location of a 3 � 10� yr old 3.5 M � star. This brings the ageof the star in good agree-
ment with those of the low-mass members of the BD+40

�

4124group (Hillenbrand et
al. 1995).

Again the same procedure as above was followed to construct a SED for LkH �

225(Fig. 8.6c),combining optical to radio measurements from literatur e (Shevchenko,
personal communication; Hillenbrand et al. 1995;Cohen1972;Weaver& Jones1992;Di
Francescoet al. 1998;Henning et al. 1998;Cohen et al. 1982)with our ISO data. These
data refer to the sum of all components in this object. SinceLkH � 225shows strong
variability in the optical and infrar ed, only data obtained near maximum brightness
was used in the SED.Like in BD+40

�

4124,the SED of LkH � 225consistsof a smooth
continuum ranging from the optical to the submm. In view of the knowledge of the
natureof LkH � 225from literatur e, this SEDmust beinterpr eted asthe sum of the three
components of LkH � 225in the optical to submm, eachconsisting of a hot component
with circumstellar dust emission. The plotted IRAS �uxes of IRAS 20187+4111(Weaver
& Jones1992)are smaller than those in the LkH � 225LWS spectrum. Most likely , this
is due to the background subtraction applied on the IRAS data. This could mean that a
cool component is presentaswell throughout the region, covering an areathat is larger
than the size of the IRAS detectors. In view of submm maps of the region (Aspin et al.
1994;Henning et al. 1998),this seemsplausible.

As can be seen in Fig. 8.6c, below 8 � m the �ux levels in the SWSspectrum are
considerably smaller than those from ground-based photometry at maximum bright-
ness. At longer wavelengths they agree. By extrapolating our ISO SWSspectrum, we
deduce that the total � band magnitude of LkH � 225was about 8 �

�

3 at the time of our
observation. This is within the range of values presentin literatur e. Above 10 � m, the
SWS�ux levels are in agreement with ground-based measurements, suggesting that
the large-amplitude variability of LkH � 225 is limited to the optical to near-infrar ed
spectral range.

The spectral type of LkH � 225 is very uncertain. Hillenbrand et al. (1995)give
a spectroscopic classi�cation of mid A–Fe for both LkH � 225-North and LkH � 225-
South, whereasWenzel (1980)derives a spectral type of G–Kefor the sum of both com-
ponents. Aspin et al. (1994)suggestedthe southern component to be of intermediate-
mass,basedon its high bolometric luminosity . Unlike for BD+40

�

4124and LkH � 224,
this makes the dir ect derivation of �

�

	

� � �

very uncertain. Adopting �

�

	

� � �

=
4 �

�

97,corresponding to � � = 15�

�

4 derived from the silicate feature in the next section,
results in an optical slope in the energy distribution that is steeper than the Rayleigh-
Jeanstail of a black body. This could bebecausethe extinction at the time of the optical
observationswas smaller than during the ISOobservations. Thereforewe useda rather
uncertain value of �

�

	

� � �

= 2 �

�

36, basedon the observed
�

	

� � �

colour of LkH �
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225 and the intrinsic colours of a F0 star, to correct the photometry of LkH � 225 for
extinction.

To obtain a rough measure for the total luminosity of LkH � 225,we �tted a Kur ucz
model with � �! = 7200 K, corresponding to a spectral type of F0, to the extinction-
corrected optical photometry. This results in values of 5.9 � 10� and 1.6 � 10� L � for
the total optical and infrar ed luminosities of LkH � 225. We conclude that at least one
of the stars in the LkH � 225 system must be a massive (5–7 M � ) pre-main sequence
object in order to explain theseluminosities.

8.4 Solid-state features

The ISO full grating scansof BD+40
�

4124consist of a relatively smooth continuum,
with a number of strong emission lines superimposed. The familiar unidenti�ed in-
frared (UIR) emission features at 3.3, 6.2, 7.6, 7.8, 8.6 and 11.3 � m, often attributed
to polycyclic aromatic hydr ocarbons (PAHs), are prominently present. Possibly the
12.7 � m feature also observed in other sourcesshowing strong PAH emission (Bein-
tema et al. 1996) is present as well. No 9.7 � m amorphous silicate feature, either in
emission or in absorption, is visible in the BD+40

�

4124SWSspectrum. The slight cur-
vature in the ground-based 8–13 � m BD+40

�

4124 spectrum obtained by Rodgers &
Wooden (1997),which they interpr eted asa silicate feature in emission, is absentin our
SWSdata.

The continuum in BD+40
�

4124seemsto consist of two distinct components, one
from 2.4–13 � m and the other from 13–200� m. In the SWSrange, it is well �t by the
superposition of two blackbodies of 320and 100K. For the LWSspectrum a signi�cant
excessat the long-wavelength part remains after the black-body �t. Probably a range
in temperaturesis presentstarting from 100K down to much lower temperatures.The
jumps in the spectrum at the positions corresponding to a change in aperture suggest
that this component is causedby dif fuse emission in the star forming region.

Remarkably, the line �ux measured in the 3.3 � m PAH feature of BD+40
�

4124(1.1 �

10�

�
�

W m �

� ) is much larger than the 2.0 � 10�

�

� W m �

� upper limit obtained by Brooke
et al. (1993).PAH featuresalso appear absent in the 8–13 � m H IFOGS spectrum shown
by Rodgers & Wooden (1997). This could either be an effect of the dif ferent aperture
size used (20

� �

� 14
� �

for SWSversus a 1 �

� �

4 circular aperture by Brooke et al.) in casethe
PAH emission is spatially extended, or be due to time-variability of the PAH emission.
If the �rst explanation is correct, the PAH emission should come from a region with a
diameter larger than 3 �

� �

2 and hencebe easily resolvablewith ground-based imaging.
The ISO spectrum of LkH � 224 consists of one single smooth continuum, with a

few emission lines superimposed. No solid-state emission or absorption is apparent in
the SWSspectrum. Again the slight curvatur e seenin the H IFOGS 8–13 � m spectrum
of LkH � 224(Rodgers & Wooden 1997)is absent in our SWSdata. In view of the fact
that most Herbig Ae starsshow strong silicate emission in the 10 � m range (e.g. Chap-
ter 5), the absenceof the silicate feature is quite remarkable. It means that the dust
emission must come from a region which is completely optically thick up to infrar ed
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wavelengths and yet only produce 3 magnitudes of extinction towards the central star
in the optical. It is obvious that such a region cannot be spherically symmetric, but
must be highly �attened or have a hole through which we can seen the central star
relatively unobscured. A dusty circumstellar disk might be the prime candidate for
such a region. The absenceof silicate emission in LkH � 224might then be explained
by either an intrinsically higher optical depth in its circumstellar disk than those sur-
rounding other Herbig Ae stars, a view supported by its relative youth, or be caused
by a nearly edge-on orientation of the circumstellar disk.

The infrar ed continuum of LkH � 224cannot be �t by a single blackbody. Rather a
sum of blackbodies with a range of temperaturesstarting at several hundr eds Kelvins
and continuing to temperaturesof a few tens of K are required to �t the spectrum ad-
equately. Again the jumps in the spectrum at the positions corresponding to a change
in aperture are present, suggesting that at the longer wavelengths we are looking at
dif fuse emission in the star forming region. However, the slope of the continuum in
LkH � 224 is signi�cantly dif ferent from that of the cool component in BD+40

�

4124.
This could either be due to a dif ferencein the maximum temperature or to a dif ference
in temperature gradient of the dif fuse component between the two positions.

The SWS spectrum of LkH � 225 looks very dif ferent. Again we have a strong,
smooth continuum with many emission lines, but now also absorption lines due to
gaseousmolecular material as well as strong absorption features due to solid-state
material are present.The familiar 9.7 � m absorption feature due to the Si–Ostretching
mode in amorphous silicatesis strong. Apart from a 20%dif ferencein the absolute �ux
levels, the silicate feature looks very similar to what was found by IRAS LRS(Olnon et
al. 1986),suggesting that it is constant in time. The integrated optical depth ( ��


��� �

�

�

)
of the 9.7 � m feature in the ISO SWSspectrum is 196 cm �

�

. The 18 � m feature due
to the bending mode of Si–O is also present in absorption with an integrated optical
depth of 11 cm �

�

. The O–H bending mode of water ice at 3.0 is present in absorption
aswell (156cm �

�

).
Using intrinsic band strengths from literatur e (Tielens & Allamandola 1987;Ger-

akines et al. 1995), we have converted the integrated optical depths of the 9.7 � m
silicate and 3.0 � m H � O features to column densities. The results are a column of 1.6

� 10
� �

molecules for the silicatesand 7.8 � 10
���

molecules for H � O ice. The 2:1ratio of
these two speciesis within the range of what is found in other lines of sight (Whittet
et al. 1996and referencestherein). Curiously, CO � ice, which invariably accompanies
H � O ice in all other lines of sight studied by ISO (Whittet et al. 1996;Boogert et al.
1999;Gerakines et al. 1999) is absent in LkH � 225. The derived upper limit on the
solid CO � /H � O ratio is 0.04,much lessthan the canonical value of 0.15.

No aperture jumps are visible in the SWSspectrum of LkH � 225. The bulk of the
continuum �ux must therefore come from an areathat is small compared to the small-
est SWSaperture (20

� �

� 14
� �

). The discontinuity between the SWSand LWS spectra
shows that although LkH � 225 itself is probably the strongest far-infrar ed source in
the region, the total far-infrar ed �ux of the group is dominated by the dif fuse com-
ponent. Like in LkH � 224, the SWSspectrum of LkH � 225 cannot be �t well with a
single blackbody. Again a sum of blackbodies with a range of temperaturesstarting at
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several hundr eds and continuing to temperaturesof a few tens of K are required to �t
the spectrum adequately.

PAHs appear absent in our LkH � 225 SWS spectrum. In view of the claim by
Deutsch et al. (1994)that the southern component of LkH � 225 is the strongest UIR
emitter in the region, this is remarkable. One possible explanation for this appar-
ent discrepancy could be the large degree of variability ( � 3

�

in � ; Allen 1973) of
LkH � 225. In this casethe component responsible for the PAH emission should have
beenmuch fainter than the other component at the time of observation. However, As-
pin et al. (1994)showed the southern component to be dominant longwar d of 3 � m.
Comparison of our LkH � 225spectrum with infrar ed photometry by previous authors
shows that the source was not near minimum brightness at the time of the SWSob-
servation, making the explanation that the southern component of LkH � 225was faint
impr obable. The most likely explanation for the apparent discrepancy between our
non-detection and the reported UIR emission (Deutsch et al. 1994)might therefore
be that the UIR emission within the southern component of LkH � 225 is variable in
time. Note that becausethe gascooling timescaleis much longer than the PAH cooling
timescale, if PAH emission has been presentwithin recent years, gas emission from a
remnant PDR might be expectedin the vicinity of LkH � 225.

Sinceextinction in the continuum surrounding the 9.7 � m feature is small compared
to the extinction within this feature, the extinction �

�

at wavelength
�

across a non-
saturated 9.7 � m feature can simply be obtained from the relation �

�

�

�

� �

�

$ % &

� �

�

�

�

�

.
Using an average interstellar extinction law which includes the silicate feature (Fluks
et al. 1994),we can then convert thesevalues of �

�

to a visual extinction, resulting in
a value of ��� = 15�

�

4
�

0 �

�

2 toward LkH � 225. This value is signi�cantly smaller than
the ��� � 50

�

obtained from the C
� �

O column density towards LkH � 225(Palla et al.
1995).Although smaller, our estimate of ��� is still compatible with the value of 25

� �

9
�

derived from the ratio of the 1–0S(1)and Q(3) lines of H � (Aspin et al. 1994).

8.5 Gas-phasemolecular absorption lines

In the SWSspectrum of LkH � 225several absorption bands are presentdue to a large
column of gas-phaseCO, CO � and H � O in the line of sight. They are shown in Fig. 8.7.
Molecular absorption bands are absent in the BD+40

�

4124and LkH � 224spectra. We
compared the observed gas-phaseabsorption lines to synthetic gas-phaseabsorption
bands computed using molecular constantsfrom the HITRAN 96database(Rothmann
et al. 1996). First the relative population of the dif ferent levels within one molecule
were computed for an excitation temperature �

���
. For the relative abundancesof the

isotopes, values from the HITRAN databasewere adopted. A Voigt pro�le was taken
for the lines, with a Doppler parameter

�

=
�

�

�

�

�

�

�

�

� for the Gaussiancomponent of the
Voigt pro�le and the lifetime of the considered level times

�

�

���

for the Lorentz compo-
nent. The optical depth 


�

as a function of wavelength was then computed by evalu-
ating the sum of all integrated absorption coef�cients, distributed on the Voigt pro�le.
Synthetic absorption spectra were obtained by computing �����

� �




�

�

. This procedure
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Fig. 8.7. Detected gas-phasemolecular absorption bands in LkH � 225with the continuum normalized to unity (top curves). Also shown
(bottom curves) are the best �ts of the computed absorption spectra,shifted for clarity. The largeplots show the AOT 01SWSdata, whereas
the insetsshow the AOT 02data containing molecular bands. (a) Observed CO ro-vibrational lines, compared to a

���
� = 300K,

�

= 5 km s �

�

,

�

(CO) = 10

	


cm �

	

model. (b) H 	 O �

	 band, with a

�

�� = 300K,

�

= 5 km s �

�

,

�

(H 	 O) = 10

��

cm �

	

model. (c) gas-phaseCO 	

�

 band,

with a

�

�� = 300K,

�

= 5 km s �

�

,

�

(CO 	 ) = 3 � 10

�

�

cm �

	

model. (d) gas-phaseCO 	

�

	 band, with a

�

�� = 300K,

�

= 5 km s �

�

,

�

(CO 	 ) = 3

� 10

�

�

cm �

	

model.
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for computing absorption spectra is nearly identical to that followed by Helmich et al.
(1996)and Dartois et al. (1998).For comparison with the observations, the spectrawere
convolved with the ISO SWSinstrumental pro�le. For the AOT 02 observations, the
instrumental pro�le is nearly Gaussianwith a wavelength-dependent resolving power

�

�

� �

�

�

�

�

ranging between 1400and 3000(Leech et al. 1997). For our AOT 01
observations, the resolution is a factor four lower.

Best�ts of the synthetic absorption spectrato the observedCO, CO � and H � O bands
are also shown in Fig. 8.7. Becauseof the relatively low signal to noise in the spectra,
the �ts for the dif ferent absorption bands were not done independently, but � ��� and

�

were required to be the samefor all species.This procedure is only valid if the dif fer-
ent molecular speciesare co-spatial. The results of similar �tting procedures in other
lines of sight (e.g. van Dishoeck et al. 1996;Dartois et al. 1998;Boogert 1999)suggest
that this is the case. Satisfactory �ts to the data could be obtained for excitation tem-
peratures of a few 100 K and a Doppler parameter

�

between 3 and 10 km s �

�

. The
derived column of warm CO � is several times 10

���

cm �

� . For H � O it is about 10
�

� cm �

� ,
whereasthe column of gas-phaseCO is in the range 10

�

� –10�

�

cm �

� .
The derived values of

�

are much higher than those expected from purely thermal
broadening ( � � � �����

�

�
� �

� � km s�

�

, with � the molecular weight in amu; Spitzer 1978).
This must becausedby macroscopicmotion within the column of warm gasin our line
of sight toward LkH � 225. The fact that our deduced values of

�

are within the range
of those found toward hot cloud cores (Helmich et al. 1996;van Dishoeck & Helmich
1996;Dartois et al. 1998)suggeststhat it is due to turbulence within the cloud rather
than a dispersion in large-scalemotion such as infall or rotation.

8.6 Hydrogen recombination lines

The ISO SWSspectrum of BD+40
�

4124contains several emission lines of the Pfund
and Brackett seriesof H I. No H I lines were detected in LkH � 224and LkH � 225.The
lines �uxes for BD+40

�

4124were corrected for extinction using the value of ��� = 3 �

�

0
derived in section 8.3. We combined thesedata with ground-based measurements of
emission lines in the Brackett and Paschenseries (Harvey 1984;Hamann & Persson
1992;Rodgers& Wooden 1992)for BD+40

�

4124to createplots of the H I line �ux ratio
as a function of upper level quantum number � (Fig. 8.8). The fact that the values
for the Brackett series lie on a continuous curve shows that they are not in�uenced
much by the dif ferent beamsizesused, indicating that they must originate in acompact
region.

In Fig. 8.8we also show predicted values for Menzel & Baker (1938)CaseB recom-
bination for a range of temperatures from 1000to 30,000K and densities from 10� to
10� cm �

� , taken from Storey & Hummer (1995).The �t of the CaseB values to the data
is poor, indicating that at least the lower lines in the Pfund and Brackett seriesare not
optically thin, as assumed in CaseB recombination theory, but have 


�

�

1. An error
in our estimate of the extinction towards the line emitting region cannot reconcileour
observations with the CaseB values. The poor �t of the CaseB model predictions to
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Fig. 8.8. Extinction-corr ected H I line �ux ratios in BD+40
�

4124for (from top to bot-
tom) the Pfund, Brackett and Paschenseries.Also shown (dotted lines) are theoretical
values for CaseB recombination for � = 1000–30,000K and � = 10� –10� cm

�

� . The
dashed lines give model predictions for an optically thick static slab of gaswith tem-
peratures(from bottom to top) between 1000and 100,000K. The gray solid line shows
the best �t of the LTE fully ionized wind model.
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the observed H I line �uxes means that the lines do not originate in the low-density
H I I region responsible for the [O I I I] emission (section 8.8).

In the limit that all lines are optically thick, the line �ux ratios of a static slab of gas
in local thermodynamic equilibrium (LTE) will be dominated by the wings of the line
pro�le. Sucha slab of gaswill produce line �uxes

�

� � 	 �

�

� �

� �

�

�

�


�� , with
	 �

the Planck
function for an electron temperature � � , and

�


�� the oscillator strength for the transition
(Drake & Ulrich 1980). In Fig. 8.8 we also show these values for a range of electron
temperaturesbetween 1000and 100,000K. Again this simple model cannot reproduce
the observed line �ux ratios in BD+40

�

4124,especially for Pf � /Br � and Br � /Br � . The
most likely explanation for the poor �t is that the lines are more broadened than due
to the Stark wings of the line pro�le, probably due to macroscopicmotion of the gas.

Thepoor �t of both the CaseB values and the optically thick static slabmodel shows
that we are not looking at an optically thick static slab of gas,but at an optically thick
ionized gaswith a signi�cant velocity dispersion. Most likely it originates either in an
ionized wind, or in an ionized gaseousdisk surrounding BD+40

�

4124.Without infor -
mation on the kinematics of the gas,the distinction between thesetwo casesis hard to
make. To qualitatively show that such a model can indeed reproduce the observations,
we also show in Fig. 8.8 the best �t of a simple LTE model for a totally ionized wind
following the treatment of Nisini et al. (1995). This best �t model has a rather high
mass loss rate ( � 10�

�

M � yr �

�

), arising from a compact region ( � 12 R
"

) in radius.
However, the assumption of LTE will causethis simple model to signi�cantly over-
estimate the mass loss rate (Bouret & Catala 1998),whereasthe assumption that the
wind is completely ionized will causean underestimate of the size of the line emitting
region. Therefore the values given here should be approached as lower, respectively
upper limits. Also, a model for an ionized gaseousdisk surrounding BD+40

�

4124may
give equally good �ts to the data.

If the lower lines in the Pfund and Brackett seriesare optically thick, the region in
which these lines originate should also produce optically thick free-free emission at
radio wavelengths. In the simple wind model employed above, the Br � line �ux is
related to the 6 cm continuum �ux by the relation ��� (mJy) = 1.4 � 10

�
�

��� �

�

(W m �

� )
�

�

�

�

�

�

, with � � the wind velocity in units of 100 km s �

�

(Simon et al. 1983). Assum-
ing � �

�

� , this relation yields 0.39mJy for BD+40
�

4124,in excellent agreement with
the observed 6 cm �ux of 0.38mJy (Skinner et al. 1993). Although highly simpli�ed,
this analysis does show that the region responsible for the H I line emission can also
produce suf�cient amounts of radio continuum emission to account for the observed
�uxes and that our interpr etation of the radio component in the SEDasfree-freeemis-
sion (section 8.3) is correct.

8.7 Molecular hydrogen emission

At all three observed positions in the BD+40
�

4124region we detected emission from
pure rotational lines of molecular hydr ogen. They are listed in Table 8.1and are shown
in Figs. 8.2–8.4. For BD+40

�

4124and LkH � 224, 0–0 S(0) to S(5)were detected. For
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LkH � 225pure rotational lines up to S(10)as well as several ro-vibrational lines were
detected. It is clear that in LkH � 225the 0–0S(6)line escapeddetection becauseof its
unfortunate location in the H � O gasphase

�

� absorption band (Fig. 8.7b).The line �ux
of the 0–0 S(5) line may also be slightly ( � 10%) underestimated becauseof this. We
havedetectedsigni�cantly more lines than the preliminary results reported in the A&A
ISO First Results issue (Wesseliuset al. 1996),both becauseof impr ovements in the
SWSdata reduction since 1996and becauseadditional data were obtained. Therefore
a new analysis of theseH � lines is in place.

From the H � line �uxes
� �

�

�

it is possible to calculate the apparent column densities
of molecular hydr ogen in the upper � levels, averaged over the SWS beam,

�

�

�

�

,
using

�

�

�

�

�

�

�����

���

��� �

�

�

� , with
�

the wavelength, � Planck's constant and � the speed of
light. The transition probabilities �


�� were taken from Turner et al. (1977).Line �uxes
were corrected for extinction using

� �

�

�

�

�

��� �

���

� �

�

�

�

���

� using the average interstellar
extinction law by Fluks et al. (1994).For both BD+40

�

4124and LkH � 224we used � � =
3 �

�

0, valid for the optical stars. For LkH � 225we used the ��� = 15�

�

4 derived in section
8.4.

A useful representation of the H � data is to plot the log of
�

�

�

�

� � , the apparent
column density in a given energy level divided by its statistical weight, versus the
energy of the upper level. The statistical weight � is the combination of the rotational
and nuclear spin components. It is

�

�
��� �

�

for para-H � (odd � ) and
�

�
��� �

�

times
the Ortho/Para ratio for ortho-H � (even � ). We have assumed the high temperature
equilibrium relative abundancesof 3:1 for the ortho and para forms of H � (Burton et
al. 1992). The resulting excitation diagrams are shown in Fig. 8.9. For LkH � 225we
also included the measurements of the H � ro-vibrational lines by Aspin et al. (1994).
For the lines in common, their values dif fer somewhat with ours, although the line
ratios agree. This is probably an effect of their smaller beam size and indicates that in
our measurements the beam �lling factor is smaller than one. In Fig. 8.9 the values of
Aspin et al. were scaledto our measurements.

In casethe population of the energy levels is thermal, all apparent column densities
should lie on a nearly straight line in the excitation diagram. The slope of this line is
inversely proportional to the excitation temperature, while the intercept is a measure
of the total column density of warm gas. As can be seenfrom Fig. 8.9, this is indeed
the casein all threestars for the pure rotational lines with an upper level energy up to
5000K. The fact that the points for ortho and para H � lie on the sameline proves that
our assumption on their relative abundancesis correct. We have used the formula for
the H � column density for a Boltzmann distribution given by Parmar et al. (1991)to �t
our data points in the low-lying pure rotational levels, using the rotational constants
given by Dabrowski (1984),varying the excitation temperature and column density.
The results are shown asthe dashed lines in Fig. 8.9.

In Chapter 7, we employed predictions of H � emission from PDR, J-shockand C-
shock models (Burton et al. 1992; Hollenbach & McKee 1989; Kaufman & Neufeld
1996),to determine the excitation temperature from the low-lying pure rotational lev-
els as a function of density � and either incident FUV �ux

�

(in units of the average
interstellar FUV �eld G � = 1.2 � 10�

�

erg cm �

� s�

�

sr �

�

; Habing 1968)or shock velocity
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Fig. 8.9. H � excitation diagrams for BD+40
�

4124(top), LkH � 224(middle) and LkH �

225 (bottom). ISO observations of pure rotational lines are indicated by the �lled
dots. Squares,triangles and stars indicate measurementsof ro-vibrational lines from
the SWSspectra and from Aspin et al. (1994).Formal errors for most measurements
are smaller than the plot symbol. The dashed lines gives the Boltzmann distribution
�ts to the low-lying pure rotational lines.
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Fig. 8.10. Continuum-subtracted 2.35–3.30� m SWS spectrum of LkH � 225. Also
shown (bottom curve) is a synthetic H � spectrum with � ����� = 710K, corrected for an
extinction of

�

� = 15�

�

4.

�

�

in an identical way as was done for the observations presented here. We arrived
at the conclusion that the PDR and J-shockmodels allow a fairly small (200–540K)
range of excitation temperatures,whereasfor C-shocksthis range is much larger (100–
1500K). In the model predictions for shocks, �

����� does not depend much on density,
whereasfor PDRsit doesnot depend much on

�

. Oncethe mechanism of the H � emis-
sion is established, it can therefore be used to constrain �

�

or � in a straightforwar d
way.

The values for �
�����

measured for LkH � 224and LkH � 225fall outside the range of
�

�����
values predicted by either PDR or J-shockmodels. They are similar to the values

found in other regionscontaining shocks(Chapter 7,9). If the observedpure rotational
H � emission is indeed due to a planar C-shock, its shock velocity should be around
20 km s�

�

. In section 8.4we saw that our BD+40
�

4124SWSfull grating scancontains
strong emission in the PAH bands. This indicates that a PDR is presentat that location.
If we assumethat the observed H � emission is entirely due to this PDR, the observed

�
����� of 470K points to a rather high ( �

�

5 � 10� ) density within the PDR.
For LkH � 225,ro-vibrational as well as pure rotational emission from H � was de-

tected (Fig. 8.10). Both the higher pure rotational lines and the ro-vibrational lines
signi�cantly deviate from the straight line de�ned by the lower pure rotational lines
in the excitation diagram and do not form a smooth line by themselves,asexpectedin
the caseof multiple thermal components. Sucha situation can either occur becauseof
�uor escenceof H � in a strong UV �eld (Black & van Dishoeck 1987;Draine & Bertoldi
1996),be due to X-ray or EUV heating (Wol�r e & Königl 1991;Tiné et al. 1997),or be
due to the formation energy of re-formed H � in post-shock gas (Shull & Hollenbach
1978).Although the H � spectra resulting from the possible formation mechanismsdo
dif fer in the relative prominence of transitions with

�

� � 2 (Black & van Dishoeck
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1987),the distinction between thesesituations is rather dif �cult to make with the de-
tected lines in LkH � 225.

By summing all the apparent column densities for the ro-vibrational and higher
pure rotational lines we obtain an estimate for the observed total column of non-
thermal H � in LkH � 225of 2 � 10

� �

cm �

� , corresponding to 2 � 10�

�

M � or 0.3 earth
masseswithin the SWSbeam. This value of

�

(H
�

�

) is within the range predicted by
UV �uor escencemodels. However, the absenceof PAH emission in LkH � 225at the
time of the ISO observations suggeststhat there was no strong UV radiation �eld at
that time. Therefore we consider the possibility that the ro-vibrational H � emission
originates in a shock more likely .

Interestingly, in LkH � 225 we have detected two pairs of lines arising from the
same energy level: the 1–0 Q(1) & 1–0 O(3) and the 1–0 Q(3) & 1–0 O(5) lines. For
these pairs of lines

�

�

�

�

must be identical. Therefore they can be used to derive a
dif ferential extinction between the two wavelengths of the lines using �

�

�

�

� �

�

�

�

�

�

=
� �

�

$�%'&

�

�

�

�

�

� � ���

�

�

�

�

�

� � ���

���

. Using the interstellar extinction curve by Fluks et al. (1994),we can
then convert the dif ferential extinction to a value of ��� . The results of this procedure
arevalues for � � of 60

�

�

20
�

and 40
�

�

20
�

for the 1–0Q(1) & 1–0O(3) and 1–0Q(3) &
1–0O(5) line pairs, respectively. Theseextinction values are somewhat larger than the
15�

�

4
�

0 �

�

2 derived from the silicate feature in section 8.4.But they agreewell with � �

� 50
�

obtained from the C
� �

O column density towards LkH � 225(Palla et al. 1995).
If the slope of the infrar ed extinction law is approximately interstellar, the extinction
towards the region producing the low-lying pure rotational H � lines in LkH � 225must
be smaller than this value though; such a large extinction would causethe extinction-
corrected 0–0S(3)line to deviate signi�cantly from the thermal distribution line in the
excitation diagram, sinceit is located within the 9.7 � m silicate feature in the extinction
curve. We conclude that in LkH � 225 either there must be two distinct sources of
H � emission, a 710K thermal component suffering little extinction – presumably a C-
shock – and a heavily extincted, deeply embedded component – possibly a J-shock,or
the slope of the infrar ed extinction law towards this region must be much steeperthan
interstellar.

8.8 Carbon-monoxide emission lines

At both the positions of BD+40
�

4124and LkH � 225,several emission lines due to gas-
phase CO were detected in the long-wavelength part of the LWS spectra (Table 8.2).
Similar to what was done for the H � emission in the previous section, we constructed
CO excitation diagrams, using molecular data from Kirby-Docken & Liu (1978).They
are shown in Fig. 8.11. The temperature and column of CO resulting from the Boltz-
mann �t to these excitation diagrams are 500 K and 8.1 � 10

� �

cm �

� and 300 K and
1.9 � 10

���

cm �

� for BD+40
�

4124and LkH � 225,respectively. We estimate the errors in
these�t parameters to be around 50K in temperature and 50%in CO column.

The observed CO lines have critical densities of around 10
�

cm �

� . Therefore the
observation of these lines also implies densities of at least this order of magnitude in
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Fig. 8.11. CO excitation diagrams for BD+40
�

4124(top) and LkH � 225(bottom). The
dashed lines give the �t of the Boltzmann distribution to the data points.

the originating region. The CO excitation temperature of 500K found at the position of
BD+40

�

4124is comparable to that found from the H � lines. The CO/H � massfraction
of 0.01is compatible for what one would expect for the warm gas in a PDR. However,
assuming that densities of around 10

�

cm �

� would exist in the entire BD+40
�

4124PDR
would be implausible. We therefore conclude that if these CO lines and the H � both
originate in the large-scaleenvironment of BD+40

�

4124,the PDR must have a clumpy
structure (e.g. Burton et al. 1990).

The CO emission arising from the neighbourhood of LkH � 225 is remarkably dif-
ferent from that seenin H � : here the excitation temperature of the CO is much lower
than that found in H � . The CO/H � massfraction of 0.03is also much higher than that
found at the position of BD+40

�

4124.It seemslikely that another component than the
C-shock responsible for the H � emission needs to be invoked to explain the low CO
excitation temperature. Again this region must have densities of around 10

�

cm �

� . A
possibledisk or extended envelope around LkH � 225could have both the temperature
and densities required to explain the observed CO spectrum.

130



8.9. ATOMIC FINE STRUCTURELINES

Fig. 8.12.Behaviour of the [O I I I] 51.8 � m/88.4 � m line �ux ratio asa function of elec-
tron density � � (solid lines). The curves for temperaturesbetween 5,000and 50,000K
(from right to left) are nearly identical. The hatched region between the dashed lines
shows the error interval of the observed [O I I I] ratio in BD+40

�

4124.

8.9 Atomic �ne structure lines

In order to interpr et our observations as arising in either a PDR, C-Shock or J-shock,
we compare our results with theoretical models of such regions (Tielens & Hollenbach
1985; Hollenbach & McKee 1989; Kaufman & Neufeld 1996). Important constraints
come from the observed �ne structure lines. The mere presenceof certain lines helps
us to identify the mechanismresponsiblefor the observedemission. In contrast to both
C- and J-shocks,PDRs do not produce signi�cant quantities of [S I] emission (Tielens
& Hollenbach 1985). C-shocks only contain trace fractions of ions and hence cannot
explain the [Fe I I], [Si I I] or [C I I] emission.

In BD+40
�

4124 the H � lines and the presenceof PAH emission strongly suggest
the presenceof a PDR. No [S I] was detected, so no shock is required to explain the
emission from this region. The [Fe I I] and [Si I I] emission observed at the position of
BD+40

�

4124may also originate in a PDR. The [O I I I] emission lines detected by SWS
cannot be produced in a PDR. The ratio of the [O I I I] 52 and 88 � m lines is sensitive
to the electron density �

� in the line forming region. It hardly depends on the temper-
ature. We computed the expected ratio for a range of temperatures and densities, in
the approximation that we can treat [O I I I] as a �ve level ion following the treatment
by Aller (1984),using collisional strengths from Aggarwal et al. (1982). The results
are shown in Fig. 8.12.We conclude that the [O I I I] lines observed by LWS are formed
in a H I I region with �

�
= 0.6–2.2 � 10� cm �

� . In view of the 22,000K effective tem-
perature of BD+40

�

4124,it is surprising that [O I I I] emission is detected, since simple
photo-ionization models predict that for starswith �

�  
� 32,000K most oxygen should

remain neutral. Clearly another ionization model must be presenthere. Possibly the
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region also responsible for the H I lines could collisionally ionize the oxygen and we
are observing the outer, low-density part of an ionized wind.

Apart from the PDR, a H I I region surrounding BD+40
�

4124may also contribute
signi�cantly to the observed [Fe I I] and [Si I I] emission. Therefore we have used the
photo-ionization code CLOUDY (version 90.04;Ferland 1996)to generatemodel predic-
tions for line strengths for an H I I region surrounding BD+40

�

4124. A Kur ucz (1991)
model with parameters appropriate for BD+40

�

4124was taken as the input spectrum,
and a spherical geometry and a constant electron density of 2 � 10� cm �

� throughout
the H I I region were assumed. According to this model, 30% of the observed [Si I I]
34.82 � m �ux and 40% of the 25.99 � m [Fe I I] �ux will originate in the H I I region.
From comparing the remainder of the �uxes of the atomic �ne structure lines to the
PDR models of Tielens & Hollenbach (1985),we derive that the PDR should be fairly
dense ( � 10

�

cm �

� ) and have an incident far-UV �eld of about 10
�

G � . The extent of
this PDR should be around 180square arcseconds,or about half of the SWSbeam.

In view of the observedH � spectrum (section8.7),a C-shockappearsthe most likely
candidate for explaining the observed [S I] emission in LkH � 224. A C-shock with a
shock velocity of around 20 km s�

�

can explain both the H � and [S I] emission. How-
ever, the density and extent of the region are poorly constrained: the emission may
either arise in a dense( � 10

�

cm �

� ) region of only a few square arcseconds,or arise in
a region of about 10� –10

�

cm �

� with a high beam �lling factor. Sinceit is observed in
the largest SWSaperture, the observed [Si I I] emission could be due to contamination
from LkH � 225(seeFig. 8.5).

For LkH � 225the situation appearsmore complicated. The detection of [S I] clearly
shows that a shock must be presentin the region. A C-shock can explain the observed
thermal H � component, with similar parameters as for LkH � 224, but can only ex-
plain part of the [S I] emission. The [Fe I I] and [Si I I] emission could either come from
a deeply embedded H I I region, a deeply embedded PDR, or a J-shock. In view of ne-
cessity to have an additional source of [S I] emission, the most likely candidate might
be a J-shock. A J-shockmodel with �

�

� 60 km s�

�

and � � 10
�

–10� cm �

� can indeed
reproduce the observed [S I] and [Si I I] intensities. However, to reproduce the observed
[Fe I I] 26.0 � m strength, iron would have to be about eight times more depleted than
assumedin the Tielens & Hollenbach PDR models. The observed [C I I] 157.7� m emis-
sion at the position of LkH � 225cannot be explained by shocks. This could very well
be due to contamination by the BD+40

�

4124 PDR or the galactic [C I I] background,
however.

Fit parameters for the PDR,J-shockand C-shockmodels used to explain the H � , CO
and �ne structure emission lines are listed in Table8.3.The summed model predictions
for the line �uxes are listed in Table 8.2.

8.10 Discussion and conclusions

In the previous sectionswe haveseenthat in asmall OBassociationlike the BD+40
�

4124
group, dif ferent phenomena contribute to at �rst glancesimilar line spectra. The emis-
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Table 8.3. Model parameters for the emission line �ts.

Object PDR C-shock J-shock

� [cm �

�

]

�

[G � ]

�

[10 �

�

sr] � [cm �

�

] �	� [km s �




]

�

[10 �

�

sr] � [cm �

�

] �	� [km s �




]

�

[10 �

�

sr]

BD+40

�

4124 10

�

/10




10

�

/10

�

0.55/0.05 – – – – – –
LkH � 224 – – – � 10

�

20 � 0.10 – – –
LkH � 225 – – – � 10

�

20 � 0.20 10

�

–10

�

60 0.12

Table 8.4. Comparison of gas-phaseand solid-state absorption column densities (in cm �

�

) towards YSOs.

Object gas-phasecolumn solid column gas/solid ratio Ref.

CO CO � H � O CO CO � H � O CO CO � H � O

LkH � 225 10


�

–10

� 


1–5 � 10




�

0.5–3 � 10


�

� 6 � 10




�

� 3 � 10

 


7.8 � 10




�

� 16 � 3 � 13 (1)
T Tau 10


 �

–10


�

� 1 � 10




�

� 1 � 10


 �

� 5 � 10




�

1.4 � 10




�

5.4 � 10




�

� 20 � 0.7 � 1.9 (2)
AFGL 4176 2 � 10


�

5 � 10


 �

2 � 10


 �

� 5 � 10


 


1.2 � 10




�

9 � 10




�

� 400 � 0.04 � 2.2 (3,4,5,6)
W33A 4.0 � 10


�

– 1.0 � 10


 �

9.0 � 10



�

1.5 � 10


 �

2.8 � 10


�

� 40 – � 0.04 (3,7,8,9)
AFGL 2136 1.0 � 10


�

1 � 10


 


2 � 10


 �

1.8 � 10



�

6.1 � 10




�

5.0 � 10


 �

� 50 � 0.02 � 0.4 (3,4,5,6)
RAFGL 7009S 6.1 � 10


 �

1.0 � 10




�

�

2 � 10


 �

1.8 � 10


 �

2.5 � 10


 �

1.1 � 10


�

� 3.4 � 0.04

�

0.18 (10)
Elias 29 � 1 � 10


�

– � 9 � 10




�

1.7 � 10




�

6.5 � 10




�

3.0 � 10


 �

� 55 – � 0.3 (9)
AFGL 2591 1.1 � 10


�

1 � 10


 


2 � 10


 �

� 4 � 10


 


2.7 � 10




�

1.7 � 10


 �

� 270 � 0.04 � 1.1 (3,4,5,6)
NGC 7538IRS9 1.4 � 10


�

8.0 � 10


 �

� 3 � 10



�

1.0 � 10


 �

1.2 � 10


 �

8.0 � 10


 �

� 14 � 0.01 � 0.04 (3,4,5,6)

References:(1) This paper; (2) Chapter 9; (2) Mitchell et al. (1990);(3) van Dishoeck et al. (1996);(4) de Graauw et al. (1996b);(5) van Dishoeck
& Helmich (1996);(6) Chiar et al. (1998);(7) Gerakines et al. (1999);(8) Boogert (1999);(9) Dartois et al. (1998).
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sion at the position of BD+40
�

4124 is well reproduced by the combination of a H I I

region around BD+40
�

4124with a PDR. In Section8.7we derived values of the far-UV
radiation �eld for its PDR from the observed emission lines. It is useful to compare
those values to those expected from the central star to seewhether that is a suf�cient
source of radiation, or another exciting source needs to be invoked. From the Kur ucz
(1991)model with � �! 

= 22,000K and $�% &	�

�

�

� � , �tted to the extinction-corrected
UV to optical SED of BD+40

�

4124(section 8.3), we compute that BD+40
�

4124has a
total far-UV (6–13.6eV) luminosity of 3.2 � 10� L � . At a location 5 � 10� AU from
the central star, this �eld will have diluted to the value of 10� G � obtained from the
infrar ed lines. At the BD+40

�

4124distance of 1 kpc, this corresponds to an angular
separation of 5

� �

, consistent with the constraints imposed by the SWSaperture. We
conclude that BD+40

�

4124can indeed be responsiblefor the incident UV �ux upon the
PDR observed in that vicinity . Compared to the far-UV luminosity of BD+40

�

4124,the
other two sources only show little UV emission (3 and 6 L � for LkH � 224 and 225,
respectively), explaining why we don't observea PDR at thosepositions.

For LkH � 224 we showed that the infrar ed emission-line spectrum could be ex-
plained by a single non-dissociative shock. A C-shock with very similar parameters
may also be present at the position of LkH � 225. Comparing our ISO SWSaperture
positions (Fig. 8.5)with the image of the bipolar out�ow centered on LkH � 225(Palla
et al. 1995),we note that this out�ow covers both LkH � 224and LkH � 225. One pos-
sible identi�cation for the C-shock in both LkH � 224and LkH � 225might therefore be
the shock created as the out�ow originating from LkH � 225drives into the surround-
ing molecular cloud.

Apart from the large-scaleC-shock,we have seenthat probably a J-shockis present
in LkH � 225aswell. This canbe naturally identi�ed with the Herbig-Har o knot LkH �

225-M observed in [S I I] in the optical (Magakyan & Movseyan 1997). It remains un-
clear whether the ro-vibrational H � lines observed in this object are due to H � �uor es-
cenceby Ly � photons or to H � re-formation in the post-shock gas. Spectroscopy of
lines with higher � is required to clarify this.

In the line of sight toward LkH � 225,a large column consisting of warm gas-phase
CO, CO � and H � O and solid water ice and silicates was detected. The column of gas-
phasewater was found to be about 10 times higher that that of water ice. No CO � ice
was detected toward LkH � 225,demonstrating that the bulk of the CO � is in the gas-
phase. In Table 8.4 we compare the derived gas/solid ratio for LkH � 225with those
found in the lines of sight towards other young stellar objects. Both the H � O and CO �

gas/solid ratios are much higher than those found in other YSOs.For CO � , the lower
limit to the gas/solid is even a factor 100higher than that found in the sourcewith the
previously reported highest ratio! At this point we can only speculate as to why this
is the case.One possible explanation could be that the radiation �eld of BD+40

�

4124is
heating the outer layers of the LkH � 225envelope, evaporating the CO � ice. If this is
the case,BD+40

�

4124should be located closer to the observer than LkH � 225,suggest-
ing that LkH � 225 is located at the far side of the “blister ” in which the BD+40

�

4124
group is located. Another explanation could be that the LkH � 225 core itself is un-
usually warm. Sincethe abundanceof gas-phasewater is sensitive to the temperature
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(Charnley 1997),this would also explain the high abundance of water vapour in the
line of sight toward LkH � 225. BecauseLkH � 225 is lessmassive than the luminous
objects in which the previous gas/solid ratios have been determined, this high tem-
perature might re�ect a more evolved nature of the LkH � 225core. Future research,
such as a temperature determination from gas-phaseCO measurements, should be
able to distinguish between thesepossibilities and show whether we have discovered
the chemically most evolved hot core known to date, or are looking through a line of
sight particularly contaminated by a nearby OB star.
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Chapter 9

ISO Spectroscopy of Shocked Gas in
the Vicinity of T Tau

M.E. vandenAncker, P.R.Wesselius,A.G.G.M. Tielens,
E.F. vanDishoeckandL. Spinoglio,A&A, in press(1999)

Abstract

We presentthe results of ISO SWSand LWSspectroscopy of the young binary system
T Tau. The spectrum shows absorption features due to H � O ice, CO � ice, gas-phase
CO and amorphous silicate dust, which we attribute to the envelope of T Tau S.We
derive an extinction of

�

� = 17�

�

4 
 0 �

�

6 towards this source.Detectedemission lines
from H I arise in the same region which is also responsible for the optical H I lines
of T Tau N. Theselines most likely arise in a partially ionized wind. Emission from
the infrar ed �ne-str ucture transitions of [S I], [Ar I I], [Ne I I], [Fe I I], [Si I I], [O I] and
[C I I] was also detected, which we explain as arising in a � 100 km s

�

�

dissociative
shock in a fairly dense (5 	 10

�

cm
�

� ) medium. Pure rotational and ro-vibrational
emission from molecular hydr ogen was detected as well. We show the H � emission
lines to be due to two thermal components, of 440 and 1500K respectively, which
we attribute to emission from the dissociative shock also responsible for the atomic
�ne-str ucture lines and a much slower ( � 35 km s

�

�

) non-dissociative shock. The
1500K component shows clear evidence for �uor escentUV excitation. Additionally ,
we found indications for the presenceof a deeply embedded (

�

�

� 40
�

) source of
warm H � emission. We suggest that this component might be due to a shock, caused
by either the out�ow from T Tau Sor by the infall of matter on the circumstellar disk
of T Tau S.

9.1 Introduction

T Tauri (HD 284419)might well be the most studied young stellar object in the sky. It
was initially thought of asthe prototype of aclassof low-mass pre-main sequencestars,
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but is now known to be a very unique young binary system. An infrar ed companion,
T Tau S, was discovered 0 �

� �

7 south of the optically bright K0–1eT Tauri star T Tau N
(Dyck et al. 1982),corresponding to a projected separation of 100 AU at the 140 pc
distance of the Taurus-Auriga complex (Kenyon et al. 1994;Wichmann et al. 1998).
Reports of a thir d stellar component in the T Tau system (Nisenson et al. 1985;Mai-
hara & Kataza 1991)remain uncon�rmed (Gorham et al. 1992;Stapelfeldt et al. 1998).
WhereasT Tau N dominates in the optical and at submm wavelengths, the brightness
of the system in the infrar ed is dominated by T Tau S(Hogerheijde et al. 1997).Both T
Tau N and Sdisplay irr egular photometric variability , possibly connectedto variations
in the rate of accretion of material onto the stellar surface (Herbst et al. 1986;Ghez et
al. 1991). RecentHST imaging failed to detect T Tau S in the

�

band down to a lim-
iting magnitude of 19�

�

6, showing that � � � 7
�

towards this source (Stapelfeldt et al.
1998).T Tau N, on the other hand, only suffers little extinction ( ��� = 1 �

�

39;Kenyon &
Hartmann 1995).Proper-motion studies (Ghez et al. 1995)aswell asthe discovery of a
bridge of radio emission connecting both components (Schwartz et al. 1986)prove be-
yond doubt that both stars are physically connected,demonstrating that a signi�cant
amount of dust must be presentwithin the binary system itself.

In the last few years, millimeter interferometry has revealed the presenceof a cir-
cumstellar disk with a total massof 10�

� M � around the optically bright component T
Tau N. The presenceof a cicumstellar disk around T Tau Sis suggestedby mid-infrar ed
emission,but the millimeter interferometric data show that its massis substantially less
than that around T Tau N (Hogerheijde et al. 1997;Akeson et al. 1998).Lunar occulta-
tion observations of the T Tau systemshow that thesedisks must besmaller than 1 AU
at 2.2 � m (Simon et al. 1996). In addition to this, an envelope or circumbinary disk
of similar mass as the T Tau N disk is required to �t the energy distribution and po-
larization properties of the system (Weintraub et al. 1992;Whitney & Hartmann 1993;
Calvet et al. 1994;Hogerheijde et al. 1997). On larger spatial scales,two nebulae are
associatedwith the T Tau system. A small ( � 10

� �

) cloud, Burnham's nebula (HH 255),
is centered on the binary and shows a line spectrum typical of Herbig-Har o objects
(Robberto et al. 1995). A spatially separated arc shaped cloud, Hind's nebula (NGC
1555)is located 30

� �

to the west. Recentmaps at 450and 850 � m have detected a Class
I protostar in Hind's nebula, suggesting that star formation in the vicinity of T Tau is
more active than previously thought (Weintraub et al. 1999).

The kinematics of molecular material in the vicinity of T Tau have beenfound to be
very complex. Submm observations of CO and HCO

�

(Knapp et al. 1977;Edwards &
Snell 1982;Levreault 1988;van Langevelde et al. 1994a;Momose et al. 1996;Schusteret
al. 1997;Hogerheijde et al. 1998)suggestthat both components of T Tau drive separate
bipolar out�ows and that at least one of theseis dir ected closeto the line of sight. On
even larger scales,Reipurth et al. (1997)discovered a giant Herbig-Har o �ow (HH
355)with a projected extent of 38 arcminutes (1.55pc at 140pc), aligned with the axis
of the out�ow from T Tau S,which they explained asbeing due to multiple eruptions
of material while the �ow axis is precessing.Ray et al. (1997)showed that T Tau Shas
recently ejectedtwo large lobes of mildly relativistic particles, demonstrating that the
emergent pictur e might be further complicated by signi�cant time-variability in the
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9.1. INTRODUCTION

Fig. 9.1. Combined SWS/LWSfull grating spectra for T Tau with the most prominent
features identi�ed. The apparent dips at 12 and 28 � m as well as the bump around
52 � m are artefactsof the data reduction process.Also shown (dots) is ground-based
photometry of T Tau N with a dust shell model �t to thesepoints (dashed line). The
grey curve shows the model-subtracted ISO spectra.

out�ow rate.

In this chapter we presentnew InfraredSpaceObservatory(ISO; Kessler et al. 1996)
spectroscopy of the T Tau system. In Sections9.3 and 9.4 we analyze solid-state and
gas-phaseabsorption features and show that theseare fairly typical for the envelope
of an embedded low-mass young stellar object. In section 9.5 we brie�y discuss the
infrar ed H I lines and argue that these have the same origin as the optical lines. In
sections 9.6 and 9.7 we will discuss the observed H � spectrum and the atomic �ne-
structure lines, and show that these are due to shocked gas. In the discussion (Sect.
9.8) we will argue that the most likely candidate for a highly embedded molecular
shocked gascomponent is an accretion shock in a circumstellar disk. The presentation
of the ISO data on the CO, H � O and OH emission line spectrum of T Tau is left to a
subsequentpaper (Spinoglio et al. 1999).We anticipate that the analysis of thesedata
shows that the physical pictur e outlined here is con�rmed.
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Fig. 9.2.Detectedlines in T Tau. Thevelocities areheliocentric. The grey lines indicate
the instrumental pro�les for a point source and an extended source �lling the entire
aperture.
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Table 9.1. Observed and extinction-corrected ( ��� = 1 �

�

39) line �uxes and model pre-
dictions (in 10�

� �

W m �

� ) for T Tau.

Line
�

Beam AOT Observed Model

[ � m] [10 ��� sr] Measured Ext. corr. J-Shock C-Shock Total

H
�

0–0S(0) 28.2188 1.64 S02 ! 4.67 ! 4.74 0.06 0.01 0.07
H

�

0–0S(1) 17.0348 1.15 S02 1.80� 0.59 1.85� 0.61 1.50 0.35 1.85
H

�

0–0S(2) 12.2786 1.15 S02 ! 9.68 ! 9.99 1.10 0.76 1.86
H

�

0–0S(3) 9.6649 0.85 S02 6.81� 1.95 7.36� 2.10 1.94 5.26 7.20
H

�

0–0S(4) 8.0251 0.85 S02 3.17� 1.05 3.25� 1.07 0.24 3.38 3.62
H

�

0–0S(5) 6.9095 0.85 S02 13.58� 2.63 13.78� 2.67 0.14 13.65 13.79
H

�

0–0S(6) 6.1086 0.85 S02 ! 8.07 ! 8.21 0.01 4.55 4.56
H

�

0–0S(7) 5.5112 0.85 S02 11.03� 2.63 11.24� 2.68 0.00 10.65 10.65
H

�

0–0S(8) 5.0531 0.85 S02 ! 4.52 ! 4.62 0.00 2.22 2.22
H

�

0–0S(9) 4.6946 0.85 S02 2.87� 0.95 2.94� 0.97 0.00 3.40 3.40
H

�

0–0S(10) 4.4099 0.85 S02 ! 3.13 ! 3.21 0.00 0.48 0.48
H

�

0–0S(11) 4.1813 0.85 S02 ! 4.67 ! 4.81 0.00 0.51 0.51
H

�

0–0S(12) 3.9960 0.85 S02 ! 2.84 ! 2.93 0.00 0.05 0.05
H

�

1–0Q(1) 2.4066 0.85 S01 5.96� 1.97 6.46� 2.13 0.00 10.14 10.14
H

�

1–0Q(2) 2.4134 0.85 S01 1.96� 0.65 2.13� 0.70 0.00 3.19 3.19
H

�

1–0Q(3) 2.4237 0.85 S01 4.52� 1.20 4.90� 1.30 0.00 8.86 8.86
H

�

1–0Q(4) 2.4475 0.85 S01 0.59� 0.21 0.64� 0.22 0.00 2.34 2.34
H

�

1–0Q(5) 2.4547 0.85 S01 1.44� 0.48 1.56� 0.51 0.00 4.77 4.77
H

�

1–0Q(6) 2.4755 0.85 S01 ! 2.63 ! 2.84 0.00 0.94 0.94
H

�

1–0O(2) 2.6269 0.85 S01 6.20� 1.23 6.64� 1.31 0.00 2.29 2.29
H

�

1–0O(3) 2.8025 0.85 S02 9.39� 0.99 9.96� 1.05 0.00 8.58 8.58
H

�

1–0O(4) 3.0039 0.85 S02 1.26� 0.42 1.33� 0.44 0.00 2.46 2.46
H

�

1–0O(5) 3.2350 0.85 S02 2.87� 0.73 3.00� 0.77 0.00 4.99 4.99
H

�

1–0O(6) 3.5008 0.85 S01 ! 2.29 ! 2.39 0.00 0.92 0.92
H

�

1–0O(7) 3.8074 0.85 S01 1.32� 0.43 1.36� 0.45 0.00 1.28 1.28
H I Hu � 12.3719 1.15 S01 ! 6.23 ! 6.42 0.01 – –
H I Hu � + H7

�

7.5083 0.85 S02 ! 3.29 ! 3.34 0.00 – –
H I Pf � 7.4600 0.85 S02 ! 3.63 ! 3.69 0.03 – –
H I Pf � 4.6539 0.85 S02 ! 4.90 ! 5.03 0.02 – –
H I Br � 4.0523 0.85 S02 10.97� 3.00 11.31� 3.09 0.10 – –
H I Br � 2.6259 0.85 S02 9.61� 1.41 10.29� 1.51 0.06 – –

�

FeI] ( ���

�

–���




) 24.0424 1.15 S02 ! 1.83 ! 1.87 0.05 – –
�

FeI] ( �
�




–�
�

�

) 34.7135 2.01 S02 ! 1.04 ! 1.05 0.02 – –
�

FeI I] (
���

��� �

–
���

�

� �

) 17.9363 1.15 S02 0.52� 0.17 0.53� 0.18 0.97 0.00 0.97
�

FeI I] (
�

�

��� �

–
�

�

�

� �

) 25.9882 1.15 S02 1.85� 0.61 1.88� 0.62 3.37 0.00 3.37
�

FeI I] (
�

�

�

� �

–
�

�

�

� �

) 35.3491 2.01 S02 4.23� 1.40 4.28� 1.41 1.21 0.00 1.21
�

Ni I I] (
�

�

�

� �

–
�

�


�� �

) 6.6360 0.85 S01 ! 8.15 ! 8.27 5.86 0.00 5.86
�

Ar I I] (
�
	


�� �

–
�
	

�

� �

) 6.9853 0.85 S01 9.38� 1.72 9.51� 1.75 – 0.00 –
�

Ne I I] (
�

	


�� �

–
�

	

�

� �

) 12.8135 1.15 S01 28.14� 7.15 28.88� 7.34 29.36 0.00 29.36
�

SI] (



	

�

–



	

� ) 25.2490 1.15 S02 4.09� 1.28 4.16� 1.30 2.99 0.31 3.30
�

Si I I] (
�

	

�

� �

–
�

	


�� �

) 34.8152 2.01 S02 12.59� 4.16 12.72� 4.20 11.69 0.00 11.69
�

O I] (



	

�

–



	

� ) 63.1850 16.3 L01 230.6� 16.1 231.5� 16.2 233.2 0.80 234.0
�

O I] (


	

� –


	

�

) 145.535 8.82 L01 ! 14.9 ! 14.9 5.00 0.05 5.05
�

C II] (
�

	

�

� �

–
�

	


�� �

) 157.741 11.6 L01 10.60� 0.74 10.61� 0.74 5.22 0.00 5.22

Model parameters:

Component � [cm �




] ��� [km s ��� ] � [10 � � sr]

J-shock 5 
 10
�

100 0.03
C-shock � 10� 35 � 0.16
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Fig. 9.3. SWS(rectangles)and LWS (circle; beam averageFWHM) aperture positions
for our measurements of T Tau superimposed on a K

�

band image of the region (Ho-
dapp 1994). The orientation of the SWSapertures is nearly identical for the dif fer-
ent SWSobservations. The rectangles indicate the apertures (in increasing size) for
SWS bands 1A–2C (2.4–12.0 � m), 3A–3D (12.0–27.5� m), 3E (27.5–29.5� m) and 4
(29.5–40.5� m).

9.2 Observations

An ISO Short Wavelength (2.4–45 � m) Spectrometer (SWS;de Graauw et al. 1996)
full grating scan (“AOT S01”, speed 4) of T Tau was obtained in ISO revolution 680
(JD 2450717.411). In addition to this, deeper SWSgrating scanson selectedmolecular
and �ne structure lines (“AOT S02”) were obtained in revolutions 681and 861(at JD
2450718.778and 2450897.973).Besidesthe SWSresults,we presenthere the results of a
relatively fast ISOLong Wavelength (43–197� m) Spectrometer (LWS;Clegg et al. 1996)
full grating scan (“AOT L01”, � = 776 s) obtained in revolution 672 (JD 2450709.675),
while a deeperLWSspectrum is presentedin Spinoglio et al. (1999).In this latter work,
LWS off-source measurements on positions 80

� �

to the North, South, East and West of
T Tau were also made, whose results we anticipate here. They show that the [C I I]
157.7 � m line was the only one detected in the off-sourcepositions.

Data were reduced in a standard fashion using calibration �les corresponding to
ISO off-line processingsoftware (OLP) version 7.0,after which they were corrected for
remaining fringing and glitches. To increasethe S/N in the �nal spectra, the detec-
tors were aligned and statistical outliers were removed, after which the spectra were
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Table 9.2.Line �uxes (in 10�

� �

W m �

� ) for off-source measurements.

Pos. � (2000.0)
�

(2000.0) AOT
�

[ � m] Line Flux

Off-N 042159.4 +19 3346.5 L01 157.80 � C I I] 7.9
 0.9

Off-S 042159.3 +19 2026.5 L01 157.79 � C I I] 8.8
 1.3

Off-W 042206.4 +19 3206.0 L01 157.76 � C I I] 8.8
 1.1

Off-E 042152.4 +19 3207.0 L01 157.74 � C I I] 9.1
 0.9

rebinned to a lower spectral resolution. Figure 9.1 shows the resulting ISO spectra.
Accuracies of the absolute �ux calibration in the SWSspectra range from 7% in the
short-wavelength ( � 4.10 � m) part to � 30% in the long wavelength (

�
29 � m) part

(Leechet al. 1997).The LWS absolute �ux calibration is expectedto be accurateat the
7% level (Trams et al. 1997). Plots of all detected lines, rebinned to a resolution

�

�

�

�

of 2000with an oversampling factor of four (SWS),or with the data averaged (LWS),
are presentedin Fig. 9.2. Line �uxes for detected lines and upper limits (total �ux for
line with peak �ux 3� ) for the most signi�cant undetected lines on the on-source po-
sition are listed in Table 9.1. Detected lines in the off-source LWS spectra are listed in
Table 9.2.

For eachcomplete spectral scan, the SWSactually makes twelve dif ferent grating
scans,eachcovering a small wavelength region (“SWSband”), and with its own optical
path. They are joined to form one single spectrum (Fig. 9.1).Becauseof the variation of
the dif fraction limit of the telescopewith wavelength, dif ferent SWSbands use aper-
tures of dif ferent sizes. For a source that is not point-like, one may therefore seea
discontinuity in �ux at the wavelengths where such a changein aperture occurs. This
effect is not seenin the spectraof T Tau, indicating that the bulk of the infrar ed contin-
uum comesfrom a region that is small compared to the smallest SWSbeam(14

� �

� 20
� �

).
Note that the samedoesnot have to apply to the line emission.

In the course of this chapter we will compare our ISO data of T Tau with measure-
ments by previous authors. To do soaccurately, we need to know the relative sizesand
orientations of the beamsused. Therefore we created a plot of the ISO SWSapertures
and LWS averagebeam size overlaid on a K

�

-band of the T Tau region (Hodapp 1994),
shown in Fig. 9.3. As can be seenfrom this �gur e, all SWSapertures include both T
Tau N and T Tau S.They do not include Hind's nebula. The LWS beam includes both
the central objects of the T Tauri system as well as Hind's nebula. The fact that the
�uxes measured by SWSagree well with those measured by LWS in the small region
of overlap, suggeststhat Hind's nebula remains much fainter than the central objects
at wavelengths at least up to 45 � m.
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Table 9.3.Solid stateabsorption column densities for T Tau S.

Species Wavelength
� �

���

���

�

� � �

[ � m] [cm molec
�

�

] [cm
�

�

] [cm
�

� ]

H � O 3.0 2.0 	 10
�

� �

109 5.4 	 10
���

H � O 6.0 1.2 	 10
�

���

� 10 � 8 	 10
���

CO 4.67 1.1 	 10
�

���

� 5 � 5 	 10
���

CO � 4.26 7.6 	 10
�

���

12.2 1.6 	 10
���

CO � 15.2 1.1 	 10
�

���

1.2 1.1 	 10
���

CH � 7.67 7.3 	 10
�

� �

� 4 � 5 	 10
���

Silicate 9.7 1.2 	 10
�

� �

218 1.8 	 10
� �

9.3 Solid-state features

The SWSspectrum of T Tau (Fig. 9.1)consistsof a smooth continuum with a number of
strong absorption featuressuperposed, in which we recognizethe O–H bending mode
of water ice around 3 � m, the 4.27 � m C=O stretch and the 15.3 � m O=C=O bend of
CO � and the familiar 9.7 � m absorption feature due to the Si–O stretching mode in
amorphous silicates.

By convolving the SWSspectrum with an
�

band (3.5 � m) transmission curve, we
derive a synthetic

�

magnitude of 3 �

�

4 for T Tau at the time of the observations. This
value is within errors identical to the

�

�

band measurement of Simon et al. (1996)in
December1994.Thus the fading of the infrar ed brightness of the systemafter the 1990–
1991�ar e (Ghez et al. 1991;Kobayashi et al. 1994)appears to have ceasedbefore the
system has returned to its pre-outburst magnitude. Synthetic 12, 25, 60 and 100 � m
�uxes from the ISO spectra are 1.3–1.5times those measured by IRAS in 1983. The
IRAS LRS spectrum is fainter and redder than the ISO SWSspectrum and does not
show a 9.7 � m feature in emission or absorption. The ISO SWS�uxes are about 1.4
times less than those in the November 1993ground-based 8–13 � m spectroscopy by
Hanner et al. (1998),in which the silicate feature also appearsstronger.

The spectrum obtained with ISO is the sum of the spectra of T Tau N and S. Al-
though T Tau S is expected to dominate the continuum �ux in the thermal infrar ed,
T Tau N might also contribute signi�cantly to the spectrum. In particular , absorption
features from T Tau S might appear “�lled in” with �ux from T Tau N, especially in
the 9.7 � m silicate feature, which appears in emission in T Tau N, whereasit is in ab-
sorption in the southern component (Ghez et al. 1991;van Cleve et al. 1994;Herbst
et al. 1997). While the northern component does show variations in brightness in the
optical, all available literatur e data suggest that the infrar ed variability is limited to T
Tau S.We therefore attempt to isolate the contribution from T Tau S(plus the circumbi-
nary envelope at the longer wavelengths) by subtracting an empirical model for T Tau
N, consisting of a sum of blackbodies + emission from amorphous silicate at 500 K
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(Dorschner et al. 1995)�tted to ground-based spatially resolved photometry of T Tau
N (Ghez et al. 1991;Herbst et al. 1997),from the data. This model and the resulting
spectrum of T Tau Sare also shown in Fig. 9.1. We note that it is possible to reproduce
all existing infrar ed photometry and spectroscopy of T Tau in the literatur e by the sum
of our empirical model of T Tau N and a multiplicative factor times the spectrum of
T Tau S.This means that the infrar ed variations of T Tau S are not causedby variable
circumstellar extinction, but must re�ect variations in the intrinsic luminosity of the
central source,e.g. by variations in the accretion rate.

From the integrated optical depth ��


�
� �

�

�

of anon-saturated absorption featurewe
can compute a column density

�

using an intrinsic band strength �

�

. For H � O, CO,
CO � and CH � ices,values of �

�

were measured by Gerakineset al. (1995)and Boogert
et al. (1997). For silicates, �

�

is taken from Tielens & Allamandola (1987). Measured
integrated optical depth and column densities for T Tau Sof commonly observed ices
are listed in Table 9.3. The derived value of 3.4 for the solid H � O/CO � ratio is at the
lower range of values observed in the lines of sight towards low-mass YSOs(Whittet
et al. 1996;Boogert 1999). Sincethe line of sight towards T Tau S might actually pass
through the outer edge of the T Tau N disk (Hogerheijde et al. 1997),this result may
imply that the solid H � O/CO � ratio in the outer disk is similar to those typically found
in the envelopesof low-mass YSOs.

Sinceextinction in the continuum surrounding the 9.7 � m feature is small compared
to the extinction within this feature, the extinction �

�

at wavelength
�

across a non-
saturated 9.7 � m feature can simply be obtained from the relation �

�

=
�

� �

�

$ % &

� �

�

�

�

�

.
Using an average interstellar extinction law which includes the silicate feature (Fluks
et al. 1994),we can then convert thesevalues of �

�

to a visual extinction, resulting in a
value of ��� = 17�

�

4
�

0 �

�

6 toward T Tau S.

9.4 Gas-phasemolecular absorption

Shibaet al. (1993)detected shallow absorption featuresin the spectrum of T Tau at 1.4
and 1.9 � m, which they identi�ed with warm ( � 2000K) water vapour. They argue
against a photospheric origin becausethis would be too hot (K type), and hencelocate
it in the inner disk. We inspected the ISO SWSspectrum for the presenceof absorption
from the

�

� band of gas-phasewater, readily seentowards other YSOs(Helmich et al.
1996;van Dishoeck & Helmich 1996;Chapter 8). It is not detected in our T Tau spectra.
The resulting upper limit for the H � O gas-phasecolumn is 10

� �

cm �

� , incompatible
with the strength of the featuresobserved by Shibaet al. If the dips observed by these
authors are indeed realand due to water vapour, they must therefore either bestrongly
variable, or only occur in the inner disk of T Tau N, which dominates at 1.4and 1.9 � m.

In the AOT S02ISO SWSspectrum of T Tau, a number of weak absorption lines
with maximum depth around 5% of the continuum level can be seen in the 4.7 � m
region (Fig. 9.4).Thesecould be due to ro-vibrational lines of gas-phaseCO. Although
weak, someof the lines (especially the 4.717 � m line, which is also presentin the AOT
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Fig. 9.4. SWSAOT S02spectrum of T Tau in the 4.7 � m region, with the continuum
normalized to unity (top curve). The peak at 4.694 � m is the 0–0 S(9) transition of
molecular hydr ogen. Also shown (bottom curve) is a synthetic CO spectrum with �

���

= 300K,
�

= 5 km s
�

�

and
�

(CO) = 3 	 10
� �

cm
�

� , shifted for clarity.

S01spectrum) appear clearly stronger than the noise level. We therefore consider these
absorption featuresasa tentative detection of gas-phaseCO in absorption. Following
the procedure outlined in Chapter 8, we compared this spectrum with synthetic gas-
phase absorption spectra, computed using molecular constants from the HITRAN 96
database(Rothmann et al. 1996). Assuming a Doppler parameter

�

of 5 km s �

�

and
excitation temperature of 300K, typical for those observed towards YSOs(Helmich et
al. 1996;van Dishoeck & Helmich 1996;Dartois et al. 1998),we derive a total column
of CO gasof 10

� �

–10
�

� cm �

� for this line of sight.

9.5 Hydrogen recombination lines

In the ISO SWSspectra of T Tau, the Br � and Br � lines are present and strong (Ta-
ble 9.1). No lines from the higher seriesof H I were detected. The Br � and Br � line
pro�les appear broader than those expected for a point source (Fig. 9.2). We deduce
an intrinsic FWHM of � 300 km s�

�

, in good agreement with the ground-based Br �

pro�le by Perssonet al. (1984). The Br � line �ux of 11.0 � 10�

� �

W m �

� measured by
SWSin a 20

� �

� 14
� �

aperture is identical to that measured by Evanset al. (1987)in a 3 �

� �

5
diameter aperture, suggesting that the infrar ed H I transitions arise in a compact area.
Basedon the similarity of their Br � line pro�le to H � , Perssonet al. (1984)suggested
that the infrar ed hydr ogen recombination lines from T Tau arise in the optically visible
component, T Tau N, and that any H I lines from T Tau Sare obscured by many mag-
nitudes of extinction. This is in agreement with spatially resolved images of the T Tau
system, in which the Br � �ux is clearly seento peak at the position of T Tau N (Herbst
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et al. 1996).
We observea ratio of the Br � /Br � line �ux of 1.1.CaseB recombination line theory

canonly produce a range of 1.4–2.2for this ratio (Storey & Hummer 1995).This means
that these lines are not optically thin, as assumed in CaseB, and that optical depth
effects play an important rôle in the radiative transfer. Therefore we can rule out a
possible origin in an extended low-density region surrounding T Tau for the H I lines.
A similar conclusion was already reachedfrom the Br � /Br � and Br � /Pf � lines ratios
by Evans et al. (1987). We note that the optical Balmer and Paschenlines follow a
similar decrement with increasing quantum number � as the infrar ed recombination
lines. This, together with the similarity of the Br � and H � pro�les noted by Persson
et al. (1984)brings us to the conclusion that the optical and infrar ed H I lines have a
similar origin; most likely a stellar wind with a mass loss rate of 3.5 � 10 �

�

M � yr �

�

(Kuhi 1964;Kenyon & Hartmann 1995).
For an optically thick ionized wind, Simon et al. (1983)derive a simple relation

between Br � line �ux and free-free radio emission, which for T Tau predicts a �ux of
0.17mJy at 6 cm. Observed 6 cm radio �uxes of T Tau N are a factor of �ve higher
(Ray et al. 1997). One explanation for this discrepancy could be that we would have
underestimated the extinction correction for the Br � line. However, if the optical and
infrar ed H I lines indeed come from the sameregion, this cannot be the case,sincethis
would render the optical lines invisible. We therefore conclude that only part of the
radio �ux of T Tau N comesfrom the wind responsible for the H I lines. An additional
source of radio emission must be present in the vicinity of T Tau N, possibly similar
to the out�ow shock model invoked to explain the non-thermal gyrosynchrotron radio
emission from T Tau S(Skinner & Brown 1994;Ray et al. 1997).

9.6 Molecular hydrogen emission

One property that distinguishes T Tau from other T Tauri stars is the presenceof strong
UV and near-IR molecular hydr ogen emission in its vicinity (Beckwith et al. 1978;
Brown et al. 1981).H � emission is presentthroughout Burnham's nebula, but is domi-
nated by emission closeto the central binary (van Langevelde et al. 1994b).The source
of the central H � emission is controversial: WhereasHerbst et al. (1996)claim that both
T Tau N and T Tau Scontribute about equally to the 1–0S(1)�ux, the adaptive optics
imagesby Quirr enbach& Zinnecker (1997)seemto indicate that most of this bright H �

emission arisesin the vicinity of T Tau S.H � emission is also presentin a bright knot 2–
3

� �

northwest of the central stars (Herbst et al 1996,1997)and in lessintense knots and
�laments throughout the nebula. Previous authors argue that most of the observed
H � emission must be collisionally excited, in shocksdue to the accretion onto T Tau S
and the interaction of a collimated out�ow with the surrounding medium. However,
a �uor escentemission component seemsalso to be required. The source of the Ly �

radiation required for the �uor escencemechanism remains unclear.
In the SWSspectraof T Tau, we detected pure-rotational (0–0transitions) emission

from H � up to S(9)and ro-vibrational (1–0transitions) lines up to Q(5) and O(7). They
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Table 9.4.Extinction determinations from H � line �ux ratios.

Line ratio
�

� [ � m]
�

� [ � m]
�

�

�

�

�

�

�

[
�

]
�

� [
�

]

1–0Q(1)/1–0 O(3) 2.4066 2.8025 0.67 
 0.42 41 
 26

1–0Q(2)/1–0 O(4) 2.4134 3.0039 � 0.19 
 0.75 � 9 
 34

1–0Q(3)/1–0 O(5) 2.4237 3.2350 0.13 
 0.57 5 
 22

1–0Q(4)/1–0 O(6) 2.4475 3.5008 � 3.0 � 97

1–0Q(5)/1–0 O(7) 2.4547 3.8074 1.34 
 0.75 39 
 22

are listed in Table 9.1and shown in Fig. 9.2. All lines appear unbroadened at the SWS
resolution, showing that they have a small ( � 200km s �

�

) velocity dispersion and arise
in a region much smaller than the beamsize. Interestingly, we have detectedfour pairs
of ro-vibrational lines which share the sameupper energy level. The ratios of the �uxes
for theselines should only depend upon the ratio of the transition probabilities and on
extinction. Using the relation �

�

�

�

� �

�

�

�

�

�

= � �

�

$�%'&

�

�

�

�

�

��� ���

�

�

�

�

�

��� ���

�
�

, with �

�

�

�

the extinction
at wavelength

�

,
�

the measured line �ux and �


�� the Einstein A-coef�cient, taken from
Turner et al. (1977),we can determine the dif ference in extinction. We then use the
extinction law by Fluks et al. (1994)to convert these to a value of � � . The results of
this procedure are listed in Table9.4.The 1–0Q(1)/1–0 O(3) and 1–0Q(5)/1–0 O(7) line
ratios give an extinction of about 40 magnitudes, whereasthe 1–0Q(2)/1–0 O(4) and
1–0Q(3)/1–0 O(5) line ratios yield much lower values of ��� . Most likely this is because
for theseratios the conversion from dif ferential extinction to a value of � � is erroneous
becausethe 1–0 O(4) and 1–0 O(5) lines are located in the water ice band around 3
microns, prominent in T Tau, which is not included in the Fluks et al. extinction law.
However, from the 1–0Q(3) line �ux measured with SWSwe compute that a slab of H �

emitting gashidden behind the � � = 40
�

obtained from the 1–0Q(1)/1–0 O(3) and 1–0
Q(5)/1–0 O(7) line ratios produces a factor of �ve less intense 1–0S(1)radiation than
what is observed from the ground. The only way to reconcile thesecon�icting results
is to infer that in fact we are observing ro-vibrational H � emission from at least two
distinct regions,of which one is heavily embedded ( ���

�
40

�

), whereasthe other only
suffers little extinction. In view of the complex morphology seenin the ground-based
1–0S(1)images,a scenariowith multiple components doesnot seemunreasonable.

A useful representation of the H � data is to plot the log of
�

�

�

�

� � , the apparent
column density in a given energy level divided by its statistical weight, versus the
energy of the upper level. This plot, in which the data have been corrected for ex-
tinction values of � � = 1 �

�

39 and 40�

�

0 and in which high temperature equilibrium
relative abundancesof 3:1 for the ortho and para forms of H � have been assumed, is
shown in Fig. 9.5. For clarity the 1–0 O(4) and O(5) lines, which we were not able
to correct for extinction properly, are omitted from this �gur e. For a purely thermal
population of the energy levels, all apparent column densities should lie on a nearly
straight line in Fig. 9.5. The slope of this line is inversely proportional to the excita-
tion temperature, while the intercept is a measure of the total column density of warm
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Fig. 9.5. H � excitation diagrams for T Tau, with the data corrected for extinction with
�

� = 1 �

�

39 (top) and
�

� = 40�

�

0 (bottom). For most measurements, formal errors are
about the size of the plot symbol. The dashed lines give the Boltzmann distribution
�ts to the two components of thermal H � emission. The solid line shows the sum of
both components.

gas. A higher column of H � in the lower energy levels of a certain series than pre-
dicted by this straight line may be due to �uor escenceby Ly � photons (e.g. Black &
van Dishoeck 1987; Draine & Bertoldi 1996). Although this effect might also be ex-
pected in T Tau, previous observations failed to distinguish this unambiguously from
the shocked component. Careful inspection of Fig. 9.5 shows that in T Tau we have
detected two thermal sourcesof H � emission; one responsible for the lines with upper
level energy higher than 3000K and a much cooler component necessaryto explain
the strong 0–0S(1)emission. In addition to this, the thir d component necessaryto ex-
plain the ground-based near-infrar ed emission will also contribute to the lines below
3 � m. From Fig. 9.5 it also becomesimmediately evident that the 0–0 S(3) line, at a
wavelength within the amorphous silicate band, cannot suffer from great amounts of
extinction, provided that the obscuring material contains silicates. The deviation of
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the apparent column densities of the 1–0 O(2), O(3) and Q(1) lines from the straight
line predicted by a purely thermal gas is clear evidence for the presenceof the UV
�uor escencemechanism.

Following the procedure outlined in Chapter 7 we have �tted a Boltzmann distri-
bution to the two thermal H � components, resulting in excitation temperaturesof 440
and 1500K and column densities of 1.5and 0.2 � 10

�

� cm �

� , respectively. This corre-
sponds to a total H � mass of 4 � 10�
� M � or 13 earth masseswithin the SWSbeam.
The total molecular cloud mass,asderived from CO observations, is several orders of
magnitude larger (Momose et al. 1996;Schusteret al. 1997). Therefore we conclude
that an additional H � source must be present in the T Tau system, whose emission we
have failed to detect becauseits temperature is much lower than the components we
have detected here. This component will also contain the bulk of the H � mass. Note
that this also implies that the bulk of the gasin the CO out�ow must be very cool. This
is consistent with the 40 K temperature of the out�ow derived from ratios of CO line
wings by Hogerheijde et al. (1998).

Warm molecular gas can either occur in a photo-dissociation region (PDR) or can
be heated by shocks. A shock can either be a J-shock,suf�ciently powerful to disso-
ciate molecules, or be a C-shock, which cools mainly through molecular material. In
Chapter 7 we employed predictions of H � emission from simple, plane parallel, PDR,
J-shockand C-shock models (Burton et al. 1992;Hollenbach & McKee 1989;Kaufman
& Neufeld 1996)to determine the excitation temperature from the low-lying pure ro-
tational levels as a function of density � and either incident far-UV �ux

�

or shock
velocity �

�

in an identical way as was done for the observations presentedhere. We
arrived at the conclusion that the PDR and J-shockmodels allow a fairly small (200–
540K) rangeof excitation temperatures,whereasfor C-shocksthis range is much larger
(100–1500K). In the model predictions for shocks, �

�����
doesnot depend much on den-

sity, whereasfor PDRsit does not depend much on
�

. Once the mechanism of the H �

emission is established,it cantherefore beused to constrain �

�

or � in a straightforwar d
way.

This means that the 1500 K component can only be caused by a C- (i.e. non-
dissociative) shock. From the correlation between excitation temperature and shock
speedderived in Chapter 7, we derive a shock velocity of � 35km s �

�

for the C-shock.
The density and the extent of the shockedgasarepoorly constrained. The total column
of the 1500K H � component is compatible with either a small ( � 5 square arcseconds)
region of high ( � 10

�

cm �

� ) density, or with a low-density ( � 10
�

cm �

� ) region �lling
a signi�cant fraction ( � 100square arcseconds)of the SWSbeam. The 440K H � com-
ponent falls in the parameter spaceallowed by either J-shock,C-shock and by PDR
models. However, the uncertainty in the 440K temperature is too large to be able to
constrain these models any further . Comparison of the absolute line intensities with
those predicted by PDR models (Black & van Dishoeck 1987;Draine & Bertoldi 1996)
show that the 440K component can be explained by photon heating if the PDR is lo-
cated close to the system. These same PDR models are then also able to reproduce
the observed UV �uor escencein a natural way. However, shock models can also pro-
duce the 440K component, although current shock models do not include the physics
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necessaryto take into account the UV �uor escencemechanism.

9.7 Atomic �ne structure lines

In the SWSand LWS spectra of T Tau we detected atomic �ne-str ucture lines due to
[Fe I I], [Ar I I], [Ne I I], [S I], [Si I I], [O I] and [C I I]. All lines appear unbroadened at the
SWSresolution, suggesting they have a velocity dispersion smaller than 200 km s �

�

and arise in a region that is compact compared to the beam size. The [O I] 63 � m line
was previously detected in T Tau from KAO observations (Cohen et al. 1988). The
LWS line �ux agreeswith that measured by these authors in a 47

� �

aperture. In the
LWS spectrum of T Tau, a line is presentat the position of [O I] 146 � m, but in view of
the strength of other CO lines in the spectrum we attribute most of the line �ux to CO

� =18–17and only report an upper limit to the [O I] 146 � m line �ux in Table 9.1. The
deeperLWSspectrum of T Tau (Spinoglio et al. 1999)clearly separatesthe [O I] 146 � m
line from the CO � =18–17emission and a line �ux of 8.2 � 10�

� �

W m �

� is derived.
The observed infrar ed spectrum of T Tau can either originate in a PDR or in one

or more shocks. The detection of strong [S I] 25.3 � m emission in T Tau is important,
since it is predicted to be weak in PDRs(e.g. Tielens & Hollenbach 1985). It can only
reach observable strengths in shock-excited gas. Also, the absenceof PAH emission
in the SWSspectrum and the non-detection of [O I] emission in the LWS off-source
observations argue against a PDR origin of the emission lines. Therefore our working
hypothesis will be that the infrar ed �ne structure lines are dominated by shocked gas.
Ionized specieslike [Fe I I], [Ne I I], [Ar I I] and [Si I I] which we detected in T Tau cannot
be produced in a C-shock,so we will explain those asarising in a J-shock.

Wewill try to determine the shockparametersby comparing the line �uxes listed in
Table 9.1with the J-shockmodels by Hollenbach & McKee (1989).From their Fig. 7 it
can readily be seenthat the ratios of the [O I] 63.2 � m, [Fe I I] 26.0 � m and [S I] 25.3 � m
lines constrain the density well, whereas [Ne I I] 12.8 � m is particularly sensitive to
shock velocity. A �

� �t of line �uxes ratios for T Tau to the Hollenbach & McKee J-
shock models yielded a best �t shock velocity �

�

� 100km s�

�

, and a density � � 5 �

10
�

cm �

� . We estimate the errors in these �t parameters to be smaller than 20 km s �

�

in velocity and smaller than 0.5dex in density. To reproduce the absolute line �uxes,
The J-shockneeds to have an extent of 11 square arcseconds. This J-shockwill also
produce H � emission with the strength observed for the 440 K component identi�ed
in the previous section. Therefore we infer that this H � component is also due to the
J-shock.

The line �uxes predicted by the Hollenbach & McKee J-shockmodels for the best
�t parameters are also listed in Table 9.1. The �t gives satisfactory results, except for
the [C I I] 157.7� m, [O I] 145.5� m, and the [Fe I I] lines. The background-corrected [C I I]
�ux of 2.0 � 10�

� �

W m �

� is only half of that predicted by the J-shockmodel. However,
the emergent [C I I] �ux is strongly dependent on the shock velocity. A model with �

�

=
80 km s�

�

would be able to reproduce the observed �ne-str ucture spectrum, with the
exception of [Ne I I], which would then appear too strong. Sincethesedif ferencesare
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within the error with which we think we can determine the shock velocity, we do not
consider them signi�cant. The deconvolved [O I] 145.5 � m �ux of 8.2 � 10�

� �

W m �

�

is 1.6 times that predicted by the J-shockmodel. However, this line appears stronger
than model predictions in many regions where it is observed (e.g. Liseau et al. 1999),
so the discrepancy might be causedby a poor knowledge of the atomic data and/or an
inadequate understanding of the atomic processesof the oxygen atom. The mismatch
of the J-shockmodel to the [Fe I I] �uxes might be more worrisome. The Hollenbach &
McKee models predict the 26.0 � m line to be the strongest of the threethroughout the
parameter space,whereaswe observe the 35.3 � m line to be signi�cantly stronger. At
presentthis result lacks a satisfactory explanation.

9.8 Discussion and conclusions

From the previous sectionsa complex pictur e of the T Tau environment emerges. The
ISOspectrapresentedhereshow evidencefor a dusty disk or envelope,an ionized stel-
lar wind, three distinct sourcesof H � emission, and warm atomic gas in dissociative
and non-dissociative shocks. What is the origin of all these phenomena? Literatur e
data show that both T Tau N and T Tau S have a circumstellar disk or envelope con-
taining dust and that a dusty circumbinary envelope is present as well. Clearly the
continuum data presentedhere arise in the superposition of thesephenomena, with T
Tau N dominating at the shortest wavelengths studied here,T Tau Sdominant in most
of the spectrum, and a contribution of the circumbinary envelope that increaseswith
wavelength. We have seenthat the composition of the circumstellar material is by no
meansunusual: amorphous silicates,water and carbon-dioxide ice and gaseousCO in
fairly typical proportions. Wederive an extinction of 17�

�

4
�

0 �

�

6 in this dust shell. This
result resolvesthe discrepancy between earlier determinations and the � �

� 7
�

from
the non-detection of T Tau Sin HST images (Stapelfeldt et al. 1998).We also found all
infrar ed data to be consistentwith a scenario in which T Tau N is constant and T Tau S
shows strong wavelength-independent variations in brightness.

TheH I data presentedin Section9.5point to T Tau N asthe solecontributing source
to theselines. Becauseour data on theserecombination lines extend further to the in-
frared than previous studies, this doeshave implications for the mechanism responsi-
ble for the radio emission in T Tau S.A scenarioin which the continuum radio �ux of T
Tau Sis due to an ionized wind, of which the H I lines are hidden by many magnitudes
of extinction is now de�nitely ruled out by our non-detection of lines from the Pfund
and Humphr eys series. The out�ow shock model to produce non-thermal gyrosyn-
chrotron radiation (Skinner & Brown 1994;Ray et al. 1997)seemsmore likely and may
also be responsible for part of the T Tau N radio �ux.

We have distinguished threesourcesof H � emission in our ISO spectra: A cool ( �

440K) component suffering little extinction, and two warmer ( � 1500K) components,
of which one suffers little extinction and the other probably is heavily extincted ( � �

�

40
�

). The far-infrar ed CO, H � O and OH emission from T Tau discussedby Spinoglio et
al. (1999)show evidencefor similar cool and warm temperaturecomponents (although
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100 AU

T Tau S

T Tau N

shock
C-

J-shock

 J-shock

Fig. 9.6.Schematicpictur e of the T Tau system with probable sourcesof C-shock (H � ,
[S I]) and J-shock(H � , [S I], [O I], [Fe I I], [Ar I I], [Ne I I], [Si I I], [C I I]) emission indicated.

OH and H � O appear overabundant), supporting the pictur e outlined here. In Sections
9.6 and 9.7 we showed that the cool component can be identi�ed with a dissociative
shock or PDR, whereasthe non-embedded warm component could be due to a non-
dissociative shock. In studying the infrar ed imagesby Herbst et al. (1996)we note that
the dominant region of [Fe I I] 1.64 � m emission is around the H � knot T Tau NW. The
sizeof this region is only slightly smaller than the sizeof 11 squarearcsecondsrequired
by our J-shock.Therefore we identify T Tau NW asa J-shockin the out�ow from T Tau
S.Most likely it is a knot in a non-steady out�ow , similar to Herbig-Har o objects. The
remainder of the shocked ionized emission probably arisesfrom the fainter H � /[Fe I I]
knot T Tau SE,which could be a similar knot in the other lobe of the sameout�ow . The
low velocities of these components measured in CO, as well as the morphology and
the kinematics of the optical forbidden emission lines suggestthat it hasan orientation
nearly perpendicular (

�

� 79
�

; Solf & Böhm 1999)to our line of sight. It could alsodrive
the giant Herbig-Har o out�ow HH 355(Reipurth et al. 1997).

The location of the C-shock is lessclear. Both the “dif fuse” and the “west jet” com-
ponent distinguished by Herbst et al. (1996)have an extent that could produce the re-
quir ed beam�lling factor. By comparing the ground-based H � imaging results (Herbst
et al. 1996;van Langevelde et al. 1994b;Quirr enbach& Zinnecker 1997)with the CO
maps of the region by Momose et al. (1996),we note that the “dif fuse” component
can very well be due to the low-velocity out�ow with small ( � 10

�

) inclination an-
gle, presumably arising in T Tau N. Such an out�ow could easily produce a C-shock
with a large beam�lling factor. Therefore we tentatively identify our C-shockwith the
“dif fuse” component, although some contribution from the “west jet” might also be
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present.A schematicpictur e of the T Tau system in which we have identi�ed the most
likely sourcesof the detected infrar ed line emission is shown in Fig. 9.6.

A remarkable result is the clear signature of the UV �uor escencemechanism in the
ro-vibrational H � lines. To explain this, an H � containing area that is seeing a fairly
high number of Ly � photons needs to be present in the T Tau system. However, the
low [C I I] �ux indicates that this area seemsto be heated to lower temperatures than
predicted by standard PDR models (e.g. Tielens & Hollenbach 1985). This could for
example be due to a depletion of small dust particles in the area, consistent with the
absenceof PAH emission in the SWSspectrum.

We have also found indications for the presenceof H � emission from a warm, em-
bedded source. In the T Tauri system, only T Tau S suffers signi�cant amounts of
extinction, possibly becausethe line of sight towards T Tau Spassesthrough the outer
edgeof the T Tau N disk. Therefore it seemslikely that this H � component comesfrom
a region in the envelope or disk of T Tau S. An interesting possibility is that we are
picking up emission from the shock causedby the impact of circumstellar matter onto
the circumstellar disk of T Tau S.If this pictur e is correct, futur e H � images in e.g. the
1–0 O(5) line should show a morphology that is more concentrated towards T Tau S
than the existing 1–0S(1)data.

The complex situation in the circumstellar environment of T Tau, with multiple
out�ows and a multitude of shocks,is reminiscent of the situation in the intermediate-
massyoung stellar object LkH � 225(Chapter 8). The infrar ed emission line spectrum
of T Tau is also strikingly similar to that of LkH � 225. Interestingly, both LkH � 225
and T Tau are young binary systems containing an optically invisible intermediate-
masscomponent. It could therefore very well be that theseproperties that make the T
Tau system so unique are not so much related to the central sources,but more to the
interaction of the circumstellar disks and out�ows with the accretion of matter through
a circumbinary disk or envelope.
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Chapter 10

ISO Spectroscopy of PDRs and Shocks
in Star Forming Regions

M.E. vandenAncker, A.G.G.M. TielensandP.R.Wesselius,
A&A, to besubmitted(1999)

Abstract

We present the results of ISO SWSand LWS grating scansof pure rotational lines of
H � , as well as the infrar ed �ne structure lines of [C I I], [O I], [S I], [Si I I], [Fe I] and
[Fe I I] towards galactic star forming regions. We �nd that intense H � emission is only
observed in the vicinity of starswith spectral type earlier than B4or in the neighbour-
hood of embedded YSOsassociatedwith out�ows. We interpr et these lines as aris-
ing in either a photo-dissociation region (PDR) near the early-type stars, or a shock
caused by the interaction of an out�ow with the surrounding molecular cloud ma-
terial. Molecular hydr ogen excitation temperaturesand �ne structure line intensities
were compared with thosepredicted by theoretical models for PDRsand dissociative
and non-dissociative shocksand to thoseobserved towards regions known to contain
PDRsand shocks. It is shown that both shocksand PDRsshow a warm and hot com-
ponent in H � . The observed temperaturesof the warm component appear in general
too high to be explained by current dissociative shock models. We �nd that the mere
detection of [S I] 25.2 � m emission with ISO is an unambiguous sign of the presence
of shockedgas.Strong [C I I] 157.7� m can only be due to a PDR.An evolutionary sce-
nario is suggested in which the circumstellar material around a young star changes
from being heated mechanically by shocks into heated by radiation from the central
star through a PDR asthe star clears its surroundings.

10.1 Introduction

The infrar ed emission-line spectrum of Young Stellar Objects(YSOs)is dominated by
the interaction of the central object with the remnants of the clouds from which it
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CHAPTER 10. PDRSAND SHOCKSIN STAR FORMING REGIONS

formed. The intense UV radiation generated by accretion as well as by the central
star itself causesdissociation of molecular material closeto the YSOand ionizes much
of the atomic material, giving rise to typical nebular and recombination lines. The
strong stellar wind, often collimated into a bipolar out�ow , will causea shock wave
as it hits the surrounding molecular cloud, heating the post-shock gas suf�ciently to
causestrong molecular and ionic emission.

Neutral clouds irradiated by far-ultraviolet (FUV) photons are known asphotodis-
sociation regions (PDRs;seeHollenbach & Tielens 1999for a comprehensive review).
In theseregions,heating of the gasoccursby collisions of photoelectrically ejectedelec-
trons from grain surfaces.Cooling of the gasoccursmainly through emission in atomic
�ne-str ucture and molecular lines, reaching intensities that should beeasily observable
in a wide range of astronomical objects. The gas in the surface regions of thesePDRs
reachestemperatures of typically 500 K (e.g. Tielens & Hollenbach 1985),making it
possible to collisionally excite the low-lying pure rotational levels of molecular hydr o-
gen, provided that the region hasa suf�cient density and incident FUV �ux. Sincethe
lowest ro-vibrational lines of H � have energy levels of the order of 5000K, only these
low-lying pure rotational H � lines, hard to observefrom the ground, can reliable probe
the physical conditions of the dominant speciesand thus provide us with detailed in-
formation of the physical conditions occurring in the PDR.

The physical situation in shock waves is quite distinct: here the molecular gas is
heated by compression of a supersonic wave moving through the gas. Shocks are
usually divided into two distinct categories:J-or Jump-shocks,and C- or Continuous-
shocks. In the J-shocksviscous heating of the neutrals occurs in a thin shock front in
which radiative cooling is insigni�cant, and the post-shock gas is heated to several
times 10

�

degrees(e.g. Hollenbach & McKee 1989),dissociating all molecular material.
In theseJ-shocks,the physical conditions (density, temperature) changefrom their pre-
to post-shock values within one mean free path, causing an apparent discontinuity .
Cooling of the post-shock gasoccurs trough atomic �ne-str ucture lines.

C-shocksare magnetized, non-dissociative shocks in which ions and the magnetic
�eld are compressed ahead of the shock front and are able to heat the neutral gas
(containing only a trace fraction of ions) to a few thousand degrees. In C-shocks the
physical conditions change more gradually from their pre- to post-shock values and
cooling is mainly through radiation from molecular material (e.g. Kaufman & Neufeld
1996). If the temperatures in a C-shock becomesuf�ciently high to start to dissociate
molecules, the cooling through the molecular lines goesdown, and the shock tempera-
ture increasesuntil it turns into a J-shock.Shockswith a velocity larger than 40km s �

�

areusually J-shocks,whereasslower shocksareusually of C-type (Chernoff et al. 1982).
In this chapter we will study the infrar ed emission-line spectraof a sample of YSOs

observed with the InfraredSpaceObservatory(ISO; Kessler et al. 1996). In order to in-
terpret our observations as arising in either a PDR, C-Shock or J-shock,we compare
measured line intensities with those predicted by theoretical models of such regions.
Sincethe regionssurrounding our target sourcesareoften highly confused,and the ap-
plicability of the simpli�ed models to a complex physical situation is by no meanssure,
we will also compare our new ISO observations with those of relatively clean regions
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Fig. 10.1. Hertzspr ung-Russell diagram for the YSOsincluded in this study. Filled
and open plot symbols indicate Class I and II sources,respectively. Also shown are
theoretical PMS evolutionary tracks (solid/dashed lines) and the birthlines for 10

�

�

(upper dotted line) and 10
�
�

M � yr
�

�

(lower dotted line) by Palla & Stahler (1993).

known to contain a shock or a PDR.We will show that the distinction between a shock
and a PDR spectrum can be made with relative easeand the infrar ed lines are a good
diagnostic tool for constraining the physical conditions in the material surrounding
YSOs.

10.2 Sample selection

Young stellar objectsarecommonly divided into classesdepending on their energy dis-
tribution. ClassI YSOsare heavily embedded, optically invisible, but usually infrar ed
bright objects. Class II YSOsare already optically visible, but also still show excess
infrar ed emission above photospheric levels due to dust, heated by the central star, in
the dir ect circumstellar environment. Intermediate-mass (2–10M � ) Class II YSOsare
usually referred to as Herbig stars, whereastheir lower mass counterparts are the T
Tauri stars. In the remainder of this chapter we will study the infrar ed emission line
spectra in the vicinity of a sample of 10 ClassI YSOsand 11 ClassII sources.They are
listed in Table 10.1. Becauseof the brightness limitations imposed by the instruments
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Table 10.1.Properties of programme stars.

Source � (2000)

�

(2000) Region

�

Ref. Sp. Type

���

� Ref. Out�ow

�	� 
��




�

�

��� ���

Age
[pc] [K] [

�

] [M � ] [yr]

AFGL 490 032738.6 +58 4700 Cam OB1 900 (1) B1–6e 18000 (13)

�

� 31 3.57 � 8 –
IRAS03260+3111 032910.4 +31 2158 NGC 1333 350 (2) 12000 (14) – � 20 2.45 � 4 –
L1489IRS 040443.0 +26 1858 L1491 140 (3) � Ke 4000 (15)

�

� 20 0.60 � 2 –
L1551IRS5 043134.0 +18 0804 Tau R2 140 (3) G–Ke 5500 (15)

�

� 19 1.37 � 3 –
IRAS12496 � 7650 125316.0 � 770702 Cha II 180 (4) Ae 8600 (16)

�

� 14 1.68 � 2.5 –
GGD 27-ILL 181912.0 � 204731 IC 1318 1700 (5) B1 25000 (17)

�

� 20 4.29 � 14 –
LkH � 225 202030.4 +41 2127 Cyg R1 1000 (6) A–Fe 9000 (18)

�

� 15 3.21 � 7 –
S106IRS4 202726.6 +37 2248 Cyg OB2 1200 (7) O6–O8e 37000 (19) – � 14 4.62 � 20 –
AFGL 2591 202924.6 +40 11 19 Cyg X 1700 (8) � O8 40000 (20)

�

� 30 4.78 � 25 –
Cep A East 225618.6 +62 0200 Cep OB3 690 (9) B: 22000 (20)

�

� 62 3.65 � 9 –

Elias 3-1 041840.5 +28 1917 L1495 140 (3) A6:e 8000 (21) – 7.83 1.32 2.0 3 � 10

�

T Tau 042159.1 +19 3206 Tau R2 140 (3) K0–1e 5200 (22)

�

1.39 1.22 2.5 � 10

�

HD 97048 11 0804.6 � 773917 Ced 111 180 (10) B9.5Ve 10000 (23) – 1.27 1.50 2.5

�

3 � 10

�

HD 97300 11 0950.6 � 763647 Ced 112 190 (10) B9V 10500 (24) – 1.33 1.42 2.4

�

3 � 10

�

HR 5999 160834.2 � 390618 Lupus 3 210 (10) A5–7IIIe 7900 (25) – 0.47 1.96 3.2 5 � 10

�

R CrA 190153.9 � 365710 NGC 6729 130 (11) A1–F7ev 8600 (10)

�

2.26 1.98 3.0 1 � 10

�

T CrA 190158.8 � 365749 NGC 6729 130 (11) F0e 7200 (26)

�

1.64 0.88 1.5 1 � 10

�

WW Vul 192558.6 +21 1231 Vul R1 440 (12) A4IV–Ve 8400 (27) – 0.96 1.33 2.0 5 � 10

�

BD+40

 

4124 202028.3 +41 2151 Cyg R1 1000 (6) B2Ve 22000 (17) – 3.01 3.16 7.0

�

10

�

LkH � 224 202029.2 +41 2127 Cyg R1 1000 (6) A7e 7900 (28) – 2.98 2.27 4.0 1 � 10

�

HD 200775 210136.8 +68 0949 NGC 7023 430 (10) B2.5IVe 20400 (29)

�

1.92 3.36 9.0 2 � 10

�

Referencesto Table 10.1:(1) Harvey et al. (1979);(2) Herbig & Jones(1983);(3) Kenyon et al. (1994);(4) Whittet et al. (1997);(5) Rodr�́guez et al. (1980);(6) Shevchenkoet al. (1991);
(7) Rayner (1994);(8) Dame & Thaddeus (1985);(9) Mel'nikov et al. (1995);(10) Chapter 2; (11) Marraco & Rydgren (1981);(12) Voshchinnikov (1981);(13) Snell et al. (1984);(14)
This chapter; (15) Kenyon et al. (1998);(16) Hughes et al. (1991);(17) Yamashita et al. (1987);(18) Hillenbrand et al. (1995);(19) Chapter 7; (20) Lada et al. (1984);(21) Zinnecker
& Preibisch (1994);(22) Kenyon & Hartmann (1995);(23) Whittet et al. (1987);(24) Rydgren (1980);(25) Tjin A Djie et al. (1989);(26) Finkenzeller & Mundt (1984);(27) Gray &
Corbally (1998);(28) Chapter 8; (29)Rogerset al. (1995).
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used, the sample is biased towards infrar ed bright objects,either becausethey are in-
herently anomalously luminous in the infrar ed or becausethey are located relatively
nearby.

To understand the occurrenceof infrar ed emission lines due to PDRs or shocks in
the vicinity of the stars in our sample, it is useful to study their basic properties in a
consistent way. We have therefore made new estimates of the bolometric luminosity
of eachsource by constructing spectral energy distributions (SEDs),using ultraviolet
to submm data compiled from literatur e. A �t consisting of the sum of a reddened
Kur ucz (1991)model for the stellar photosphere and a spline �tted to the excessesin
the infrar ed to submm range, extrapolated to in�nity by a blackbody curve, was made
to the energy distribution for eachsource. Total bolometric luminosities were then de-
termined by computing

���

�

�

�

� �

d
�

, with
�

the distance to the source and
� �

the SED
�t. The results of this procedure, as well as the distances and effective temperatures
used, are listed in Table 10.1. For the extincted sourcesthe resulting values of

�

� ���

do
not depend on the adopted value of � �! .

From the results listed in Table 10.1we have created the Hertzsprung-Russell di-
agram (HRD) shown in Fig. 10.1. In this �gur e, we also have plotted the pre-main
sequenceevolutionary tracks and the birthline by Palla & Stahler (1993). By compar-
ing the location of a source in the HRD with these computations, we can determine
stellar massesand agesfor pre-main sequencestars. For single ClassII sourcesthe re-
quir ed parameters (luminosity and temperature) can be determined fairly accurately.
For the Class I sources,the temperature is usually not well determined, but since the
luminosity of an intermediate-mass star staysrelatively constant during its contraction
to the zero-agemain sequence,the evolutionary tracks can still be used to estimate its
mass.Resulting stellar massesand agesare also listed in Table 10.1.

10.3 Observations

Using the Short (SWS:2.4–45� m; de Graauw et al. 1996)and Long Wavelength (LWS:
43–197� m; Clegg et al. 1996)Spectrometers on board ISO, we obtained spectroscopy
of infrar ed transitions of H � , [Fe I], [Fe I I], [S I], [Si I I], [O I] and [C I I] centered on the
positions of the 21 young stellar objects listed in Table 10.1. Most of the lines in the
SWSwavelength range were scanned with the full grating resolution (“AOT S02”),
although in some objects some were taken from lower resolution full grating scans
(“AOT S01”). When the latter were available, we also report the �ux in the 6.2 � m UIR
band in Table 10.3. All lines in the LWS wavelength range were obtained from LWS
full grating scans(“AOT L01”). A full log of the ISO observations used in this study is
given in Table 10.2.

Data were reduced in a standard fashion using calibration �les corresponding to
ISO off-line processingsoftware (OLP) version 7.0,after which they were corrected for
remaining fringing and glitches. To increasethe S/N in the �nal spectra,detectorswere
aligned and statistical outliers were removed, after which the spectrawere rebinned to
a lower spectral resolution (SWS)or simply averaged (LWS).
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Table 10.2.Log of ISO observations of programme stars.

Object AOT Rev. Date JD
�

2450000

AFGL 490 SWS02 863 27/03/1998 899.939
LWS 01 623 31/07/1997 660.879

IRAS03260+3111 SWS01 659 05/09/1997 696.880
LWS 01 848 12/03/1998 884.909

L1489IRS SWS02 654 31/08/1997 691.635
L1551IRS5 SWS02 668 14/09/1997 705.561

LWS 01 668 14/09/1997 705.571
IRAS12496

�

7650 SWS02 141 06/04/1996 179.909
LWS 01 115 11/03/1996 153.678

GGD27-ILL LWS 01 148 13/04/1996 187.161
SWS02 149 14/04/1996 187.595
SWS01 149 14/04/1996 187.621

LkH � 225 SWS02 142 07/04/1996 180.996
SWS02 355 05/11/1996 393.306
SWS01 858 22/03/1998 894.889
LWS 01 142 07/04/1996 181.017

S106IRS4 SWS02 134 30/03/1996 172.705
LWS 01 134 30/03/1996 172.726
SWS01 335 17/10/1996 373.740

AFGL 2591 SWS02 134 30/03/1996 172.577
LWS 01 142 07/04/1996 180.737

Cep A East SWS02 220 23/06/1996 258.463
LWS 01 566 04/06/1997 603.681
SWS02 566 04/06/1997 603.706
SWS01 843 07/03/1998 880.050

Elias 3-1 SWS02 667 13/09/1997 704.605
T Tau LWS 01 672 18/09/1997 709.675

SWS01 680 25/09/1997 717.411
SWS02 681 27/09/1997 718.778
SWS02 861 25/03/1998 897.973

HD 97048 SWS01 141 06/04/1996 179.947
LWS 01 261 04/08/1996 299.565

HD 97300 SWS02 141 06/04/1996 179.826
HR 5999 SWS01 289 01/09/1996 327.627

SWS02 289 01/09/1996 327.669
R CrA LWS 01 495 25/03/1997 533.284

SWS02 704 19/10/1997 741.322
SWS01 704 19/10/1997 741.353

T CrA SWS02 141 06/04/1996 179.738
SWS01 689 04/10/1997 726.278

WW Vul SWS01 176 11/05/1996 214.507
SWS02 176 11/05/1996 214.541
SWS02 865 29/03/1998 901.889

BD+40	 4124 SWS02 142 07/04/1996 181.037
SWS02 159 24/04/1996 197.635
SWS01 355 05/11/1996 393.283
LWS 01 768 23/12/1997 805.525

LkH � 224 SWS02 142 07/04/1996 180.960
SWS01 858 22/03/1998 894.920

HD 200775 SWS02 143 08/04/1996 182.108
SWS01 339 21/10/1996 377.670
LWS 01 339 21/10/1996 377.695
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10.4. MOLECULAR HYDROGEN EMISSION

Scannedlines and measured line �uxes for the detected lines or upper limits (total
�ux for line with peak �ux 3� ) for the undetected lines are listed in Table 10.3. In a
number of sourcesthe H � 0–0S(2)line was not detected becauseof strong fringing of
the continuum in this part of the spectrum, either due to the continuum source being
spatially extended, or due to the continuum sourcenot being in the centerof the beam.
The H � 0–0S(6)line hasa wavelength that puts it the middle of the H � O

�

� absorption
band, also hindering its detection in somesources(c.f. Chapter 8).

Accuraciesof the absolute �ux calibration in the SWSspectrarange from 7%in the
short-wavelength ( � 4.10 � m) part to � 30% in the long wavelength ( � 29 � m) part
(Leech et al. 1997). The LWS absolute �ux calibration is expected to be accurate at
the 7% level (Trams et al. 1997). The errors listed in Table 10.3include both the error
in the line �ux measurement itself and this absolute error. Note that the applied �ux
calibration is based on the assumption that we are looking at a point source. For an
extended source,the dif fraction losseswill be underestimated and, in particular at the
long-wavelength part of the LWS,thesecorrections will exceedthe quoted uncertainty.

10.4 Molecular hydrogen emission

From the H � line �uxes
� �

�

�

listed in Table 10.3it is possible to calculate the apparent
column densities of molecular hydr ogen in the upper Jlevels, averaged over the SWS
beam,

�

�

�

�

, using
�

�

�

�

�

�

�����

���

�

�

�

� , with
�

the wavelength, � Planck's constant and �

the speedof light. The transition probabilities � were taken from Turner et al. (1977).
Line �uxes were corrected for extinction using the average interstellar extinction law
by Fluks et al. (1994)using the values compiled in Table 10.1.

A useful representationof the H � data is then to plot the log of
�

�
� �

� & , the apparent
column density for a given J upper level divided by the statistical weight, versus the
energy of the upper level. The resulting excitation diagrams are shown in Fig. 10.2.
For a Boltzmann distribution, the points in Fig. 10.2should form a nearly straight line.
The slope of this line is inversely proportional to the excitation temperature, while the
intercept is a measure of the total column density of warm gas.Sincethe � coef�cients
for the H � lines are quite small, these lines are optically thin and, becausethe critical
densities are low, the excitation temperature will be closeto the kinetic temperature of
the gas.

The statistical weight � is a combination of the rotational and nuclear spin com-
ponents. For this, we have assumed the high temperature equilibrium relative abun-
dancesof 3:1for the ortho and para forms of H � (Burton et al. 1992a).From Fig. 10.2it
is apparent that for most sources,the H � points below 5000K do indeed form a straight
line in the excitation diagram. The fact that the points for ortho and para H � lie on the
sameline proves that our assumption on their relative abundancesis correct.

Using the formula by Parmar et al. (1991)and the rotational constantsby Dabrowski
(1984),we have �tted Boltzmann distributions to the low-lying pure rotational lines.
For a number of sources, the pure rotational lines at the higher energy levels can be
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Table 10.3.Observed and extinction-corrected line �uxes (in 10 �

��

W m �

�

).

Line

�

Beam AFGL 490 IRAS03260+3111 L1489IRS L1551-IRS5 IRAS12496 � 7650

[ �m] [10 �

�

sr] Obs. Ext. corr. Obs. Ext. Corr. Obs. Ext. Corr. Obs. Ext. Corr. Obs. Ext. Corr.

H � 0–0S(0) 28.2188 1.64 	 39.9 	 40.3 	 5.65 	 5.71 	 5.59 	 5.64 	 20.6 	 20.8 	 7.89 	 7.97
H � 0–0S(1) 17.0348 1.15

	

16.9

	

17.2 16.6




3.6 16.9




3.6

	

1.07

	

1.09

	

1.94
	

1.97 1.11




0.36 1.13




0.37
H � 0–0S(2) 12.2786 1.15 	 52.3 	 53.5 33.0




9.4 33.7




9.7 	 21.1 	 21.7 	 16.2 	 16.6 	 20.1 	 20.5
H � 0–0S(3) 9.6649 0.85 3.77




1.24 3.99




1.32 21.7




5.5 22.9




5.8

	

2.03

	

2.15

	

1.97

	

2.08 2.51




0.83 2.70




0.89
H � 0–0S(4) 8.0251 0.85 	 15.9 	 16.2 10.2




2.7 10.4




2.8 	 2.81 	 2.87 	 3.04 	 3.10 	 2.96 	 3.02
H � 0–0S(5) 6.9095 0.85 9.62




2.43 9.72




2.45 20.1




3.8 20.4




3.8 	 2.75 	 2.78 	 2.77 	 2.80 	 4.96 	 5.01
H � 0–0S(6) 6.1086 0.85 	 23.0 	 23.2 	 50.2 	 50.8 – – – – 	 12.0 	 12.1
H � 0–0S(7) 5.5112 0.85 	 30.7 	 31.1 	 17.3 	 17.6 	 13.5 	 13.7 	 10.0 	 10.1 	 13.0 	 13.2
H � 0–0S(8) 5.0531 0.85 – – 	 7.70 	 7.82 – – – – – –
H � 0–0S(9) 4.6946 0.85 	 27.8 	 28.2 	 8.67 	 8.82 – – – – 	 59.4 	 60.5
H � 0–0S(10) 4.4099 0.85 	 9.50 	 9.69 	 5.07 	 5.16 – – – – 	 12.8 	 13.1
H � 0–0S(11) 4.1813 0.85 	 10.7 	 10.9 	 11.0 	 11.2 – – – – 	 7.56 	 7.72

�

FeI] (

�


��

–

�


��

) 24.0424 1.15 	 24.2 	 24.6 	 5.06 	 5.13 – – – – 	 1.47 	 1.49

�

FeI] (

�


��

–

�




� ) 34.7135 2.01

	

7.25

	

7.30

	

12.4

	

12.5

	

5.72

	

5.76

	

7.22

	

7.27

	

4.58

	

4.62

�

FeI I] (

�

���

�

� –

�

���

�

� ) 17.9363 1.15 	 3.44 	 3.51 	 2.36 	 2.41 – – – – 0.62




0.20 0.63




0.21

�

FeI I] (

�




�

�

� –

�




�

�

� ) 25.9882 1.15

	

24.3

	

24.6

	

3.31
	

3.35 – – – – 0.75




0.25 0.76




0.25

�

FeI I] (

�




�

�

� –

�




�

�

� ) 35.3491 2.01 	 7.63 	 7.69 	 7.30 	 7.35 – – – – 	 5.15 	 5.18

�

SI] (

�

�

� –

�

���

) 25.2490 1.15

	

9.91

	

10.0

	

6.97

	

7.06

	

2.05

	

2.08

	

8.26

	

8.37

	

2.56

	

2.59

�

Si I I] (

�

���

�

� –

�

�

�

�

� ) 34.8152 2.01 5.64




1.86 5.68




1.87 27.2



9.0 27.4




9.1 	 7.20 	 7.26 20.1




6.6 20.3




6.7 5.37




1.77 5.41




1.79

�

O I] (

�

�

� –

�

�
� ) 63.1850 16.3 222.0




15.5 222.7




15.6 1083



76 1086




76 – – 111.2




7.8 111.6




7.8 43.0




3.0 43.1




3.0

�

O I] (

�

���

–

�

���

) 145.535 8.82 26.9




4.6 26.9




4.6 190.8




13.4 190.9




13.4 – – 	 18.7 	 18.7 3.10




0.80 3.10




0.80

�

C I I] (

�

���

�

� –

�

�

�

�

� ) 157.741 11.6 62.1




5.5 62.2




5.5 323.1




22.6 323.2




22.6 – – 	 19.1 	 19.1 4.00




1.00 4.01




1.00

UIR (C–C stretch) 6.22 0.85 – – 1327




99 1359




102 – – – – – –
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Table 10.3.(Continued)

Line

�

Beam GGD27-ILL LkH � 225 S106IRS4 AFGL 2591 Cep A East

[ �m] [10 �

�

sr] Obs. Ext. corr. Obs. Ext. Corr. Obs. Ext. Corr. Obs. Ext. Corr. Obs. Ext. Corr.

H � 0–0S(0) 28.2188 1.64

�

12.1

�

12.3

�

13.8

�

14.3

�

15.8

�

16.7

�

124.2
�

125.5

�

36.2

�

36.9
H � 0–0S(1) 17.0348 1.15 5.57

�

1.84 5.68

�

1.87 7.76

�

2.56 8.23

�

2.72 5.76

�

1.75 7.54

�

2.29 17.9

�

4.7 18.3

�

4.8 2.73

�

0.90 2.84

�

0.94
H � 0–0S(2) 12.2786 1.15

�

41.5

�

42.5 21.8

�

7.2 23.3

�

7.7 11.8

�

4.9 16.1

�

6.6

�

189.9

�

194.3 12.7

�

4.2 13.3

�

4.4
H � 0–0S(3) 9.6649 0.85 5.63

�

1.86 5.95

�

1.96 28.0

�

7.3 33.1

�

8.7 11.9

�

3.9 25.5

�

8.4 13.5
�

3.7 14.3

�

3.9 9.02

�

2.98 10.1

�

3.3
H � 0–0S(4) 8.0251 0.85 3.35

�

1.10 3.41

�

1.13 17.1

�

4.6 18.1

�

4.8 8.16

�

2.69 10.5

�

3.5
�

106.3

�

108.3 13.3

�

3.3 13.8

�

3.4
H � 0–0S(5) 6.9095 0.85 10.6

�

2.2 10.7

�

2.2 40.3

�

6.3 41.6

�

6.5 14.7

�

4.8 16.9

�

5.6 � 117.4 � 118.7 24.2

�

4.3 24.7

�

4.3
H � 0–0S(6) 6.1086 0.85 � 6.98 � 7.06 � 25.6 � 26.5 � 16.0 � 18.9 � 214.6 � 217.2 8.41

�

2.78 8.62

�

2.84
H � 0–0S(7) 5.5112 0.85 � 50.2 � 50.9 35.1

�

7.9 36.6

�

8.2 9.36

�

3.09 11.3
�

3.7 � 157.5 � 159.6 24.8

�

6.2 25.5

�

6.3
H � 0–0S(8) 5.0531 0.85 � 9.86 � 10.0 8.14

�

2.69 8.53

�

2.81 � 2.95 � 3.64 � 64.4 � 65.4 4.61

�

1.25 4.75

�

1.29
H � 0–0S(9) 4.6946 0.85 � 10.9 � 11.0 30.4

�

10.0 32.0

�

10.6 � 5.75 � 7.28 � 783.4 � 797.1 � 11.7 � 12.1
H � 0–0S(10) 4.4099 0.85 � 25.1 � 25.6 � 6.33 � 6.70 � 4.81 � 6.23 � 32.5 � 33.1 9.79

�

3.23 10.2

�

3.35
H � 0–0S(11) 4.1813 0.85 � 44.4 � 45.3 6.72

�

2.22 7.15

�

2.36 � 7.75 � 10.3 � 30.7 � 31.3 � 6.41 � 6.68

�

FeI] (

	


��

–

	


�


) 24.0424 1.15 � 53.3 � 54.0 � 5.80 � 6.05 � 10.1 � 12.2 � 45.9 � 46.5 � 11.9 � 12.3

�

FeI] (

	


�


–

	




� ) 34.7135 2.01 � 5.38 � 5.42 � 14.5 � 14.8 � 59.9 � 67.3 � 33.9 � 34.2 � 47.4 � 48.1

�

FeI I] (

�

���

�

� –

�

���

�

� ) 17.9363 1.15

�

19.0

�

19.4

�

1.64

�

1.74 8.94

�

2.63 11.9

�

3.5

�

6.15

�

6.28 2.39

�

0.65 2.49

�

0.67

�

FeI I] (

�




�

�

� –

�




�

�

� ) 25.9882 1.15 � 1.84 � 1.86 3.33

�

1.10 3.45
�

1.14 52.7

�

11.0 62.0

�

12.9 � 62.1 � 62.8 6.42

�

2.08 6.58

�

2.13

�

FeI I] (

�




�

�

� –

�




	

�

� ) 35.3491 2.01

�

12.7

�

12.8

�

9.22
�

9.43 49.4

�

16.3 54.6

�

18.0

�

39.4

�

39.7

�

40.1

�

40.7

�

SI] (




�

� –




���

) 25.2490 1.15 � 3.35 � 3.39 5.75

�

1.63 5.97

�

1.69 � 29.6 � 35.2 � 59.8 � 60.6 7.02

�

2.10 7.20

�

2.15

�

Si I I] (

�

���

�

� –

�

�




�

� ) 34.8152 2.01 23.1

�

7.6 23.3

�

7.7 30.5

�

10.1 31.2

�

10.3 1523

�

251 1687

�

279 95.2

�

31.4 95.9

�

31.7 58.6

�

4.1 59.4

�

4.2

�

O I] (




�

� –




���

) 63.1850 16.3 945.7

�

66.2 948.5

�

66.4 659.7
�

47.8 665.5

�

48.3 11253

�

1138 11717

�

1185 782.5

�

54.8 784.8

�

54.9 5348

�

298 5380

�

299

�

O I] (




�
� –




���

) 145.535 8.82 189.5

�

17.8 189.6

�

17.8 � 94.8 � 95.0 2888

�

290 2912

�

292 225.7

�

25.0 225.8

�

25.0 � 284.4 � 285.0

�

C I I] (

�

�
�

�

� –

�

�




�

� ) 157.741 11.6 294.6

�

20.6 294.8

�

20.6 625.4

�

46.3 626.3

�

46.4 1572

�

159 1583

�

160 395.3

�

27.7 395.5

�

27.7 2245

�

232 2247

�

232

UIR (C–C stretch) 6.22 0.85 774

�

58 792

�

59 � 307 � 317 2214

�

166 2267

�

170 – – � 253 � 259
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Table 10.3.(Continued)

Line

�

Beam Elias3–1 T Tau HD 97048 HD 97300 HR 5999

[ �m] [10 �

�

sr] Obs. Ext. corr. Obs. Ext. Corr. Obs. Ext. Corr. Obs. Ext. Corr. Obs. Ext. Corr.

H � 0–0S(0) 28.2188 1.64

�

4.72

�

5.12

�

4.67

�

4.74

�

5.83

�

5.91

�

2.33

�

2.37

�

4.97

�

5.00
H � 0–0S(1) 17.0348 1.15 � 4.10 � 4.78 1.80

�

0.59 1.85

�

0.61 � 2.07 � 2.12 – – � 1.50 � 1.52
H � 0–0S(2) 12.2786 1.15

�

19.9

�

23.7

�

9.68

�

9.99

�

5.40

�

5.56 – –

�

20.0

�

20.2
H � 0–0S(3) 9.6649 0.85 � 2.29 � 3.54 6.81

�

1.95 7.36

�

2.10 � 1.83 � 1.97 � 3.06 � 3.29 � 0.59 � 0.61
H � 0–0S(4) 8.0251 0.85

�

3.44

�

3.97 3.17

�

1.05 3.25

�

1.07

�

2.20

�

2.25
�

2.15

�

2.20

�

4.22

�

4.25
H � 0–0S(5) 6.9095 0.85 � 6.26 � 6.79 13.6

�

2.6 13.8

�

2.7 � 6.17 � 6.25 � 5.91 � 5.99 � 4.60 � 4.63
H � 0–0S(6) 6.1086 0.85 � 9.12 � 10.0 � 8.07 � 8.21 � 10.2 � 10.3 � 9.19 � 9.34 � 10.6 � 10.7
H � 0–0S(7) 5.5112 0.85 � 9.66 � 10.7 11.0

�

2.6 11.2

�

2.7 � 9.28 � 9.45 � 15.7 � 16.0 � 16.2 � 16.3
H � 0–0S(8) 5.0531 0.85 – – � 4.52 � 4.62 � 4.53 � 4.62 – – � 12.2 � 12.3
H � 0–0S(9) 4.6946 0.85 – – 2.87

�

0.95 2.94

�

0.97 � 5.47 � 5.59 – – � 15.4 � 15.5
H � 0–0S(10) 4.4099 0.85 � 5.66 � 6.56 � 3.13 � 3.21 � 4.99 � 5.11 � 7.06 � 7.24 � 10.7 � 10.8
H � 0–0S(11) 4.1813 0.85 � 9.10 � 10.7 � 4.67 � 4.81 � 5.25 � 5.39 � 9.07 � 9.33 � 5.07 � 5.13

�

FeI] (

�

	�


–

�

	��

) 24.0424 1.15 � 2.13 � 2.37 � 1.83 � 1.87 � 3.02 � 3.07 � 1.52 � 1.54 � 0.89 � 0.90

�

FeI] (

�

	��

–

�

	

� ) 34.7135 2.01 � 4.70 � 4.98 � 1.04 � 1.05 � 3.45 � 3.48 � 2.32 � 2.35 � 5.85 � 5.87

�

FeI I] (





��

�

� –





��

�

� ) 17.9363 1.15 – – 0.52

�

0.17 0.53

�

0.18

�

1.85

�

1.90 – –

�

1.43

�

1.44

�

FeI I] (

�

	

�

�

� –

�

	

�

�

� ) 25.9882 1.15 � 2.29 � 2.51 1.85

�

0.61 1.88
�

0.62 � 2.86 � 2.90 � 1.41 � 1.43 � 1.26 � 1.27

�

FeI I] (

�

	

�

�

� –

�

	

�

�

� ) 35.3491 2.01

�

3.86

�

4.08 4.23

�

1.40 4.28
�

1.41

�

4.98

�

5.03 – –

�

6.98

�

7.00

�

SI] (

�

�

� –

�

���

) 25.2490 1.15 � 2.59 � 2.86 4.09

�

1.28 4.16

�

1.30 � 1.80 � 1.83 � 0.70 � 0.71 � 1.24 � 1.25

�

Si I I] (

�

���

�

� –

�

�

�

�

� ) 34.8152 2.01

�

6.32

�

6.70 12.6

�

4.2 12.7

�

4.2

�

3.80

�

3.84

�

2.24

�

2.26

�

2.63

�

2.64

�

O I] (

�

�

� –

�

���

) 63.1850 16.3 – – 234.8
�

23.5 235.8

�

23.6 19.0

�

3.0 19.1

�

3.0 – – – –

�

O I] (

�

���

–

�

���

) 145.535 8.82 – – � 14.9 � 14.9 – – – – – –

�

C I I] (

�

�
�

�

� –

�

�

�

�

� ) 157.741 11.6 – – 10.3

�

1.9 10.3

�

1.9 7.01

�

1.04 7.02

�

1.04 – – – –

UIR (C–C stretch) 6.22 0.85 – – � 161 � 164 440

�

33 446

�

34 – – � 293 � 294
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Table 10.3.(Continued)

Line

�

Beam R CrA T CrA WW Vul BD+40

�

4124 LkH � 224 HD 200775

[ �m] [10 �

�

sr] Obs. Ext. corr. Obs. Ext. Corr. Obs. Ext. Corr. Obs. Ext. Corr. Obs. Ext. Corr. Obs. Ext. Corr.

H � 0–0S(0) 28.2188 1.64

�

11.4

�

11.7

�

6.04

�

6.14

�

1.78

�

1.80

�

6.60

�

6.81

�

9.51
�

9.81

�

6.04

�

6.17
H � 0–0S(1) 17.0348 1.15 � 10.7 � 11.2 3.96

�

1.31 4.09

�

1.35 � 0.75 � 0.77 5.37

�

1.77 5.69

�

1.88 10.1
�

3.3 10.7

�

3.5 � 3.24 � 3.37
H � 0–0S(2) 12.2786 1.15

�

46.0

�

48.3 5.58

�

1.68 5.80

�

1.74

�

9.84

�

10.1 7.12

�

2.35 7.62

�

2.51 12.7
�

4.2 13.6

�

4.5

�

5.32

�

5.56
H � 0–0S(3) 9.6649 0.85 � 6.40 � 7.25 � 2.09 � 2.29 � 0.95 � 1.01 7.74

�

2.36 9.15

�

2.79 9.81
�

3.12 11.6

�

3.7 � 2.13 � 2.37
H � 0–0S(4) 8.0251 0.85

�

20.3

�

21.2

�

3.14

�

3.23

�

4.34

�

4.42 1.02

�

0.34 1.08

�

0.36 6.89

�

2.27 7.28

�

2.40

�

2.75

�

2.85
H � 0–0S(5) 6.9095 0.85 � 28.9 � 29.6 � 4.04 � 4.11 � 1.65 � 1.67 2.45

�

0.81 2.53

�

0.83 11.7

�

2.5 12.1

�

2.6 � 5.22 � 5.33
H � 0–0S(6) 6.1086 0.85 � 19.5 � 20.0 � 20.1 � 20.5 � 5.05 � 5.11 � 7.96 � 8.25 � 6.26 � 6.49 � 7.65 � 7.83
H � 0–0S(7) 5.5112 0.85 � 25.9 � 26.7 � 10.7 � 10.9 � 14.7 � 14.9 � 8.10 � 8.44 � 13.0 � 13.5 � 12.2 � 12.6
H � 0–0S(8) 5.0531 0.85 � 12.3 � 12.7 � 6.76 � 6.93 � 15.7 � 16.0 � 18.3 � 19.2 � 35.5 � 37.2 � 7.06 � 7.27
H � 0–0S(9) 4.6946 0.85 � 17.6 � 18.3 � 4.86 � 5.00 � 15.5 � 15.8 � 11.6 � 12.2 � 25.5 � 26.9 � 17.3 � 17.9
H � 0–0S(10) 4.4099 0.85 � 35.2 � 36.8 � 6.10 � 6.29 � 7.37 � 7.50 � 4.17 � 4.41 � 4.15 � 4.40 � 10.3 � 10.7
H � 0–0S(11) 4.1813 0.85 � 30.0 � 31.5 � 6.70 � 6.93 � 10.5 � 10.7 � 7.37 � 7.85 � 10.8 � 11.5 � 18.4 � 19.2

	

FeI] (




�
�

–




�
�

) 24.0424 1.15 � 5.02 � 5.18 � 0.68 � 0.69 � 1.26 � 1.28 � 1.72 � 1.79 � 1.46 � 1.53 � 2.05 � 2.10

	

FeI] (




�
�

–




�

� ) 34.7135 2.01 � 8.35 � 8.49 � 4.14 � 4.19 � 3.90 � 3.93 � 4.00 � 4.09 � 4.86 � 4.97 � 3.89 � 3.94

	

FeI I] (

�

���

�

� –

�

���

�

� ) 17.9363 1.15

�

3.96

�

4.15

�

0.89

�

0.92

�

0.85
�

0.86

�

0.97

�

1.03

�

1.86

�

1.98

�

1.10

�

1.15

	

FeI I] (

�

�

�

�

� –

�

�

�

�

� ) 25.9882 1.15 1.33

�

0.44 1.36

�

0.45 � 1.14 � 1.17 � 1.10 � 1.12 0.69

�

0.23 0.71

�

0.23 � 2.23 � 2.31 � 1.89 � 1.93

	

FeI I] (

�

�

�

�

� –

�

�




�

� ) 35.3491 2.01

�

4.76

�

4.84

�

4.07

�

4.12
�

4.19

�

4.22

�

4.40

�

4.50

�

7.70

�

7.86

�

3.81

�

3.87

	

SI] (

�

�

� –

�

�
�

) 25.2490 1.15 6.78

�

2.05 6.97

�

2.10 � 0.82 � 0.84 � 0.65 � 0.65 � 1.37 � 1.42 1.60

�

0.52 1.66

�

0.54 � 1.26 � 1.29

	

Si I I] (

�

���

�

� –

�

�

�

�

� ) 34.8152 2.01 9.38

�

3.09 9.54

�

3.15

�

3.63

�

3.67

�

2.92

�

2.94 23.2

�

7.7 23.7

�

7.8 24.2

�

8.0 24.8

�

8.2 19.0

�

6.3 19.3

�

6.4

	

O I] (

�

�

� –

�

�
�

) 63.1850 16.3 681.4

�

47.6 684.9

�

47.9 – – – – 703.6

�

49.5 709.9

�

49.9 – – 714.4

�

72.8 718.5

�

73.2

	

O I] (

�

�
�

–

�

�
�

) 145.535 8.82 � 40.0 � 40.1 – – – – 41.5

�

4.0 41.6

�

4.0 – – 297.4

�

29.8 297.7

�

29.8

	

C I I] (

�

���

�

� –

�

�

�

�

� ) 157.741 11.6 35.7

�

5.5 35.8

�

5.5 – – – – 517.5

�

36.4 518.3

�

36.4 – – 329.6

�

33.1 330.0

�

33.1

UIR (C–C stretch) 6.22 0.85 � 270 � 277 � 106 � 108 � 192 � 194 260

�

20 269

�

20 � 135 � 140 � 132 � 135

169



C
H

A
P

T
E

R
10.

P
D

R
S

A
N

D
S

H
O

C
K

S
IN

S
TA

R
F

O
R

M
IN

G
R

E
G

IO
N

S

Table 10.4.Observed (Obs.) and extinction corrected (EC) data for shocksand PDRsfrom literatur e. Numbers in brackets indicate
the errors in the last digits.

Orion BN/KL IC 443 RCW 103

Line Obs. EC Beam Ref. Obs. EC Beam Ref. Obs. EC Beam Ref.
[10 �

�

erg s �

�

cm �

�

sr �

�

] [10 �

�

sr] [10 �

�

erg s �

�

cm �

�

sr �

�

] [10 �

�

sr] [10 �

�

erg s �

�

cm �

�

sr �

�

] [10 �

�

sr]

H � 0–0S(1)17.03 �m 3.3(6) 4.0(7) 0.01 (1) 0.11(3) 0.12(3) 1.15 (13)
H � 1–0S(1)2.122 �m 8.4(8) 18.0(17) 0.06 (2) 0.637(2) 1.172(3) 0.05 (7) 0.386(12) 0.544(17) 0.11 (14)
H � 2–1S(1)2.248 �m 0.85(10) 1.67(20) 0.06 (2) 0.0547(5) 0.0937(9) 0.05 (7) 0.047(10) 0.064(14) 0.11 (14)

�

SI] 25.25 �m 3.9(6) 4.4(7) 2.45 (3) � 0.01 � 0.01 1.15 (13)

�

Si I I] 34.82 �m 6.1(6) 6.6(6) 3.27 (3) 0.26(3) 0.27(4) 2.01 (8) 1.4(2) 1.4(2) 2.01 (13)

�

O I] 63.18 �m 56(20) 58(21) 2.15 (4) 2.26(19) 2.31(19) 2.51 (9) 0.44(5) 0.44(5) 15.3 (13)

�

O I] 145.5 �m 0.037(8) 0.037(8) 15.3 (13)

�

C I I] 157.7 �m 3.9(5) 3.9(5) 7.24 (5) 0.39(8) 0.39(8) 2.61 (10) 0.54(6) 0.54(6) 15.3 (13)

�
	

[

�

] 10.0 (1) 8.0 (11) 4.5 (14)

�

[pc] 430 (6) 1500 (12) 6600 (15)

Orion Bar NGC 2023 S140

Line Obs. EC Beam Ref. Obs. EC Beam Ref. Obs. EC Beam Ref.
[10 �

�

erg s �

�

cm �

�

sr �

�

] [10 �

�

sr] [10 �

�

erg s �

�

cm �

�

sr �

�

] [10 �

�

sr] [10 �

�

erg s �

�

cm �

�

sr �

�

] [10 �

�

sr]

H � 0–0S(1)17.03 �m 0.110(5) 0.121(6) 0.06 (16) 0.020(6) 0.022(6) 1.15 (24)
H � 1–0S(1)2.122 �m 0.078(13) 0.114(19) 0.15 (17) 0.060(2) 0.067(2) 0.92 (21) 0.16(2) 0.22(3) 0.03 (25)
H � 2–1S(1)2.248 �m 0.008(4) 0.011(6) 0.15 (18) 0.016(2) 0.018(2) 0.92 (21)

�

SI] 25.25 �m

�

0.13

�

0.14 2.45 (10)

�

Si I I] 34.82 �m 9.0(5) 9.3(5) 5.51 (19) 0.20(11) 0.20(11) 3.10 (22) 0.030(9) 0.032(9) 2.01 (24)

�

O I] 63.18 �m 54(5) 55(5) 2.15 (5) 3.62(10) 3.63(10) 2.61 (22) 0.33(10) 0.33(10) 15.3 (26)

�

O I] 145.5 �m 4.2(5) 4.2(5) 6.72 (5) 0.23(4) 0.23(4) 4.42 (22)

�

C I I] 157.7 �m 3.4(5) 3.4(5) 7.24 (5) 0.68(4) 0.68(4) 4.22 (22) 0.35(11) 0.35(11) 15.3 (26)

�
	

[

�

] 5.0 (20) 1.4 (23) 4.0 (24)

�

[pc] 430 (6) 475 (23) 910 (27)

Referencesto Table 10.4: (1) Parmar et al. (1994);(2) Brand et al. (1988);(3) Haas et al. (1991);(4) Crawfor d et al. (1986);(5) Staceyet al. (1993);(6) Warren & Hesser (1978);(7)
Richter et al. (1995a);(8) Oliva et al. (1999a);(9) Burton et al. (1990b);(10) Haas (1997);(11) van Dishoeck et al. (1993);(12) Burton et al. (1988);(13) Oliva et al. (1999b);(14) Oliva
et al. (1990);(15) Leibowitz & Danziger (1983);(16) Parmar et al. (1991);(17) Burton et al. (1990a);(18) Hayashi et al. (1985);(19) Haas et al. (1986);(20) Assumed; (21) Hasegawa
et al. (1987);(22)Steiman-Cameron et al. (1997);(23) Jaffe et al. (1990);(24) Timmermann et al. (1996).(25)Carr (1990);(26) Emery et al. (1996);(27) Crampton & Fisher (1974).
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10.4. MOLECULAR HYDROGEN EMISSION

seento deviate strongly from this �t. In thesecases,we have attempted to characterize
this behaviour by �tting a second Boltzmann distribution to the higher energy level
populations. The resulting excitation temperatures and derived column and mass of
molecular hydr ogen are listed in Table 10.5.

In Fig. 10.2 we also show similar plots for six regions which have been quoted
in literatur e as prime examples of shock- and PDR emission, peak 1 of the shocked
H � emission in the Orion BN/KL region (Hasegawa et al. 1987; Brand et al. 1988;
Parmar et al. 1994),the shock in the old supernova remnant IC 443(Burton et al. 1989;
Richter et al. 1995a,1995b;Oliva et al. 1999a),the X-ray irradiated shock in the young
supernova remnant RCW 103 (Oliva et al. 1990,1999b),the Orion bar PDR (Burton
et al. 1990a;Parmar et al. 1991;Marconi et al. 1998),the NGC 2023PDR (Hasegawa
et al. 1987; Burton et al. 1992b; Steiman-Cameron et al. 1997) and the PDR S140
(Timmermann et al. 1996). The ground-based observations of these regions reveal
spatial structure in the derived temperature on a scalewhich is small compared to the
ISO SWSbeam. Basicparameters for theseregions are listed in Table 10.4. As can be
seenfrom Fig. 10.2,the excitation diagrams of thesetemplate regions show in general
the warm and hot component also visible in some of our ISO sources. The results of
the Boltzmann distribution �ts are again given in Table 10.5.

Employing predictions of H � emission from PDR, J-shockand C-shock models by
Burton et al. (1992a),Hollenbach & McKee (1989)and Kaufman & Neufeld (1996),we
determined the excitation temperature �

�

�

� from the low-lying (from S(1)to S(5))pure
rotational levels from thesemodels asa function of density � and either incident FUV
�ux

�

(in units of the averageinterstellar FUV �eld G � = 1.2 � 10�

�

erg cm �

� s�

�

sr �

�

;
Habing 1968)or shock velocity �

�

in an identical way as was done for the observa-
tions. For PDRs,the total infrar ed �ux

�

���

is expectedto be dir ectly correlated to
�

by
the relation

�

= 0.5
�

���

�

�

� , with
�

the spatial extent of the PDR. We have computed
�

���

for all our sourcesby the sameprocedure as was used to compute the bolometric
luminosity in Sect.10.2,but in this caseonly use the excessabove the reddened Ku-
rucz model to integrate

� �

. From thesevalues of
�

���

we then computed
�

, assuming a
beam�lling factor of one. The resulting

�

-values, listed in Table10.6,wereused to plot
our observations dir ectly in the parameter spaceof the PDR models (Fig. 10.3). Note
that if the extent of the PDR is smaller than the beam size, as might be expected for
somesources,our data points in Fig. 10.4may be shifted along the dir ection indicated
by the arrows. However, for PDRsthe resulting �

�

�

� does not depend much on
�

(c.f.
Fig. 7.8),so this doesnot intr oduce an additional uncertainty in our analysis.

For the shocks such a dir ect comparison between theory and observation is more
cumbersome. Wehave decided to plot the resultsof the �

�

�

� �ts from the J-and C-shock
models versus the total �ux observed in all lines (Fig. 10.3). Since[O I] 63.2 � m, [C I I]
157.7 � m and [Si I I] 34.8 � m are expected to be the dominant coolants in the lines we
study here, we only plot this quantity in sources where these three lines were mea-
sured. It is also given in Table 10.6. For shockswith velocities in excessof 20 km s �

�

,
Ly � is also an important coolant, which we have neglected here. The total luminosity
of the cooling in a shock is proportional to � �

�
� , so for the shocksplotted in Fig. 10.3the

ordinate will no longer dir ectly correspond to a single parameter in the models, and
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CHAPTER 10. PDRSAND SHOCKSIN STAR FORMING REGIONS

Fig. 10.2. H � excitation diagrams for programme and comparison stars. Shown are
apparent columns of H � in the pure-rotational (0–0)transitions (�lled dots), 1–0tran-
sitions (open squares), 2–1 transitions (�lled triangles), 2–0 transitions (open stars),
3–2transitions (open triangles), 3–0transitions (�lled squares),4–3transitions (open
diamonds), and 4–1transitions (open crosses).Observational errors are smaller than
the size of the plot symbol. The Boltzmann distribution �ts are plotted as dashed
lines. The solid lines show the sum of both thermal components for eachsource.
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10.4. MOLECULAR HYDROGEN EMISSION

Table 10.5.Resultsof H � Boltzmann distribution �ts.

Object � �

�

�

�

�

�

�

���

�

�

�

�

�

�

�

(H � )

[K] [cm
�

� ] [K] [cm
�

� ] [M � ]

AFGL 490 1400 1.9 	 10
� �

– – 2 	 10
�

�

IRAS 03260+3111 600 1.2 	 10��� – – 2 	 10
�

�

IRAS 12496� 7650 540 9.1 	 10
� �

– – 5 	 10
�

�

GGD 27-ILL 650 4.2 	 10
�

� – – 1 	 10
�

�

LkH � 225 720 6.7 	 10
�

� 2200 1.7 	 10
� �

8 	 10
�

�

S106IRS4 560 8.7 	 10
�

� 3800 3.6 	 10
���

8 	 10
�

�

AFGL 2591 390 2.2 	 10��� – – 2 	 10
�

�

Cep A East 730 5.0 	 10
�

� 5200 3.0 	 10
���

3 	 10
�

�

T Tau 440 1.5 	 10
�

� 1500 2.1 	 10
� �

4 	 10
�
�

T CrA 770 2.7 	 10
�

� – – 1 	 10
�

�

BD+40
�

4124 490 4.8 	 10
�

� – – 5 	 10
�

�

LkH � 224 610 7.0 	 10
�

� – – 8 	 10
�

�

Orion BN/KL 390 6.1 	 10�

�

3300 1.7 	 10
�

� 2 	 10
�

�

IC 443 400� 1.0 	 10� � 3400 1.4 	 10
� �

2 	 10
�

�

RCW 103 400� 1.6 	 10��� 3600 5.5 	 10
���

9 	 10
�

�

Orion Bar 450 1.3 	 10�

�

4500 9.1 	 10
� �

2 	 10
�

�

NGC 2023 – – 5900 6.0 	 10
� �

8 	 10
�

�

S140 480 1.9 	 10��� 8700 1.4 	 10
���

2 	 10
�

�

� Assumed temperature.

instead of the simple lines for the PDRs,we get a grid of models with dif ferent shock
parameters. We are also left with the additional uncertainty that the shock will likely
not �ll the entire beam, so our data points must be shifted along a vector indicated in
the �gur esto take this into account.

Comparing the excitation temperature of the template sources listed in Table 10.5
with the onesplotted in Fig. 10.2,we note that for the relatively clean PDRsS140and
the Orion Bar, the derived excitation temperature falls within the range predicted by
PDR models. Although the Tielens & Hollenbach (1985)models do not predict a de-
tailed ro-vibrational H � spectrum, competing PDR models (e.g. Black & van Dishoeck
1987;Draine & Bertoldi 1996)also show the same hot component which we observe
in thesePDR template sources. This hot PDR may re�ect the combined effects of UV-
pumped infrar ed �uor escenceand the presenceof a very warm, but thin, surfacelayer.

The only shock template source for which we were able to derive a reliable �
�

�

� ,
Orion BN/KL peak 1,agreeswell with the value expectedfor a J-shock.Note however
that all threeof our template shocksourcesalsoshow evidencefor a hot H � component,
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CHAPTER 10. PDRSAND SHOCKSIN STAR FORMING REGIONS

Fig. 10.3. Comparison of observed H � rotational temperatures to theoretical rela-
tion between continuum �uxes and � �

�

� (PDR models) or summed intensity in all
observed lines and � �

�

� (shocks). Sourceswhich show PAH emission are plotted as
squares. Plot symbols are �lled for ClassI sources.The arrows show the dir ection of
beam dilution.
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10.5. FINE STRUCTURELINES

which is not predicted by J-shockmodels. This probably means that even in these
relatively clean template cases,we do not observe a single J-shock,but a combination
of one or more J-and C-shocks. Possibly this re�ects the presenceof shocked clumps
of gas where the J-shockcorresponds to the region around the point of impact while
the C-shock emission originates from oblique shocksfurther away.

The situation for the programme sources is distinctly less clear-cut. Except for
GGD 27-ILL and IRAS 03260+3111,which appear somewhat warmer in pure rotational
H � than predicted by the models, all sources which show PAH emission and might
therefore be expectedto be dominated by PDR emission have excitation temperatures
within the rangepredicted by the PDRmodels. Small dif ferencesbetweenobservations
and the models may re�ect the fact that theseobservations spatially resolve the PDR
while the models refer to integrated (i.e. averaged) values. Of the remaining sources,
only AFGL 2591has an excitation temperature compatible with the J-shockmodels.
All are compatible with excitation temperatures expected for C-shocks. However, in
the next sectionwe will show that the observedatomic �ne-str ucture spectrum in these
sourcesdoes require the presenceof a J-shock.This could either mean that the H � has
a stronger C-shock component than the template sources,or that the J-shockmodels
of Hollenbach & McKee (1989)underestimate the temperature in the post-shock gas,
where the H � emission originates in a J-shock.We will come back to this in the discus-
sion and argue that the latter explanation is more likely .

10.5 Fine structure lines

In order to interpr et our observations as arising in either a PDR, a C-Shock or a J-
shock, we compare our results with the line �uxes predicted by theoretical models
of such regions (Tielens & Hollenbach 1985;Hollenbach & McKee 1989;Kaufman &
Neufeld 1996).Sincethe InfraredSpaceObservatoryoffers the �rst possibility to confront
the infrar ed spectrum predicted by these models with a wide range of astronomical
objects,and the physics behind thesemodels is still not completely understood, there
are signi�cant uncertainties in such a procedure. Therefore we also again compare our
resultswith observations from literatur e of the template sourcescontaining shocksand
PDRs.

In Figs.10.4–10.6we haveplotted the absolute line intensities predicted either against
the

�

-values computed from the infrar ed luminosity (PDRs)or against the sum of all
observed lines �uxes (shocks),computed in the previous section. Note that since the
quantities plotted on both axes of these plots depend on the beam �lling factor, the
points may be expectedto shift along the arrows shown in the plots in casethe PDR or
shock is smaller than the beam size.

By comparing the predicted line �uxes for the PDR, J-shockand C-shock models
with our observations in Figs. 10.4–10.6we can dir ectly draw several interesting con-
clusions. The predicted intensity in the [Fe I] and [S I] lines is orders of magnitudes
higher in the shock models than in the PDR models, becausein the latter nearly all
iron and sulfur will be ionized in the heated surface layer of a PDR. [Fe I] was not de-
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Fig. 10.4. Comparison of observed �ne-str ucture line intensities and continuum �ux
to the PDR models. Sourceswhich show PAH emission are plotted as squares. The
large arrows show the dir ection of beam dilution.
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Fig. 10.5.Comparison of observed�ne-str ucture line intensities to the J-shockmodels.
Sourceswhich show PAH emission are again plotted as squares. The large arrows
show the dir ection of beam dilution.
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Fig. 10.6.Comparison of observed �ne-str ucture line intensities to the C-shock mod-
els. Sourceswith PAH emission are plotted as squares. The large arrows show the
dir ection of beam dilution.
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tected in any sourcewithin our sample. However, [S I] 25.3 � m emission was detected
for sevensources.Comparing the location of theseline �uxes in Fig. 10.4with the PDR
model prediction we seethat the observed [S I] �uxes are too high to be compatible
with a PDR origin, even for PDRs as denseas 10

�

cm �

� . This means that thedetection
of [S I] emissionwith ISO canonly meanthat a shockis present. Also note that the detec-
tion of [S I] and PAHs appear mutually exclusive in our sample (Table10.6),suggesting
that these may be a fast and relatively straightforwar d way to distinguish PDRs and
shocks.

By de�nition, C-shockscannot produce ionized specieslike [Fe I I], [Si I I] and [C I I].
The last speciesmay still be detected in such regions becauseit will also reach ob-
servable strengths in PDRsilluminated by weak FUV �elds (c.f. Fig. 10.4),such as the
dif fuse galactic background emission (

�

� 1). Sincethe [C I I] line �uxes listed in Ta-
ble 10.3are not corrected for background emission, the we cannot draw conclusions
from just the detection of [C I I]. However, the mere detection of [Si I I] or [Fe I I] means
that either a PDR or a J-shockmust be present within the ISO-SWSbeam. For most
sources in which we have detected [Si I I] or [Fe I I] emission, it can be well explained
by either the PDR or the J-shockmodels (Figs. 10.4–10.5).In only one case,S106IRS4,
is the observed [Si I I] 34.8 � line intensity clearly too strong to be explained by either
PDR or J-shockmodels. However, in Chapter 7 we found that the infrar ed spectrum of
this source is dominated by its associatedH I I region, which will also contribute to the
[Si I I] and [Fe I I] lines studied here.

Although both the PDR and the J-shockmodels predict the presenceof observable
amounts of [C I I] emission, the expected line strength in PDRs of moderate to high
density ( � 10� cm �

� ) is more than an order of magnitude higher than in J-shocks.Most
of the sourceswith observed [C I I] 158 � m emission have strengths that are too high to
be explained by the J-shockmodels. For thesesourceswe can therefore immediately
infer that they must bedue to a PDR.For the remainder of the sources,the [C I I] 158 � m
line strength becomescomparable to the one expected for the background, so a dir ect
comparison of those values to J-shockmodels will yield inconclusive results.

Intense [O I] 63.2 � m emission canbeproduced by PDRs,aswell asJ-and C-shocks.
The observed [O I] 63.2 � m intensities are all within the range that can be reproduced
by the models. The [O I] 145.5 � m line can also be produced by the PDR and C-shock
models; the J-shockmodels predict less[O I] 146 � m emission than is observed. Also, in
nearly all the caseswe study here, the PDR or C-shock model parameters found from
the [O I] 63.2and 145.5 � m lines do not agreewith eachother; either the [O I] 63.2 � m
line appearstoo weak, or the [O I] 145.5� m line appearstoo strong. Sucha discrepancy
is not unique to the sources we study here. It has also been observed in spatially
resolved PDRs (Liseau et al. 1999), so it cannot be due to the dif ferent LWS beam
sizesat 63 and 146microns. One possible explanation would be that [O I] 145.5 � m is
blended with the CO � =18–17line. In view of the strength of other CO lines in our LWS
spectra, this line is in general expected to be too weak to dominate the line �ux, and
thus cannot account for the observed anomaly. Another, more promising, explanation
may be that the [O I] 63.2 � m line intensity has been diminished by absorption by
cool foreground material. [O I] 63.2 � m absorption has indeed been found in the line
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Table 10.6.Resultsof �ne-structur e line analysis.
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���

�

���
�

�

PAH

	


� [cm �
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�

] [G � ] [erg cm �

�

s �

�

sr �

�

] H � [FeI] [Fe I I] [SI] [Si I I] [O I] [C I I]

AFGL 490 1.4 � 10 �

� �
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���
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2.9 � 10




�

2.4 � 10 �




���
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�
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���
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�
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�
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� �
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�
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�
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�
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Probably not connectedto optical source.
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of sight towards a few sources (Poglitsch et al. 1996; Kraemer et al. 1998), lending
credenceto the suggestion that this may also be the casein our sources. Note that if
this suggestion is correct, this meansthat the observed [O I] emission in all our sources
must come from either PDRs or C-shocks,since the [O I] 145.5 � m line �uxes are too
high compared to the J-shockmodels.

10.6 Notes on individual objects

AFGL 490(IRAS 03236+5836)is a luminous infrar ed source,powering a strong bipolar
CO out�ow with an extent of � 100

� �

(Lada & Harvey 1981).The central peak in AFGL
490is believed to be an embedded intermediate-mass YSOand the driving source for
the molecular out�ow (Minchin et al. 1991;Haas et al. 1992). Ground-based H � 1–
0 S(1) images (Davis et al. 1998)show several knots of shocked molecular gas in the
AFGL 490out�ow aswell asdif fuse H � emission, suggestinga composite origin for the
emission lines detected with ISO. The temperaturesderived from the H � 0–0S(3)and
S(5) lines can only be explained by a non-dissociative shock. However, the detection
of strong [Si I I] and [O I] emission show that either a PDR or a fast J-shockmust be
presentaswell.

IRAS 03260+3111 was found to be a candidate for a class of objects making the
transition between ClassI and II YSOsby Magnier et al. (1999).Strong PAH-emission
in the SWSspectrum suggests that it has a signi�cant PDR contribution. The lines
detected con�rm this hypothesis: The [Si I I], [O I] and [C I I] are strongly suggestive of
a PDR origin. The temperature of the H � is somewhat higher than that expected for
a PDR, but this may be in�uenced by an apparent discontinuity between the 0–0S(2)
and S(3)lines, where SWSusesaperturesof dif ferent sizes.

L1489IRS (IRAS 04016+2610)is a ClassI source in an extended molecular gascore
in the Taurus star forming region. It powers a low-velocity molecular out�ow adjacent
to the source(Myers et al. 1988;Hogerheijde et al. 1998)and hasbeensuggestedasthe
powering sourceof a more extended molecular out�ow (Terebeyet al. 1989;Moriarty-
Schievenet al. 1992).RecentHST NICMOS images of the source reveal a bright near-
infrar ed nebula crossedby a dark lane, interpr eted as an optically thick disk seenin
silhouette (Padgett et al. 1999). Ground-based images in the H � 1–0 S(1) line reveal
strong H � emission from the HH 360a knot in the molecular out�ow (Gómez et al.
1997).No emission lines were detectedwith ISO,suggesting that the shockedmaterial
in the region is con�ned to thesesmall knots.

L1551 IRS5 (IRAS 04287+1801)is one of the best studied embedded YSOs. The
bipolar molecular out�ow emanating from L1551IRS5was the �rst to be discovered
(Snell et al. 1980),and it remains a text-book example of a ClassI source. It illuminates
the re�ection nebula HH 102,and drives both a strong molecular out�ow aswell asa
highly collimated jet, as traced by a number of Herbig-Har o objectswith high proper
motions (Mundt et al. 1991;Staude & Elsässer1993). Interferometry of L1551IRS5at
mm wavelengths (Keene& Masson 1990)reveals the source to consist of two distinct
components: an envelope with radius � 12

� �

and a compact structure of � 0 �

� �

3, presum-
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ably an accretion disk of a similar sizeasthe solar system. Dif fuse H � 1–0S(1)emission
in the L1551region was observed by Yamashita & Tamura (1992),and later shown to
have a patchy structure by Davis et al. (1995),which may bedue to gaswhich is shock-
heated by the strong wind from IRS5.No compact H � knots similar to those observed
in the surroundings of other YSOswere found in the large-scalesurroundings of L1551
IRS5(Gómez et al. 1997),suggesting the presenceof shockssuf�ciently powerful to de-
stroy the dust required to re-form molecular hydr ogen in post-shock gas. Only [Si I I]
and [O I] emission was detected with ISO. In view of the previous discussion it seems
likely that this will be shock excited.

IRAS 12496
�

7650(DK Cha) is an embedded active young stellar object located in
the Chamaeleon II dark cloud. It is associatedwith a weak molecular out�ow (Knee
1992)and possibly drives a collimated jet (Hughes et al. 1991).It is associatedwith the
Herbig-Har o objectsHH 52–54,someof which arealso included in the ISObeam. If the
H � ortho-/para-ratio in theseobjectsis smaller than the high-temperatur e equilibrium
value of 3, assuggestedby recentISO spectroscopy of HH 54(Neufeld et al. 1998),our
estimateof the H � mass(Table10.5)will be too low. The ISO[O I]/[C I I] ratio suggestsa
strong shock component to be present in the infrar ed emission-line spectrum. In view
of the detected [Fe I I] and [Si I I] emission, this shock must be of J-type.

GGD27 (IRAS 18162
�

2048)is a small re�ection nebula containing six point-like in-
frared sources, interpr eted as a small group of massive YSOs(Yamashita et al. 1987;
Stecklum et al. 1997). The object GGD 27-ILL (Aspin et al. 1991)is the probable illu-
minating source of the nebula and might also power the bipolar out�ow seenin CO
(Yamashita et al. 1995). The emission lines observed with ISO appear dominated by
PDR emission rather than trace a shock driven by the out�ow . The ISO emission-line
spectrum is also indicative of a PDR origin, although the H � temperature falls outside
the range predicted by the PDR models.

LkH � 225(IRAS 20187+4111) is an embedded sourcein the BD+40
�

4124region. The
source was shown to be a triple system oriented north-south by Aspin et al. (1994). It
is associatedwith a H � O maser source and drives a CO out�ow (Palla et al. 1994).
The detection of [S I] emission shows that a shock must be present in the region. In
Chapter 8 we studied the ISO spectra of LkH � 225in more detail and concluded that
the emission line spectrum can be well explained as arising in the combination of a
C-shock produced by a slow ( � 20 km s �

�

) out�ow and a J-shock. In addition to this,
we found absorption due to solid water ice and to gas-phaseH � O, CO and CO � in
the line of sight towards LkH � 225,with unusually high gas/solid ratios. The extreme
[O I]/[C I I] ratio found at the position of LkH � 225suggestthat a PDRmight bepresent
throughout the region aswell.

S106IRS4 (IRAS 20255+3712)is a massive young stellar object believed to be the
powering source for the well-known bipolar nebula S106. Apart from the central
source IRS4(Gehrz et al. 1982),S106also contains an embedded cluster of about 160
stars, as well as an expanding ring of molecular material (Hodapp & Rayner 1991;
Loushin et al. 1990;Staude & Elsässer1993). In Chapter 7 we made a more detailed
study of the ISO SWSand LWS spectra of S106and concluded that the emission line
spectrum could bewell explained asarising from the superposition of an extended H I I
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region with a density of about 10� cm �

� surrounding an O6–8star, and a PDR of much
higher density (10� –10

�

cm �

� ). Sinceit is implausible that such densities would exist
throughout the PDR, the PDR must be clumpy in nature.

AFGL 2591(IRAS 20275+4001)is one of the rare examples of a relatively isolated
massive young star. Located in the obscured Cygnus X region, it is invisible in the
optical, although it is one of the brightest YSOsat infrar ed to submm wavelengths.
It is associatedwith a powerful bipolar molecular out�ow (Lada et al. 1984)and is
surrounded by an envelope of which part might be in free fall collapse onto the star
(van der Tak et al. 1999).Tamura & Yamashita (1992)discovered a bipolar out�ow-like
structure extending over 90

� �

in ro-vibrational H � emission, suggesting a shock origin
for the spectral lines detected with ISO. This would also explain the absenceof PAH
emission. The [O I]/[C I I] �ux ratio is more suggestive of a PDR origin, though.

Cep A East (IRAS 22543+6145)is the eastern lobe of an energetic, complex molec-
ular out�ow (Bally & Lane 1982),believed to be powered by the deeply embedded
source HW-2 only visible at radio wavelengths (Hughes & Wouterloot 1984). Cep A
East is the site of a fast jet, as well as a number of Herbig-Har o like objects,whereas
the western lobe of the Cep A out�ow contains a number of distinct shells (Hartigan et
al. 1996;Goetz et al. 1998). ISO SWSobservations of the western lobe were discussed
by Wright et al. (1996),who modelled the emission line spectrum as the combination
of several C-type shocks with a planar J-shockof 70–80km s �

�

. In Chapter 7 we dis-
cussedthe entire SWSand LWS spectraof Cep A Eastin detail and concluded that the
continuum radiation at near-infrar ed wavelengths is dominated by emission from the
embedded source IRS 6A (Casement & McLean 1996),whereas another, more lumi-
nous, component only becomesvisible in the far-infrar ed. We explained the infrar ed
emission line spectrum as the superposition of a 20 km s �

�

C-shock and a 60 km s�

�

J-shockarising in a dense(10
�

cm �

� ) medium.
Elias 3-1 (IRAS 04155+2812)is an embedded luminous object which is believed to

beayoung Herbig Ae star. It illuminates acometary-shapedre�ection nebula, in which
an east-west oriented elongated structure is visible at near-infrar ed wavelengths, in-
terpreted by Haas et al. (1997)as two lobes of a cone-like structure. One feature that
distinguishes Elias 3-1 is that it is one of the only threesourcesknown that shows the
3.43and 3.53 � m infrar ed emission bands, as well as the other infrar ed emission fea-
turesusually attributed to PAHs (Schutteet al. 1990).No infrar ed emission lines were
detected.

T Tau (IRAS 04190+1924)is a young binary system,consisting of an optically visible
K0–1eclassicalT Tauri star with an embedded ( ��� = 17�

�

4), more luminous, compan-
ion. Both stars are surrounded by a compact nebula aswell asspatially separatedarc-
shaped cloud 30

� �

to the west. The ISO SWSobservations presentedhere only include
the compact nebula, whereas the LWS observations also include the more extended
cloud. Both the optically visible and embedded components of the T Tau system drive
separatemolecular out�ows, whereasthe embedded sourcemight also power a string
of Herbig-Har o objectsasfar away as38arcminutes (1.55pc) from the source(Edwards
& Snell 1982;van Langevelde et al. 1994;Reipurth et al. 1997).In the previous chapter
we studied the complete ISO SWSand LWS spectra of T Tau in more detail and came
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to the conclusion that the observed molecular and atomic �ne structure emission line
spectrum can be well explained as arising in the superposition of a C-shock with a
speedof � 35km s�

�

and a much faster ( � 100km s�

�

) J-shockarising in a fairly dense
(5 � 10

�

cm �

� ) medium.
HD 97048(IRAS 11066

�

7722)is a fairly typical late B-type Herbig Ae/Be star lo-
cated in the Chamaeleon I dark cloud. Wesseliuset al. (1984)discovered the source
to have a strong infrar ed excess,which was interpr eted in terms of a �attened shell or
disk of dust particles heated by the central star by Thé et al. (1986). One feature that
distinguishes HD 97048is that it is one of the only threesourcesknown that shows the
3.43and 3.53 � m infrar ed emission bands, as well as the other infrar ed emission fea-
turesusually attributed to PAHs (Schutteet al. 1990).Although extended mid-infrar ed
emission around HD 97048hasbeenreported from multi-apertur e photometry (Prusti
et al. 1994),unpublished

�

band imaging by the authors with the TIMMI instrument
at the ESO3.6m telescopeshow the sourceto be point-like (diameter � 1

� �

), suggesting
that the extended emission might be limited to the PAH bands. Only weak [O I] and
[C I I] emission was detected. If we assume that this emission comes from the same
region as the PAH emission, it is compatible with an origin in the surface layer of a
circumstellar disk surrounding HD 97048,acting asa PDR.

HD 97300(IRAS 11082
�

7620)is a B9star located in the Cha I complex. The absence
of H � emission and infrar ed excessat wavelengths shortwards of 5 � m suggeststhat
it is a relatively evolved object within the group of Herbig Ae/Be stars (Thé et al.
1986). HD 97300is located near (or is seen projected on) the re�ection nebula Ced
112,in which Siebenmorgen et al. (1998)discovered a ring of PAHs with ISOCAM. No
emission lines were detected with SWS.

HR 5999(IRAS 16052
�

3858)is oneof the beststudied Herbig Ae stars. In the visual,
it shows irr egular large-amplitude photometric variations due to variable amounts of
circumstellar extinction (Tjin A Djie et al. 1989;Thé et al. 1996). HR 5999is located
in the pre-main sequenceinstability strip, and also shows regular pulsations similar
to those observed in the evolved

�

Scuti stars (Kurtz & Marang 1995;Marconi & Palla
1998). In the infrar ed, HR 5999is a fairly isolated point source (Siebenmorgen et al.
1997),suggesting the star has cleared most of its wide stellar environment. This is in
agreementwith the non-detection of infrar ed emission lines with ISO.

R CrA is a well studied Herbig Ae star at the apex of a cometary nebula in the
Corona Australis cloud. In the visual, it shows strong photometric variations, while
its visual absorption line spectrum is also variable, suggesting it may in fact be a com-
posite system (Bibo et al. 1992;Chapter 3). Several strong molecular out�ows con-
taining knots of shocked gas have been detected in the vicinity of R CrA, but recent
high-r esolution continuum and molecular mappings of the region have shown that
the driving sourcesof theseare the embedded sourcesIRS7and HH100-IR rather than
the optical Herbig stars in the region (Harju et al. 1993;Anderson et al. 1997;Chap-
ter 6). The detection of [S I] shows that a shock must be presentwithin the SWSbeam.
Most likely , this is due to the out�ow of IRS7.

T CrA is a late-type Herbig star located in the tail of a cometary nebula in the
Corona Australis cloud. It shows strong photometric variations in the visual, prob-
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ably due to variable amounts of circumstellar extinction (Bibo et al. 1992). Basedon
optical spectro-astrometric measurements, Bailey (1998)suggested T CrA to be a bi-
nary system. Ward-Thompson et al. (1987)reported the presenceof a jet associated
with T CrA, but more recent papers suggest that this may in fact be part of the east-
west molecular out�ow from the source IRS7 in the region around R CrA (Canto et
al. 1986;Harju et al. 1993;Anderson et al. 1997). The H � emission detected by ISO is
suggestive of a C-shock which may be attributed to this sameout�ow .

WW Vul (IRAS 19238+2106)is a prototypical Herbig Ae star showing large ampli-
tude photometric variations due to variable circumstellar extinction (Friedemann et al.
1993),as well as evidence for the presenceof evaporating solid bodies (Grinin et al.
1996). It shows a large infrar ed excess,indicative of the presenceof a dusty circum-
stellar disk or envelope. WW Vul is located in relative isolation, which is con�rmed by
our non-detection of infrar ed emission lines.

BD+40
�

4124(V1685Cyg) is the most massive member of a small cluster of young
stars, commonly known as the BD+40

�

4124group (Hillenbrand et al. 1992). It is the
ionizing source of a low-density ( � 10� cm �

� ) H I I region, surrounded by a dense ( �

10� cm �

� ) PDR(Chapter 8). The lines detectedwith ISOare indicative of PDRemission.
In view of the luminosity of BD+40

�

4124and the strong [C I I] emission detected at the
position of LkH � 225, it seems likely that the PDR is more extended than the ISO
beam and may in fact produce observable PDR emission lines throughout the optical
re�ection nebula.

LkH � 224(V1686Cyg) is a fairly typical Herbig Ae star located in the BD+40
�

4124
region. In the optical it shows large variations in brightness due to variable amounts
of circumstellar extinction (Wenzel 1980; Shevchenko et al. 1991). One remarkable
aspect about LkH � 224 is the complete absenceof a 10 � m silicate feature, either in
absorption or emission in its spectrum (Chapter 8). In Chapter 8 we also studied the
infrar ed emission line spectrum of LkH � 224and concluded that it is most likely due to
non-dissociative shock produced by a slow ( � 20 km s �

�

) out�ow arising from LkH �

225.
HD 200775is the illuminating star of the well-known re�ection nebula NGC 7023

(IRAS 20599+6755).A biconical cavity of � 20
� �

diameter surrounds the star, outside of
which the nebulosity shows a highly �lamentary structure (Rogerset al. 1995;Lemaire
et al. 1996;Gerin et al. 1998). Observations with ISOCAM and ISOPHOT revealed
the nebulosity to show strong emission bands due to Polycyclic Ar omatic Hydr ocar-
bons (Cesarsky et al. 1996;Laureijs et al. 1996). The SWSobservations shortward of
12.0 � m only include the central star and the cavity, whereasthe SWSdata at longer
wavelengths as well as the LWS spectrum also cover part of the PDR. The [O I]/[C I I]
ratio clearly re�ects this PDR nature. Fuente et al. (1999)have analyzed ISO SWS
observations centered on parts of NGC 7023and concluded that they arise in a PDR
with temperaturesin the range 300–700K, and with an ortho/para ratio of H � of 1.5–2.
Our observations suggest the PDR to have a density of � 10� cm �

� , much higher than
the modelling results of the NGC 7023PDR by Chokshi et al. (1988). Most likely the
lines we have detectedare dominated by a few of the high density clumps reported by
Martini et al. (1997).
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Fig. 10.7. Comparison of the sum the �uxes of all observed lines with � values as
derived from the infrar ed continuum �ux. Plots symbols have the samemeaning as
in Fig. 10.3. Lower limits are shown for objects in which one or two of the major
coolants ([O I] 63 � m, [C I I] 158 � m, [Si I I] 35 � m) were not observed. Also shown are
lines of equal � (ratio of gas heating to far-ultraviolet absorption rate of grains and
PAHs).

10.7 Discussion and conclusions

In the previous sectionswe have seenthat basedon the observed H � and atomic �ne-
structure lines we canmake a distinction between PDRsand shockswith relative ease,
and derive the physical properties in the emitting region, provided that key lines like
[S I], [O I] and [C I I] and the low-lying pure rotational molecular hydr ogen lines were
detected. Themerepresenceof [S I] is asureway to recognizeashock,whereasthe [O I]
63.2 � m/[C I I] 157.7 � m ratio is able to distinguish PDRs of average to high density
from shocks.

An interesting question which we have not yet addressedin the previous sectionsis
whether the heating ef�ciency assumed in the theoretical models is con�rmed by the
observations presented here. This ef�ciency will determine the absolute line �uxes,
and could also in�uence the detailed structure of PDRs and shocks. For PDRs, the
model parameter which determines the ef�ciency is the ratio of gasheating to the far-
ultraviolet absorption rate of dust grains and PAHs, � . On theoretical grounds, it is
expectedthat the maximum allowed value of � would be 3–5%(Bakes& Tielens 1994).
This ef�ciency decreaseswhen the PAHs are charged up and hence decreaseswith
increasing

�

(ionization rate) and decreasing �
� (recombination rate; Bakes& Tielens

1998).Sincefor most sourcesin our sample the lines which we have detected include
the major PDR coolants [O I] 63.2 � m, [C I I] 158 � m and [Si I I] 34.8 � m we are able to
dir ectly derive a value of � for our PDR sources. For this reason, we we have plot-
ted the summed intensity in all detected lines against the values of

�

derived from
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the infrar ed continuum �ux derived listed in Table 10.6. From this plot (Fig. 10.7),in
which we also show lines of constant � , it canbe seenthat most of our PDR sources(as
identi�ed from the associatedPAH emission) have � of a few times 10�

� . This estimate
is nearly independent of the beam �lling factor. Although somewhat lower than as-
sumed in most PDR models, this value agreeswell with thoseobserved towards PDRs
in dif ferent astrophysical environments (seee.g. Hollenbach & Tielens 1999).

As a �nal note to this chapter, let us now wonder how to put our main results,
that both shocks and PDRs are observed near Class I YSOs, whereas Class II YSOs
only show PDR emission, in context. In the previous sections we have seenthat the
detection of [S I], indicative of shocks, and PAH-emission, indicative of PDR activity,
appear mutually exclusive. To illustrate this mutual exclusion of [S I] and the PAH
emission and to illustrate its dependence on the evolutionary state of the YSO, we
have created plots of the luminosity in the [S I] 25.3 � m line and in the 6.2 � m PAH
band, normalized to the bolometric luminosity , against the visual extinction � � for the
sources in our sample (Fig. 10.8). We can seehere that the Class I sources for which
we have detected [S I] emission, LkH � 225and Cep A East,are also among the sources
with higher values of � � . However, apparently the mere embeddednessof a source
doesnot guaranteethat strong [S I] is present,asevidenced by someof the upper limits
plotted in Fig. 10.8. Note that the three Class II sources in whose vicinity we have
detected[S I] emission, T Tau, LkH � 224and R CrA, are all located near ClassI sources
driving a strong bipolar out�ow . Weassociatethe observed [S I] emission in thesethree
sourceswith the embedded instead of the optical star.

PAH emission was observed in both Class I (IRAS 03260+3111, GGD 27-ILL, S106
IRS4)and Class II (BD+40

�

4124,HD 97048)sources. The range in fraction of the to-
tal luminosity coming out in the 6.2 � m C–C stretch mode does not appear dif ferent
between the two groups, although the cooler stars in both groups appear to have a
higher

�������

�

�

� ���

than the hotter stars. The values of � � used in Fig. 10.8are those for
the associatedcontinuum source; the lines do not necessarilyhave to suffer from the
sameamount of extinction. Becausea young star is expected to clear its circumstellar
environment as it accretesmass, these values of ��� may be taken as a rough indica-
tion of evolutionary status. Geometry is however also important in interpr eting these
results as exempli�ed by S106IRS4where our dir ect view of the YSO is inhibited by
an optically thick circumstellar disk but the gasalong the poles is photoionized by the
star (Chapter 7).

It is interesting that the most embedded source in our sample, Cep A East,also has
the highest [S I] luminosity , and that all ClassI sourceswhich show PAH emission are
only moderately embedded. This is exactly what one would also expect: as a star has
just formed, it is heavily embedded and any PAH emission arising in a PDR close to
the star will be completely obscured. As long as the young star accretesmatter it will
also drive a bipolar out�ow , which can power a shock as it interacts with the ambient
medium. As this processproceeds,the surroundings of the star are cleared and the UV
radiation from the newly formed star can escapeto illuminate a PDR. The intensity of
the PDR emission is mainly determined by its spatial extent. As the material in the
wide circumstellar environment is slowly cleared by the still strong stellar wind and
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Fig. 10.8. Comparison of �ux emitted in [S I] 25.3 � m (top) and 6.2 � m PAH band
(bottom) with estimated visual extinction towards the associatedsource.Plot symbols
have the samemeaning as in Figs. 10.4–10.6.
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the effect of photoevaporation, the extent of the PDR and hence the intensity of the
PDR lines will gradually decreaseuntil the only, weak, source of PDR emission will
becomethe surfaceof a circumstellar disk, acting asa PDR (e.g. the caseof HD 97048).
With the tools presentedin this chapter, the study of such PDRsoffers the promise of a
fundamental better understanding of the processesoccurring in protoplanetary disks
when far-infrar ed spectrographs with higher spatial resolution becomeavailable.
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Bibo, E.A., Thé, P.S.,Dawanas, D.N. 1992,A&A 260,293
Black, F.H., van Dishoeck. E.F. 1987,ApJ 322,412
Brand, P.W.J.L.,Moorhouse, A., Burton, M.G., Geballe, T.R., Bird, M., Wade, R. 1988,ApJ 334,

L103
Burton, M.R., Geballe,T.R.,Brand, P.W.J.L.,Webster, A.S. 1988,MNRAS 231,617
Burton, M.R., Brand, P.W.J.L.,Geballe,T.R.,Webster, A.S. 1989,MNRAS 236,409
Burton, M.R., Geballe,T.R.,Brand, P.W.J.L.,Moorhouse,A. 1990a,ApJ 352,625
Burton, M.R., Hollenbach, D.J.,Haas,M.R., Erickson, E.F. 1990b,ApJ 355,197
Burton, M.G., Hollenbach, D.J.,Tielens, A.G.G.M. 1992a,ApJ 399,563
Burton, M.G., Bulmer, M., Moorhouse,A., Geballe,T.R.,Brand, P.W.J.L.1992b,MNRAS 257,1p
Canto, J.,Sarmiento, A., Rodr�́guez, L.F. 1986,Rev. Mex. Astron. Astro�s. 13,107
Carr, J.S.1990,AJ 100,1244
Casement,L.S.,McLean, I.S.1996,ApJ 462,797
Cesarsky, D., Lequeux, J.,Abergel, A., Perault, M., Palazzi, E., Madden, S.,Tran D. 1996,A&A

315,L305
Chernoff, D.F., Hollenbach, D.J.,McKee, C.F. 1982,ApJ 259,L97
Chokshi, A., Tielens, A.G.G.M., Werner, M.W., Castelaz,M.W. 1988,ApJ 334,803
Clegg, P.E.et al. 1996,A&A 315,L38
Crampton, D., Fisher, W.A. 1974,Pub. Dom. Astrophys. Obs. 14,283
Crawfor d, M.K., Lugten, J.B.,Fitelson, W., Genzel,R.,Melnick, G. 1986,ApJ 303,L57
Dabrowski, I. 1984,Canadian J.Phys. 62,1639
Dame, T.M., Thaddeus, P. 1985,ApJ 297,751
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Chapter 11

Conclusions and Outlook

11.1 Introduction

In the previous chapters we recovered several well-known results from literatur e, as
well asmade new conclusions as to the intricacies of the star formation processand it
implications for planet formation. In this concluding chapter we will brie�y recapit-
ulate the main results of this thesis, outline the new questions that theseresults have
produced, and discussthe ways in which theseproblems may be solved in the futur e.

11.2 Herbig Ae/Be stars

In Chapters 2–5 we have studied the properties of Herbig Ae/Be stars (HAeBes) us-
ing a variety of techniques. In Chapter 2 we have studied the basic stellar properties
of a small sample of HAeBes using newly obtained astrometric data from the Hippar-
cosmission, which allowed us, as the �rst ones, to compute the location of a sample
of HAeBes in the Hertzsprung-Russell diagram without making any a priori assump-
tions about a physical association with a star forming region, as was necessaryin all
previous studies. The basic conclusion from this study, as well as the more extensive
study done in Chapter 3, is that most HAeBes in our sample must indeed be pre-main
sequencestars. This is an important basic conclusion, which has entered into most
studies of HAeBes implicitly in the past, but is now rigorously proven. However, the
sample of stars for which we were able to obtain reliable distance estimates in Chap-
ters 2 and 3 has strong observational biases. Becausethe nearest site of the formation
of massive stars, the Orion complex, is located too far away for the Hipparcosmission
to yield a reliable parallax for individual stars, we only have a reliable distance esti-
mate for one early B-type star, HD 200775,whose location in the HRD has proven to
be somewhat deviant; it appears above the zero-age main sequencewhereassuch a
behaviour would not be expected for a massive young star. With the presentdata we
cannot decide whether this one star in our sample is representative of all Herbig Be
stars. The development of a successorto the Hipparcosmission which would also be
able to observethe parallaxes of the early-type HAeBes out to 2 kpc, such ascurrently
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planned by the European SpaceAgency, would be a chanceopportunity to investigate
this question and put the stellar pre-main sequenceevolutionary models for massive
stars to a rigorous test. For now, we conclude that for massesup to 5 M � , the basic
stellar data and the models agreewell.

In Chapters2–5we not only studied the Herbig Ae/Be starsthemselves,but mainly
focussedon the dust in their dir ect circumstellar environment. In Chapters 3 and 4 we
studied this dust through its effect on the light of the central star asit moves in and out
of our line of sight. We showed that such an effect can only be seentowards Herbig
Ae/Be systemswith a central star of spectral type A0 or later, which we explained as
being due to the evolutionary effect that Herbig Bestarsare not optically visible while
still contracting towards the zero-age main sequence. The current view in literatur e
of this effect of variable circumstellar extinction in Herbig Ae stars is that it is caused
by patchy dust clouds located in the circumstellar disk. In this view, the presenceof
variable circumstellar extinction could be interpr eted as a sign of seeing the system
edge-on. However, in this thesis we have presentedseveral facts that are hard to rec-
oncile with such a scenario. The remarkable photometric behaviour of the Herbig Ae
star V351Ori, discussedin Chapter 4, seemsto indicate that a large fraction of all Her-
big Ae stars may be alternating between a state in which they do show evidence for
variable circumstellar extinction and one in which they do not, whereasthe total dust
mass in the inner disk, as traced by the near-infrar ed excess,remains constant. This,
as well as the lack of periodicities found in the photometric events and the lack of
correlation of the stellar ���

��� �

with level of photometric variability , discussedin Chap-
ter 3, leads us to question the presenceof patchy dust clouds located in a circumstellar
disk as the causeof the variable circumstellar extinction. A more viable way of ex-
plaining this may be to think of the photometric events as being due to the passage
and breaking-up of large comet-like bodies orbiting the system. Thesecomet-like bod-
ies,whose existencewas already inferr ed from gas-phaseabsorption-line studies, need
not be necessarily con�ned to the equatorial plane of the system and may explain all
variable extinction phenomenadiscussedin this thesis. A study relating thesetwo phe-
nomena of gas-phaseand dust absorption in HAeBes is badly needed and should be
able to con�rm or disprove our suggestion that the two have the samecause,infalling
evaporating comet-like bodies, with relative ease.

Although the presenceof patchy dust clouds moving in and out of our line of sight
might be dubious, there is no question that a dusty circumstellar disk must be present
in Herbig Ae/Be systems.This disk will be responsible for the excessemission seenat
infrar ed wavelengths. Probably the central issuein the study of Herbig Ae/Be stars in
the years to come will be how this circumstellar disk is transformed into a planetary
system. In Chapter 2 we suggesteda simple evolutionary scenario in which a gap is
opened in the disk due to the formation of a large, possibly planet-like, body, after
which the inner disk will gradually be accreted, either on the central star or on planet-
like bodies, and only the outer disk will remain. There is no doubt that the formation
of a planet will indeed causethe phenomena described above. However, a question
which is still open is whether a dip in the spectral energy distribution around 10 � m,
aswe found for a number of starsin Chapter 2, canbeequated to such a gap in the disk
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or can also be causedby other phenomena such as optical depth effects on the disk's
temperature structure. Further theoretical work on the structure of disks surrounding
HAeBes should be able to give the answer to the latter question within the next few
years and thus show whether the evolutionary scenariooutlined in Chapter 2 remains
viable. Observationally, the presenceof disk gaps in the sourcesfor which we found
energy distribution dips around 10 � m can be tested when infrar ed instrumentation
of higher angular resolution, such as the interferometer on ESO'sVery LargeTelescope
(VLT), becomeavailable.

In Chapter 5 we looked in moredetail at the thermal emission from dust in the disks
of two comparable Herbig Ae systems,AB Aur and HD 163296,using data from the In-
fraredSpaceObservatory(ISO).Wesaw that in the dust in both thesesystems,signi�cant
grain growth has already occurred. However, the degreein which this has happened,
as well as the degree in which the dust has crystallized, dif fers greatly between these
two systemsof identical massand age.This conclusion should not comeasa great sur-
prise, since studies in the past have shown that for pre-main sequencestars in young
clusters, the presenceof a disk itself is poorly correlated with stellar age.Clearly other
parameters than stellar massand agedetermine the dissipation speedof a circumstel-
lar disk. Further research to �nd out what theseother parameters are (in�uence of the
wide circumstellar environment? presenceof low-mass, perhaps planetary, compan-
ions?) is clearly needed. Another, more unexpected, conclusion reachedin Chapter 5
is that the processesof grain growth and crystallization are poorly correlated. Wehave
only brie�y investigated the causesof grain growth and crystallization in this thesis.
Becausethe physical mechanismsbehind theseprocessesarestill poorly understood, it
remains unclear what the poor correlation noted in this thesis tells us about the phys-
ical processesoccurring in the circumstellar disks of HAeBes. It also remains unclear
what the better tracer of the evolutionary state of the disk is: grain growth or crystal-
lization? In the next few years, the answers to these questions may come from new
theoretical work. In the more distant futur e, more sensitive infrar ed spectrometers,
such asthose on board SIRTF and SOFIA, but also Vizier on the VLT, will open up the
opportunity to investigate thesequestions by not only studying the dust composition
of the infrar ed brightest HAeBes, as was possible with ISO, but also study the wealth
of HAeBes in the Orion complex. Thesenew instruments will also push the amount of
thermal emission required to do thesestudies down, so it will also be possible to study
the more evolved systemswith lesscircumstellar dust and trace the evolutionary pro-
cessesdescribed in this thesis to a later stagein the formation of planetary systems.

Another way to study the amount and dissipation of dust around Herbig Ae/Be
starswould be through submillimeter photometry. In Chapter 6 we have followed this
approachto study the dust in the star forming region associatedwith the Herbig starsR
and T CrA, using 450and 850 � m maps obtained with the newly installed Submillimeter
CommonUser BolometerArray (SCUBA) at the JCMT. An important conclusion from
this chapter is that extended emission is presentthroughout the region at both 450and
850 � m. Our SCUBA maps do not show an enhanced intensity at the positions of the
Herbig Ae/Be stars R CrA and T CrA, showing that their intrinsic submm �ux must
be smaller than previously thought. In Chapter 6 we did �nd six point-like submm
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sourcesin the R CrA region. Two of thesecould not be identi�ed with a near-infrar ed
source, making them valid new candidates for Class 0 sources. In view of the small
extent of the mapped region, this number of at leasttwo is surprisingly high. This leads
us to conclude that either Class 0 sources cannot be unambiguously identi�ed with
protostars,or that protostellar collapsemust be slower than predicted by the models.

11.3 Emission line studies of star forming regions

In Chapters 7–10 we studied the infrar ed emission line spectra of a number of star
forming regionsusing data obtained with the InfraredSpaceObservatory, and concluded
that the infrar ed atomic �ne structure lines and the molecular emission lines are domi-
nated by emission from photodissociation regions (PDRs)and/or shocks. In Chapters
7–9we looked in somedetail at individual star forming regions, of dif ferent massand
age, whereasin Chapter 10 we focussed more on the physical processesoccurring in
the sample asa whole.

The most striking aspectof the environment of the two massiveyoung starsstudied
in Chapter 7, S106and Cep A East, is how dif ferent the two are in terms of the emis-
sion line spectrum and the solid-state absorption. We concluded that it is not possible
to explain the dif ferencesbetween the two in terms of a dif ferent orientation and the
dif ferencesmust be understood in terms of evolution, in which Cep A East, with an
emission line spectrum dominated by shocks, is the more embedded, younger, of the
two, and S106,with an emission line spectrum causedby the combination of its H I I re-
gion and the adjoining PDR, is a more evolved young star seennearly edge-on. In fact,
if we would have observedthe S106systemat a smaller inclination angle, it might have
appeared as the more massive counterpart of the Herbig Bestar BD+40

�

4124,studied
in Chapter 8. In this chapter we saw that this star may have produced a low-density
H I I region in its wide circumstellar environment, whereassmaller patchy clouds in its
neighbourhood may have escapedphotoionization and remain observable as a PDR
today.

In Chapter 8 we have also studied two other YSOsin the BD+40
�

4124region, the
Herbig Ae star LkH � 224 and the embedded YSO LkH � 225. The most remarkable
aspectof LkH � 224is its smooth infrar ed spectrum, devoid of any solid-state features.
If we compare this spectrum with the rich solid-state emission spectraof the Herbig Ae
stars AB Aur and HD 163296,studied in Chapter 5, this featurelessinfrar ed spectrum
is even more striking. In Chapter 8 we explained this absenceof dust featuresin LkH �

224asbeing due to the presenceof an optically thick disk. Yet it remains unclear what
the evolutionary connection between the disks of thesethreesystemsis. A systematic
study of the infrar ed spectraof a larger sample of HAeBesusing the newest generation
of infrar ed spectrometerswill very likely give new clues to the answer of this question.

Another important new result reachedin Chapter 8 is basedon the ISO spectra of
the embedded YSOLkH � 225.The emission line spectrum of this sourcecould bewell
explained as arising in a shock driven by its out�ow . The molecular absorption line
spectrum of this source remains puzzling, however. We found that the line of sight
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towards this object setsa new record for the gas to solid ratios of CO � and H � O. The
CO � gas/solid ratio is at least a factor 100higher than that found in any other line of
sight so far. With the data presentedin this thesiswe were unable to infer whether this
unexpected result is becausethe molecular core in which LkH � 225is located is more
evolved than that towards other sources,or that this core is heavily disrupted by its
vicinity to BD+40

�

4124.The answer to this question is of potentially great importance,
becauseif it is found that this system is located in the most evolved molecular core
known to date, it holds the potential to further our knowledge of the poorly under-
stood physical and chemical processesinvolved with core collapse. The answer may
come within the near futur e by studying gas/solid ratio's in the line of sight towards
weaker infrar ed sources in the vicinity of LkH � 225, for which ISO lacked both the
sensitivity and spatial resolution, with an instrument like Vizier on the VLT.

Another approach to �nding out the reason of the anomalous solid/gas ratio in
the line of sight towards LkH � 225would be to perform similar studies on seemingly
similar systems. One of the classicalyoung stellar objects,the binary system of T Tau
studied in Chapter 9, might be a prime example. This system also servesto illustrate
how complex and confused the surroundings of YSOscanbe. Wefound that to explain
the emission line spectrum observed with ISO, we needed at least threesourcesof H �

emission, probably all of them shocked gas driven by out�ows from the two compo-
nents of T Tau. A not well understood phenomenon is why the two components of T
Tau seemto have a dif ferent orientation, whereasthey are obviously physically con-
nected. To extend the analogy with the multiple system LkH � 225,it would be worth-
while to study the kinematics of the gas in this latter system in more detail as well, to
seewhether the sameenigmatic non-parallel orientations also occur here and thus tell
us something the formation history of thesehighly unusual young stellar systems.

The most rigorous test of our interpr etation of infrar ed emission line spectra as
arising in PDRs and shocks was done in Chapter 10. Here we used ISO to study the
circumstellar environment of 10embedded YSOsand 11Herbig Ae/Be stars. Wefound
that the distinction between PDRs and shocks can be made with relative easeusing
infrar ed spectroscopy using the presenceof [S I] emission (indicative of the presenceof
a shock),strong [C I I] emission (PDR) and PAH emission (PDR).Basedon theseresults
we suggested an evolutionary scenario in which the circumstellar material around a
young star changesfrom being heatedmechanically by shocksinto heatedby radiation
from the central star through a PDR asthe star clearsits surroundings.

In Chapter 10 we also tested current models in literatur e for PDRs and shocks by
comparing their predicted infrar ed emission-line spectra with those observed with
ISO.Qualitatively , we found good agreementbetween the observedemission line spec-
trum and that predicted by PDR models. However, the models appear to underesti-
mate the temperatures reachedin the H � emitting region. The results presentedhere
also con�rm earlier suspicions that the commonly observed [O I] 63.2 � m line can suf-
fer from self-absorption in many regions where it is observed and hence should be
used with caution to constrain PDR model parameters.

For shocks we also found qualitative agreement between the observed emission
line spectrum and that predicted by models. However, the H � emission invariably
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seemsto produce two thermal components, whereasthe plane-parallel J-and C-shock
models we used for comparison only predict onesuchcomponent. This needfor a two-
component structure was also found from the analysis of the atomic infrar ed �ne struc-
ture lines. Clearly the employed simple shock models are too simpli�ed to be used for
a quantitative analysis and models that correctly describe the two-dimensional struc-
ture of a shock are needed to explain our observations.

11.4 Concluding Remarks

As the results presentedin this thesis have shown, the development of new astronom-
ical instrumentation like the ISO and Hippar cos satellites has rapidly increasedour
knowledge of the processesleading to star formation. Although the new results in-
variably raise new questions, we have come closer to the solutions of old problems
and mysteries. Progressin understanding our own origins hasbeenmade.

In the foreseeablefutur e many new instruments will be developed to study the
origins of planetary systems like our own. With these futur e developments, it seems
likely that the rapid progression of our knowledge of young stars will continue and
remain to make the �eld of star formation one of the most exciting in astrophysics for
decadesto come.
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Nederlandse Samenvatting

Sterren worden gevormd uit grote wolken van stof en gasdie in de interstellair e ruimte
voorkomen. Zo'n wolk stort uiteindelijk onder de invloed van zijn eigenzwaartekracht
in elkaar tot het een bol van gas (het stof verdampt of blijft rond de ster zitten) heeft
gevormd waarin in de kern de druk zo hoog is opgelopen dat waterstof in helium kan
worden omgezet: eenster. Als eenster net gevormd is, bevindt zich rond de jonge ster
nog materie uit de oorspronkelijke wolk. Dit proefschrift gaat over waarnemingen van
dit circumstellaire materiaal (gasen stof) rond jonge sterren. Het is van belang om dit
te bestuderen omdat we denken dat uit dit materiaal uiteindelijk planetenstelselsron-
dom andere sterren worden gevormd en we op dezemanier wellicht te weten kunnen
komen of die andereplanetenstelselslijken op het onzeof juist helemaalniet en we ook
meer kunnen leren over hoe ons eigen zonnestelsel is gevormd. In deze Nederlandse
samenvatting zal ik proberen op ook voor leken begrijpelijke wijze uit te leggen wat
we hierover hebben geleerd door middel van het onderzoek wat ik de afgelopen vier
jaar heb gedaan.

Dit proefschrift is voornamelijk gebaseerd op waarnemingen gedaanmet twee satel-
lieten van de Europeseruimtevaartoganisatie ESA, Hipparcosen het infrar ood ruimte-
observatorium, ISO. De eerstgenoemdesatelliet was in staat om heel nauwkeurig de
posities van sterren aan de hemel te meten. Omdat de aarde om de zon draait, li-
jkt het of alle sterren aan de hemel elk jaar een klein stukje heen en weer bewegen
als je ze vanaf de aarde of een satelliet als Hipparcosdie om de aarde heen draait be-
kijkt. De grootte van die beweging, de zogenaamde parallax, vertelt je hoe ver zo'n
ster van ons verwijder d is. In Hoofdstuk 2 en 3 van dit proefschrift heb ik deze paral-
laxgegevensvan eenaantal Herbig Ae/Be sterren, massievejonge sterren die voor het
eerst bestudeerd zijn door de Amerikaanse astronoom George Herbig in de jaren zes-
tig, en de gegevensover de helderheid van deze sterren die Hipparcosook opleverde
geanalyseerd. Hier uit blijkt dat als je hun gemetenhelderheid corrigeert voor afstand,
Herbig Ae/Be sterren helderder zijn dan sterren van gelijke temperatuur die niet zo
jong meer zijn. Dit is eenresultaat wat ook verwacht werd omdat we denken dat deze
jonge sterren nog aan het samentrekken zijn. Ze zijn dus nog groter dan de oudere
sterren en omdat ze een groter stralend oppervlak hebben zijn de ook helderder. Nu
kunnen we dus stellen dat de helderheid van eenjonge ster, in combinatie met de tem-
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peratuur van de ster, eenmaat is voor hoe oud zo'n ster is en in Hoofdstuk 2 en 3 zijn
van een aantal sterren leeftijden bepaald. Nu was van deze sterren al bekend dat ze
ook nog eenschijf bestaandeuit stof en gasom zich heenhebben.Het stof in zo'n schijf
wordt verwarmd door de centrale ster, en begint dan infrar ood- of warmtestraling uit
te zenden. Door de bestaandegegevensover de infrar oodstraling van de bestudeerde
jonge sterren te combineren met de nieuw bepaalde leeftijden, kon ik in Hoofdstuk 2
laten zien dat er op eengegevenmoment in de evolutie van eenjonge ster eerstminder
infrar oodstraling met eengol�engte rond 10 � m lijkt te worden geproduceerd, waarna
ook infrar oodstraling van kortere gol�engte afneemt. Dit kan verklaard worden door
aan te nemen dat bepaaldestukken uit de schijf lijken te verdwijnen, bijvoorbeeld do-
ordat in dit gedeeltevan de schijf zich eenplaneet heeft gevormd.

In Hoofstuk 3 heb ik ook beter gekeken naar de helderheid van de Herbig Ae/Be
sterren die door de Hipparcossatelliet zijn gemeten. Het blijkt dat van meer dan 65%
de helderheid niet constant is, maar variaties vertoont. Verder bleek dat grote variaties
alleen voorkomen bij relatief koele sterren. Dezegrote variaties worden waarschijnlijk
veroorzaakt door grote wolken van stof die zich in en uit onze gezichtslijn naar de
ster bewegen en daardoor het licht van de ster verzwakken. Tot nu toe werd gedacht
dat deze stofwolken zich in de schijf rond de ster bevinden. In Hoofdstuk 3 toon ik
aan dat dit effect alleen het al dan niet voorkomen van die variaties in helderheid niet
kan verklaren. In Hoofstuk 4 kijk ik in meer detail naar de variaties in helderheid van
één jonge ster, V351 Ori, gebruik makend van waarnemingen die gedurende 10 jaar
zijn vergaard op de EuropeseZuidelijke Sterrenwacht (ESO)in Chili. Het blijkt dat dit
object gedurende de tijd dat wij hem hebben waargenomen veranderd is van eenster
die wel grote variaties in helderheid vertoont in eenster die vrijwel constant is, terwijl
de hoeveelheid infrar oodstraling die we van deze ster ontvangen in de tussentijd niet
veranderd is. Ook dit gedrag valt moeilijk te verklaren met obscuratie van sterlicht
door de stofwolken in de schijf rondom de ster.

Hoofstuk 5 is het eerstehoofdstuk in dit proefschrift waar we waarnemingen ana-
lyseren gedaan met ISO. Deze satelliet is gebouwd om voor het eerst nauwkeurig de
hoeveelheid infrar oodstraling die we ontvangen van objecten aan de hemel als func-
tie van gol�engte te kunnen meten. Dit kan niet vanaf de aarde gebeuren omdat de
dampkring eengroot gedeeltevan deze straling blokkeert. In Hoofstuk 5 analyseer ik
met behulp van ISO gegevenshet stof in de schijf rond twee jonge sterren, AB Aur en
HD 163296.Volgens de met Hipparcosuitgevoerde studie in Hoofdstuk 2 en 3 zouden
deze twee sterren als twee druppels water op elkaar moeten lijken. We vinden echter
dat het stof rond AB Aur bestaat uit silicaten, ijzer-oxide en polycyclische aromatis-
chekoolwaterstof fen (PAHs), hele kleine koolstofrijke stofdeeltjes,terwijl het stof rond
HD 163296bestaat uit silicaten, ijzer-oxide en ijs. Verder vinden we dat de silicaten
in AB Aur een amorfe (de atomen zijn niet netjes geordend in een rooster) structuur
hebben, terwijl een klein gedeeltevan de silicaten in HD 163296uit kristallen bestaat.
Ook blijken de stofdeeltjesrond HD 163296gemiddeld veel groter te zijn dan die rond
AB Aur . Het blijkt dus dat de leeftijd en massavan de centrale ster (die voor deze
beide sterren gelijk is) ons niet alles verteld over wat er is gebeurd met de stofdeeltjes
in de schijf. Ook blijkt dat de processenvan kristallisatie en de groei van stofdeeltjes,
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waarvan we denken dat die ook in ons eigenzonnestelselhebbenplaatsgevonden toen
het nog jong was, niet noodzakelijkerwijs gekoppeld zijn.

In Hoofstuk 6 analyseerik veel kouder stof op eenplek waarvan we denken dat er
op dit moment sterren worden gevormd, het R CrA gebied, met behulp van kaarten
die ik op eengol�engte van 450,800en 850 � m van dit gebied heb gemaakt met behulp
van de JamesClerkMaxwell Telescope(JCMT) op Hawaii. Het blijkt dat het hele gebied
straalt op dezehele lange gol�engtes, waar we naar heel erg koud stof zitten te kijken.
Er zijn echter ook minimaal zescompactebronnen, waarschijnlijk jonge sterren, in het
gebied die veel helderder stralen bij dezelange gol�engtes. Daarvan zijn er zeker twee
niet zichtbaar in het optisch of infrar ood. Normaal gesproken worden deze bronnen
die alleen bij heelerg lange gol�engtes zichtbaar zijn gë�denti�ceer d met heel erg jonge
sterren waarvan de vormende wolk nog bezig is in te storten. In het R CrA gebied
vind ik echter minimaal twee van deze bronnen, wat uitermate onwaarschijnlijk zou
moeten zijn omdat het ineenstorten volgens de theorie heel erg snel zou moeten gaan.
Of de door de theorie voorspelde tijdschaal, of de identi�catie van de alleen bij lange
gol�engtes zichtbare bronnen met zich vormende sterren moet dus onjuist zijn.

In de hoofstukken 7 tot 10 keren we terug naar infrar ood waarnemingen gedaan
door de ISO satelliet, maar nu kijken we naar infrar ood straling van gasrondom jonge
sterren in plaats van emissie door stofdeeltjes. Het onderscheid tussen beide vormen
van emissie is eenvoudig te maken omdat stof op vrijwel alle infrar oodgol�engtes
straalt, terwijl gasalleen maar straalt op scherp bepaaldegol�engtes (een foton wordt
door eenatoom uitgezonden als eenelectron “van plaats veranderd”, en de quantum-
fysica leert ons dat dat niet willekeurig kan gebeuren, maar altijd in bepaalde stapjes,
waardoor de energie, en dus de gol�engte, van het foton ook maar bepaaldewaarden
aan kan nemen). Om infrar ood straling van gaswaar te kunnen nemen met de instru-
menten aan boord van ISO moet het gas een temperatuur bereiken van enkele hon-
derden graden boven het absolute nulpunt. We kunnen drie mechanismen bedenken
waardoor het geval zou kunnen zijn. Aller eerst kunnen de energierijke fotonen van
eenhete ster electronen uit hun atoom bevrijden, waarna ze weer met andere deeltjes
kunnen botsen en op die manier het gas verwarmen. Omdat de atomen in zo'n H I I

gebied eengedeeltevan hun electronen verliezen, krijgen ze eennegatieve elektrische
lading, of worden ze gë�onisserd.

Eentweede mogelijkheid om eengebied in de ruimte tot enkelehonderden graden
te verwarmen is door middel van het fotoelektrisch effect: Als een atoom door licht
wordt beschenendat volgens de klassiekenatuurkunde niet genoegenergie per foton
bevat om eenelectron los te maken, voorspelt de quantumfysica dat er eenkans is dat
dit toch gebeurd. Dit fotoelektrisch effect is van belang omdat vrijwel al het gas in de
interstellair e ruimte bestaatuit de elementenwaterstof en helium. Alle fotonen die ge-
noeg energie bezitten om waterstof te ioniseren zullen dus bijdragen aan de vorming
aan een H I I gebied en niet kunnen ontsnappen. Fotonen met minder energie kunnen
het H I I gebied echter ongestoord passeren, maar via het fotoelektrisch effect toch bij-
dragen aande verwarming van het gasin het fotodissociatie-gebied (PDR) daarbuiten.

Een derde mogelijkheid om gas in de interstellair e ruimte te verwarmen is door
middel van eenschok. Jongesterren winnen niet alleen massadoor inval van materie
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uit hun schijf, maar zeverliezen ook materie die via de polen van het stersysteemterug
de ruimte wordt ingeblazen. Als dezesterk samengeperste“wind” met hoge snelheid
(tot enkele honderden kilometers per seconde)op de omringende materie botst, kan
ook dezematerie worden verwarmd en zo lijnstraling in het infrar ood produceren.

In Hoofdstuk 7 heb ik de ISO spectravan twee zware jonge sterren, S106en Cep A
Oost, vergeleken en er bleek dat deze twee objecteneen heel verschillend emissielijn-
spectrum en heel veschillende absorpties door vaste stoffen vertonen. Het emisielijn-
spectrum van S106bleek te kunnen worden verklaard door een model voor een H I I

gebied en eenPDR,terwijl dat van Cep A Oost gedomineerd wordt door schokken. De
verschillen tussen deze twee jonge systemen kunnen eigenlijk niet verklaard worden
door aan te nemen dat we ze onder verschillende hoeken zien, maar kunnen alleen
verklaard worden door aan te nemen dat het ene systeem,Cep A Oost, jonger is dan
het andere en uiteindelijk zal evolueren in eensysteemdat lijkt op S106.Het systeem
S106zou mogelijk net zo geëvolueerd kunnen zijn als dat van de minder massieve
jonge ster BD+40

�

4124,bestudeerd in Hoofdstuk 8.
In Hoofdstuk 8 heb ik ook twee andere systemen in hetzelfde stervormingsgebied

als BD+40
�

4124bestudeerd, de Herbig Ae ster LkH � 224en het ingebedde jonge object
LkH � 225. Het emissielijn-spectrum van LkH � 225 kan goed worden verklaard als
veroorzaakt door geschokt gas. Het absorptiespectrum van deze ster is echter raad-
selachtig. De verhouding van het gas in CO � en H � O tot het ijs in deze stoffen is veel
hoger dan ooit in enige andere gezichtslijn is gevonden. Het zou kunnen dat de wolk
waarin LkH � 225zich bevindt veel warmer is, en daarom meer geëvolueerd, dan an-
dere wolken. Een andere verklaring is dat de nabijheid van de massieve,hete jonge
ster BD+40

�

4124de buitenlagen van de wolk, waar zich het koudste materiaal bevindt,
heeft verwijder d. Met de huidige gegevenskunnen we niet concluderen welke verklar -
ing de juiste is, maar dit is eendusdanig belangwekkende ontdekking dat deze vraag
in de toekomst zeker moet worden onderzocht.

In Hoofstuk 9 heb ik het infrar ode spectrum van waarschijnlijk de meest bekende
jonge ster aan de hemel, T Tauri, bestudeerd. Hier uit leidde ik af dat in dit jong sys-
teem,waarvan al bekend was dat het uit eendubbelster-systeembestaat,er twee bron-
nen van geschokt gas moeten zijn. Het blijkt dus dat waarschijnlijk beide sterren in
het T Tauri systeem een uitstr oom van materie vertonen die vervolgens een schok
veroorzaken als ze in aanraking komen met het omringende materiaal.

In Hoofdstuk 10 tenslotte bestudeer in de ISO spectra van eengrotere groep jonge
sterren. Ik vind hier dat we met de drie hierboven beschreven fenomenen, H I I ge-
bieden, PDRsen geschoktgas,elk spectrum kwalitatief goed kunnen verklaren. Quan-
titatief echter lijken modelberekeningen de temperaturen die bereikt worden in PDRs
en geschoktgaste onderschatten. Het onderscheid tussengebiedengedomineerd door
PDRs en schokken, tot nu toe problematisch, blijkt met behulp van de ISO gegevens
eenvoudig te maken. Met behulp hiervan suggereer ik in Hoofdstuk 10eenevolution-
air scenariowaarin het infrar ood spectrum van jonge sterren eerstgedomineerd wordt
door geschokt gas,waarna als de ster z'n omgeving schoonveegthet PDR dicht bij de
ster zichtbaar wordt en het spectrum gedomineerd wordt door straling van het PDR.
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Dankwoord

Dit proefschrift had niet tot stand kunnen komen zonder de steun van vele mensen.
Aller eerst wil ik mijn ouders en de rest van mijn familie bedanken voor alle liefde,
steun en aanmoediging die ze me de afgelopen 30 jaar hebben gegeven. Verder gaat
mijn dank uit naar mijn promotor, Xander Tielens, voor vele inspir erende gesprekken
en e-mails, zijn schier onuitputtelijke geduld met mijn persoontje gedurende de afge-
lopen drie jaar en niet te vergeten zijn fantastische kijk op de dingen, zowel binnen
als buiten de sterrenkunde. Tevens ben ik eeuwige dank verschuldigd aan mijn co-
promotor, RensWaters, voor de vele discussies,gesprekken, aanwijzingen en niet te
vergeten het af en toe betalen van eenrekening.

Het proefschrift dat hier ligt is voornamelijk gebaseerd op gegevensvergaard met
twee satellieten van de EuropeseRuimtevaartorganisatie ESA,Hipparcosen ISO. Zon-
der het voorbereidende werk en de vooruitziende blik van Pik-Sin Thé, Herman Tjin
A Djie, Christof fel Waelkensen Paul Wesseliushad ik niet over dezegegevenskunnen
beschikken en had dit proefschrift niet geschreven kunnen worden. Aan de analyse
en verwerking van de gegevensdie in dit proefschrift zijn gepresenteerd hebben ook
vele mensen bijgedragen of me de weg gewezen. Met name de co-auteurs van de
verschillende artikelen die als hoofdstukken in dit proefschrift zijn verwerkt zijn een
niet a�atende bron van inspiratie, steun, kennis en een volle IN BOX geweest: Claude
Catala,Dolf de Winter, Ewine van Dishoeck,Göran Sandell,Herman Tjin A Djie, Jeroen
Bouwman, Luigi Spinoglio, Paul Wesselius,Peter Blondel, Pik-Sin Thé, RensWaters,
SeanDougherty en Xander Tielens: bedankt voor de hulp!

Verder wil ik natuurlijk iedereenop het Anton PannekoekInstituut bedanken voor
het creëren van een geweldige sfeer en werkomgeving en niet te vergeten voor alle
taart. In het bijzonder wil ik alle leden en ex-leden van het “cir cus Rens” bedanken
voor hun steun, koekjes,brownies, taart, ijs, thee en aanverwante zaken. Alex, Ciska,
Issei, Jacco,Jan,Jeroen, Frank, Pat, Peer, Robert, Sacha:bedankt. Ik zal jullie missen!
Ook Arjan Volp en Finne Fortuin, het dynamische duo studenten dat ik het afgelopen
jaar hier heb mogen begeleiden, worden bij deze bedankt. Ik vond het in ieder geval
heel erg leuk, en ik hoop dat jullie er uiteindelijk ook zo over denken. O ja, en Marc:
nog bedankt voor de moorkoppen. Ze waren lekker!

Een apart woord van dank is er voor mijn paranimf, en kamergenoot op het ster-
renkundig instituut, Frank Molster. Hoewel ik eigenlijk niet goed weet of ik je hier

203



DANKWOORD / ACKNOWLEDGEMENTS

nu moet gaan bedanken voor de (als ik het goed heb uitgerekend, tenminste) 2000uur
die we samen afgekletst hebben, de 1500mokken thee die je voor me hebt gehaald,
de 750keer dat je m'n sleutelnummer hebt doorgebeld en de 3 uur die ik naar je CD's
en bandjes heb mogen luisteren. Ok, dan in ieder geval bedankt voor de vele weten-
schappelijke discussies,de fysieke verdediging bij de promotie en het me op de hoogte
houden van alle instituuts-r oddels! Ook mijn andere paraminf, en grote broer, Ron
van den Ancker, wil ik hierbij hartelijk bedanken. Zo zie je waar het overhoren van
je kleine broertje over de kaart van de planeten uit de jeugd-encyclopedie nog toe kan
leiden!

Dit dankwoor d zou niet compleet zijn zonder iemand te bedanken die voor mijn
start in de jonge-sterren businessheel belangrijk is geweest,en wiens visie op de ster-
renkunde en het leven in het algemeen ik bijzonder op prijs stel. Dolf, als jij me niet
besmethad met het onderzoeks-virus, had m'n leven er nu waarschijnlijk heel anders
uitgezien! Bedankt voor je steun, vriendschap en de bijna dagelijkse e-mails. Muchas
gracias,Dol�to!

Een belangrijk “dank-je-wel” is er ook voor de organisaties die me de afgelopen
jaren van �nanci ëlemiddelen hebbenvoorzien. In mijn levensonderhoud is in dezepe-
riode voorzien door NWO beurzen 781.76.015en 614.41.003aan Ewine van Dishoeck
en een NWO Pionier beurs aan Rens Waters. Voor het mogelijk maken van het vele
gereis dank ik het Leids Kerkhoven-BosschaFonds (LKBF), het Shell Reisfonds voor
promovendi, de Stichting Ruimte Onderzoek Nederland (SRON),de EuropeseZuide-
lijke Sterrenwacht (ESO)en NASA Ames Research Center.

Tenslotte wil ik iedereen bedanken die ik vergeten ben te noemen in het boven-
staande dankwoor d. Mijn eeuwige excusesdat ik je ben vergeten! Het ligt niet aan
jou, maar aan mijn vergeetachtigheid!
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